Chemistry Of Atmosphere-Surface Interactions
On Venus And Mars

Bruct FEGLEY, JR.!

Lunar and Planetary Institute, Houston, TX and Abteilung
Kosmochemie, Max Planck Institut fiir Chemie, Mainz, F.R. Germany

ALLAN H. TREIMAN

NASA Johnson Space Center, Houston, TX,
Cosmochemistry Research Associates, Inc., Seabrook, TX

We give a comprehensive review of the chemical interactions between the atmosphere and
surface of Venus. Earth-based, Earth-orbital, and spacecraft data on the composition of the
atmosphere and surface of Venus are presented and applied to quantitative discussions of the
chemical interactions between carbon, hydrogen, sulfur, chlorine, fluorine, and nitrogen gases
and plausible minerals on the surface of Venus. The results of our calculations are used to
predict stable minerals and mineral asemblages on the surface of Venus, to determine which,
if any, atmospheric gases are buffered by mineral assemblages on the surface, and to criti-
cally review and assess the prior work on atmosphere—surface chemistry on Venus. We then
briefly contrast Martian atmosphere-surface chemistry with that on Venus. Several specific
conclusions are presented. Some of these conclusions have been reached previously by other
authors, while others are new to this work. These include the following: (1) The CO3 pressure
on Venus is identical within the uncertainties in the thermodynamic data to the CO2 equi-
librium partial pressure developed by the calcite + wollastonite + quartz assemblage at the
mean Venus surface temperature of 740 K. However, the rate of this reaction under Venusian
surface conditions is not known and needs to be measured experimentally to determine if this
important reaction is capable of buffering CO2 on Venus. (2) Chemical equilibrium calcu-
lations using the published thermodynamic data on scapolite minerals predict that meionite
(carbonate-bearing scapolite) and sulfate meionite are unstable on the surface of Venus but
that marialite (chloride-bearing scapolite) is stable on the surface. (3) The fo, of the Venu-
sian lower atmosphere and surface is controlled by the CO/CO; ratio. It is too reducing for
hematite to exist on the surface of Venus, as implied by spectral reflectance measurements
made by Venera spacecraft. This apparent inconsistency may reflect kinetic inhibition of the
hematite to magnetite conversion or the existence of a stable ferric iron-bearing mineral on
the surface of Venus. (4) No pure hydrated silicates are thermodynamically stable on the
Venusian surface with the possible exceptions of tremolite and phlogopite which may be sta-
ble at high altitudes. However, in any case, the formation of hydrated silicates apparently
cannot explain the decreasing water vapor abundance near the surface of Venus. The least
objectionable explanation is the formation of HoCO3 gas. (5) Atmospheric sulfur gases are
not in chemical equilibrium with the Venusian surface. Laboratory reaction rate measure-
ments show that SO is the dominant sulfur gas on Venus because anhydrite formation, the
thermodynamically favorable loss process, is too slow to reduce the SOz abundance down to
the chemical equilibrium value. (6) The abundances of HCl and HF in the Venusian atmo-
sphere are buffered by mineral assemblages on the Venusian surface, although the assemblages
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suggested previously in the literature are incorrect. {7) No pure nitrogen-bearing minerals
are thermodynamically stable on the Venusian surface although small amounts of nitrogen
dissolved in silicates may constitute a significant fraction of the total nitrogen inventory on
Venus. (8) Observational evidence shows that the major carbon and oxygen bearing gases in
the Martian atmosphere are not in thermochemical equilibrium with each other. Furthermore,
the dominant gas COg is not in thermochemical equilibrium with pyroxene minerals believed
to be present on the Martian surface. If this were the case CO2 would be totally present in the
crust as carbonate minerals and N and Ar would be the dominant gases in the atmosphere.
(9) Extrapolations of high temperature reaction rate data to Martian surface conditions indi-
cate that at least some thermochemical weathering reactions may be kinetically inhibited on
Mars. However, studies of chemical weathering reactions in Antarctic soils and of terrestrial
weathering products found on the surfaces of Antarctic meteorites suggest that some ther-
mochemical weathering reactions may proceed on the Martian surface. (10) Thermodynamic
calculations predict that goethite [a-FeO(OH)] is unstable on the Martian surface, but its
presence is apparently indicated by reflection spectroscopy. This may be due to the kinetic
inhibition of goethite dehydration. However, the available kinetic data are inadequate for
determining if this is actually the case. (11) Other thermodynamically favorable reactions in-
clude the formation of COy clathrate hydrate at the Martian polar caps, oxidation of siderite
FeCOg3 and rhodochrosite MnCOg3 to hematite and pyrolusite, and the formation of hydrated
magnesium sulfates and chlorides and calcium chlorides. However with the possible exception
of CO2 clathrate formation, many of these reactions may be kinetically inhibited due to the
low temperatures on the Martian surface. (12) Theoretical models of Martian atmospheric
photochemistry predict the presence of many highly reactive species such as HoO4, HO2, OH,
Og, etc. at the Martian surface. The predicted abundance of H2O2 is slightly below the
spectroscopic upper limit. (13) Experimental studies of photochemically driven weathering
reactions such as the putative photo-oxidation of magnetite have yielded conflicting and con-
tradictory experimental results. In some cases these suggest that photo-oxidation is a viable

process while in other cases no reaction is observed.

INTRODUCTION

Venus and Mars provide two different natural laborato-
ries for studying chemical interactions between planetary
surfaces and the overlying atmospheres. The global mean
surface temperature on Venus is about 740 K and the global
mean surface pressure is about 95 bars. Only a few per-
cent of the solar flux incident on Venus manages to pene-
trate to the lower atmosphere below the clouds and the short
wavelength solar UV radiation capable of photolyzing CO3,
the dominant atmospheric gas, is stopped at high altitudes
above the clouds. In contrast, the Martian global mean sur-
face temperature is about 215 K and the global mean surface
pressure is about 6 millibars. In other words, the Martian
surface is about 530° colder than that of Venus and the Mar-
tian surface pressure is about 15,000 times smaller than the
pressure at the surface of Venus. Furthermore, photodissoci-
ation of CO9, which is also the dominant atmospheric gas on
Mars, occurs all the way down to the Martian surface. Venus
would therefore appear to be a good natural laboratory for
studying thermochemically driven atmosphere—surface reac-
tions while Mars would appear to be a good natural lab-
oratory for studying photochemically driven atmosphere-
surface reactions.

In this paper we present a detailed discussion of the chem-
istry of atmosphere-surface interactions on Venus. Instead
of simply reviewing all the previous results, which are some-
times contradictory and often irrelevant because of new ob-
servational data, we will present illustrative calculations that
update this previous body of work by incorporating the lat-
est observational results and thermodynamic data. We will
then discuss how thermodynamic models of atmosphere—

surface chemistry on Venus could be improved by labora-
tory measurements of new thermodynamic data, or aug-
mented by experimental studies of reaction rate kinetics.
We will then briefly compare atmosphere-surface interac-
tions on Venus to those on Mars. Finally we will conclude
by summarizing the important issues facing us today about
atmosphere-surface interactions on these two planets and
by suggesting theoretical, experimental, and observational
studies which can improve our knowledge of these impor-
tant questions.

ATMOSPHERE-SURFACE INTERACTIONS ON VENUS

In the late 1950’s, radio emission was detected from Venus
and it was found that the brightness temperature of the ther-
mal radio emission was 560173 K at 3.15 cm wavelength
[Mayer et al., 1958]. These measurements provided the first
observational evidence for the high surface temperature of
Venus, which was confirmed by the Mariner 2 encounter
with Venus in December 1962 [Barath et al., 1963, 1964].
Shortly afterward, Mueller [1963] pointed out that the de-
duced surface temperature of ~ 700 K “corresponds with
those attained during moderately high degrees of metamor-
phism on Earth. It is therefore possible that large parts of
the atmosphere of Venus are partially equilibrated with the
surface rocks. From this assumption, it follows that the com-
position of the atmosphere should reflect the mineralogical
character of the rocks.”

Subsequent investigators adopted Mueller’s hypothesis of
chemical equilibrium between the atmosphere and surface of
Venus in order to explore the consequences for atmospheric
chemistry and surface mineralogy. Mueller’s assumption is
probably qualitatively correct for some {although not all)



species. However, it should also be noted that the Venus
mean surface pressure of ~ 95 bars is significantly lower
than the maximum pressure of ~ 15 kilobars reached in
metamorphic reactions in the terrestrial crust and that the
H,O partial pressure of < 0.01 bars is significantly lower
than H,O pressures of several kilobars for many metamor-
phic reactions on Earth [e.g., see Vernon, 1976]. Both the
lower total pressure and the lower water vapor partial pres-
sure on Venus suggest that rates of gas—solid reactions at
the surface of Venus will probably be more sluggish than
the rates of analogous terrestrial metamorphic reactions, al-
though the trace amounts of HCl and HF present in the
atmosphere may increase reaction rates in some cases. Zolo-
tov [1986b] has qualitatively discussed other similarities and
differences between metamorphic and weathering reactions
on the Earth and Venus.

Basic information about the composition of the atmo-
sphere and surface of Venus is given in Tables 1 and 2, and a
representative atmospheric (P, T) profile and the surface area

TABLE 1. Composition of the Atmosphere of Venus*

Mixing Altitude
Gas Ratio Range References
CO, 96.5%+.8% <100 km Adams& Dunham 1932
von Zahn et al. 1983
H,O (1-40) ppm cloud top Bottema et al. 1965
Fink et al. 1972
(20-200) ppm  sub-cloud  see text
HCl 0.6 ppm cloud top  Connes et al. 1967
0.4 ppm cloud top  Young 1972
0.4 ppm cloud top  DeBergh et al. 1989
0.5 ppm 42 km Bézard et al. 1990
HF 5 ppb cloud top  Connes et al. 1967
10 ppb cloud top  Young 1972
4.5 ppb 42 km Bézard et al. 1990
CO 45410 ppm cloud top  Connes et al. 1968
51 ppm cloud top  Young 1972
(20-30) ppm sub-cloud Oyama et al. 1980
Gel'man et al. 1979
45 ppm 42 'm Bézard et al. 1990
N, 3.5%+.8% <45km  von Zahn et al. 1983
4%+2% 0-22 km Hoffman et al. 1980a
4%+.3% 0-22 km Istomin et al. 1979
(3.4-4.6%) sub-cloud Oyama et al. 1980
2.5%%.3% 22-42 km Gel’'man et al. 1979
SO, (20-600) ppb  cloud top  Barker 1979
Conway et al. 1979
Stewart et al. 1979
185443 ppm  sub-cloud Oyama et al. 1980
130435 ppm  sub-cloud Gel'man et al. 1979
(30-50) ppm 25-40km  Berto et al. 1987
H,S 342 ppm <20 km Hoffman et al. 1980a
Si-8 20 ppb sub-clond  Moroz et al. 1980
San’ko 1980
(2-10) ppm 25-40 km  Berto et al. 1987
cOSs 0.3 ppm sub-cloud  Bézard et al. 1990
SO 20410 ppb cloud top  Na et al. 1990
HDO 1.340.2ppm  sub-cloud DeBergh et al. 1991

*Excluding the noble gases.
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TABLE 2. Composition of the Surface of Venus
(Surkov et al., 1984, 1986a)
Chemical Composition (Mass % *1¢)

Oxide Venera 13  Venera 14 Vega 2
MgO 11.446.2 8.143.3 11.5+3.7
Al; O3 15.843.0 17.942.6 16+1.8
Si0, 45.1+£3.0 48.743.6 45.6+3.2
K,O 4.0+£0.63 0.240.07 0.11£0.08
CaO 7.1+£0.96 10.3+1.2 7.540.7
TiO, 1.59+0.45 1.2510.41 0.240.1
MnO 0.240.1 0.16+0.08 0.1410.12
FeO 9.3£2.2 8.8+1.8 7.7£11
SO3 1.62+1.0 0.8840.77 4.7+1.5
NapO* 2.04+0.5 2.440.4 2.0
Total 98.1% 98.7% 95.4%

*Calculated by Surkov et al.

distribution with altitude are illustrated in Figures 1 and 2.
The atmospheric composition data in Table 1 is based on
the comprechensive review by Von Zahn et al. [1983]; how-
ever, both references to the original discovery papers and
to the more recent literature are given in the table. A list
of the minerals discussed in this paper, their ideal chemi-
cal formulas, and the thermodynamic data sources used in
our chemical equilibrium calculations is given in Table 3.
The thermodynamic data for all gases are taken from the
JANAT Tables [Chase et al., 1985). The uncertainties given
on equations in this paper were calculated quadratically us-
ing the 20 uncertainties tabulated by Robie et al. [1979]
and Hemingway et al. [1982], the uncertainties given in the
JANATF Tables, the uncertainties given by different authors
for their measured thermodynamic data, and (in a few cases)
estimated uncertainties assigned by us. The sensitivity of
results to thermodynamic data and to the associated uncer-
tainties are discussed in more detail where it is appropriate
to do so.

Carbon Diozide and Carbon Compounds

Carbon dioxide is the most abundant gas in the atmo-
sphere of Venus (Table 1), and is also the most important gas
that is reacting with the Venusian surface. Although the at-
mospheric abundance of CO3 on Venus is well known, there
are no data on the elemental abundance of carbon in the
Venus crust nor on the presence and abundance of possible
carbon-bearing phases such as carbonates, scapolites, etc.
The Venera 13/14 and Vega 2 spacecraft, which analyzed the
Venusian surface by X-ray fluorescence spectroscopy, pro-
vided only elemental abundances for elements heavier than
magnesium and were not able to detect carbon (see Table
2). However, despite our lack of observational data about
the mineralogical composition of the surface of Venus, theo-
retical models of atmosphere-surface interactions on Venus
strongly suggest that carbonates are present on the surface
and are responsible for regulating the CO3 pressure in the
atmosphere. But before discussing these models we summa-
rize current knowledge of the carbon inventories of Venus
and the Earth.
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Fig. 1. Pressure-temperature profile for the atmosphere of Venus in the 0 to 90 km altitude region. The 60° latitude model of

Seiff [1983] was used to construct this plot.
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Fig. 2. Surface area distribution on Venus as a function of altitude. The vertical scales indicate the altitude from the median
planetary radius of 6051.5 km, and the atmospheric temperature and pressure. The highest (Maxwell Montes) and lowest (Diana
Chasma) points observed by Pioneer Venus are also shown. The Pioneer Venus radar altimetry data [Masursky et al., 1980;
Pettengill et al., 1980], which cover 93% of the planet, and the 60° latitude (P,T) model of Seiff [1983] were used to construct
this plot. Radar mapping of the entire planetary surface at higher resolution is likely to reveal points at both higher and lower

altitudes than those found by Pioneer Venus.

COy Abundances on Venus and Earth. The Venusian sur-
face pressure of 95 bars and the COg volume mixing ra-
tio of 0.965:40.008 correspond to a COs column density of
1.4 x 10%” molecules cm~2. For comparison, the CO2 mix-
ing ratio in the terrestrial troposphere is ~ 340 ppm in
nonurban regions and the corresponding column density is

~ 4.8 x 10%! molecules cm™2 or about 290,000 times smaller

than on Venus. However, according to Berner et al. [1983],
the total amount of carbon present as carbonate, organic
matter, etc. in the Earth’s crust is equal to 7.4 x 1028 CO,
molecules cm ™2 (or the equivalent of a global layer of cal-
cite ~ 0.5 km thick). This crustal inventory is similar to
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TABLE 3. Thermodynamic Data Sources for Minerals in this Paper

Mineral Name Ideal Chemical Formula Source for Data
Acmite NaFeSi,Og Bennington & Brown 1982
Akermanite Ca;MgSi, 07 Robie et al. 1979
Albite NaAlSizOg Robie et al. 1979
Andalusite Al,SiOg Hemingway et al. 1982
Anhydrite CaS0, Robie et al. 1979
Kelley et al. 1941
Anorthite CaAl,Si1,04 Hemingway et al. 1982
Annite KFe3AlSiz010(OH); Helgeson et al. 1978
Antarcticite CaCl,-6H,0 Glushko et al. 1965-82
Anthophyllite Mg78SigO22(OH), Berman et al. 1986
Artinite Mg2(OH),CO3-3H,0 Robie et al. 1979
Bassanite CaSOy - %HgO Kelley et al. 1941
Bischofite MgCl, - 6H,0 Glushko et al. 1965-82
Buddingtonite NH4 AlSi30s - %HgO No data available
Calcite CaCO;3 Robie et al. 1979
Calcium Nitrate  Ca(NO;), Parker et al. 1971
Chalcopyrite CuFeS, No calculations done
Chlorapatite Cas(P0O4)3Cl Zhu & Sverjensky 1990
Chloromagnesite  MgCl, Glushko et al. 1965-82
Chlorphlogopite KMg3AlSi30;0Cl, No data available
Chrysotile Mg3Si;O5(OH)y Robie et al. 1979
Corundum a— Al; O3 Robie et al. 1979
Cryolite NazAlFg Robie et al. 1979
Diopside CaMgSi,;0¢ Robie et al. 1979
Dolomite CaMg(COa), Robie et al. 1979
Enstatite MgSiO3 Robie et al. 1979
Epidote CayFeAl;Si304,(OH) Helgeson et al. 1978
Epsomite MgSOy4 - 7TH,0 DeKock 1986
Fayalite Fe,SiO4 Robie et al. 1979
Feroxyhyte é — FeO(CH) No data available
Ferrosilite FeSiO3 Helgeson et al. 1978
Fluorapatite Cag(PO4)sF Zhu & Sverjensky 1990
Fluor-edenite NaCagyMgs Siz AlOo5 Fy Graham & Navrotsky 1986
Fluorite CaF, Robie et al. 1979

Fluor-pargasite
Fluor-phlogopite

Fluor-topaz
Fluor-tremolite
Forsterite
Galena
Gehlenite
Gibbsite
Glaucophane
Goethite
Grossular
Gypsum

Halite

Hematite
Hexahydrite
Hydromagnesite
Hydrophilite
Hydroxyapatite
Jadeite
Kaolinite
Kieserite
Laihunite
Leonhardtite
Lepidocrocite
Leucite

NaC32 Mg4 Alg Sls 022 F2
I(Mgg A]SI3 010 F2

ALSIOWF

CazMgsSig 022F2

Mg, SiO,

PbS

Ca2A12 SIO7

Al(OH);3

Na.2Mg3A12 SiaOQQ(OH)2
o — FeO(OH)

Caz Al Siz0g2

CaSOy4 - 2H,0

NaCl

F6203

MgSO4 - 6H, O
Mgs(CO3)4(OH); - 4H,0
CaCly
Cag,(PO; )3OH
NaAlSi;Og
Al2S8i205(OH)4
MgSO4 -H,O
Fe?+Fel*Si; 04
MgSO4 - 4H, O
~ — FeO(OH)
KAISi; O

Westrich 1981

Westrich & Navrotsky 1981
Robie et al. 1979

Westrich 1981

Barton et al. 1982

Graham & Navrotsky 1986
Robie et al. 1979

Robie et al. 1979
Hemingway et al. 1982
Robie et al. 1979
Likhoydov et al. 1982
Robie et al. 1979
Hemingway et al. 1982
DeKock 1986 -

Kelley et al. 1941

Robie et al. 1979

Robie et al. 1979

DeKock 1986

Robie et al. 1979

Glushko ei al. 1965-82
Zhu & Sverjensky 1990 .
Rob‘ie et al. 1979
Hemingway et al. 1982
DeKock 1986

No data available

DeKock 1986

No data available

Robie et al. 1979

11
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Mineral Name

Ideal Chemical Formula

Source for Data

Maghemite v — Fea03 No data available
Magnesioferrite MgFe; 04 Robie et al. 1979
Magnesite MgCO; Robie et al. 1979
Magnesium Sulfate MgSO4 DeKock 1986
Magnetite Fe3 Oy Robie et al. 1979
Margarite CaAlySi;016(OH)- Hemingway et al. 1982
Marialite Nay [AlSi303]5Cl Semenov et al. 1981
Meionite Cay[AlSiO4]¢CO3 Moecher & Essene 1990
Microcline KAISi3Og Robie et al. 1979
Mirabilite NaySO4 - 10H,0 Robie et al. 1979
Monohydrocalcite CaCOj; -H,0O Robie et al. 1979
Monticellite CaMgSiO, Robie et al. 1979
Muscovite KAl;3Si3010(OH)2 Robie et al. 1979
Nepheline NaAlSiO4 Robie et al. 1979
Nesquehonite MgCO; - 3H,O Robie et al. 1979
Paragonite NaAl3Si3O019(OH)? Robie & Hemingway 1984
Pargasite NaCayMg4Al3SigO22(OH)2  Helgeson et al. 1978
Pentlandite (Fe, Ni)gSs No data available
Periclase MgO Robie et al. 1979
Phlogopite KMg3 AlSiz0,0{OH), Berman 1988
Helgeson et al. 1978
Portlandite * Ca(OH)2 Robie et al. 1979
Prehnite Ca; Al;Siz010{OH), Hemingway et al. 1982
Pyrite FeS, Robie et al. 1979
Pyrolusite MnO, Robie et al. 1979
Pyrophyllite Al,Si4 010 (OH)? Hemingway et al. 1982
Pyrrhotite Fe; xS, x~ 0 -0.125 Milis 1974
Quartz SiO, Robie et al. 1979
Rhodochrosite MnCO; Robie et al. 1979
Rhodonite MnSiO3 Robie et al. 1979
Sanderite MgSO4 - 2H,0 DeKock 1986
Sanidine KAIlSi3Og Robie et al. 1979
Sellaite MgF, Robie et al. 1979
Siderite FeCO3 Robie et al. 1979
Sodalite Nay{AlSiO4]3Cl Sharp et al. 1989
Sphalerite ZnS Robie et al. 1979
Spinel MgAl, Oy Robie et al. 1979
Sulfate Meionite Cay[AlS104]6S04 Moecher & Essene 1990
Talc Mg3S5i4010{0H)2 Robie et al. 1979
Tephroite Mn, SiO4 Robie et al. 1979
Thenardite NazS04 Robie et al. 1979
Tremolite Cap; MgsSig 022 (OH)2 Robie et al. 1979
Helgeson et al. 1978
Troilite FeS Robie et al. 1979
Wollastonite CaSiO3 Hemingway et al. 1982
Wiistite Fe 470 Robie et al. 1979

the amount of CO32 in the atmosphere of Venus, and if all
this carbon were released into the Earth’s atmosphere the
COg pressure would be ~ 53 bars instead of the current
~ 0.3 millibars. (This similarity was probably first noted
by Wildt {1942] but both the CO3 column density on Venus
and the terrestrial crustal abundance of carbon accepted at
that time have been superseded by better data.) Thus, the
CO; which is chemically combined in crustal rocks on the
Earth is instead found in the atmosphere on Venus because
of the high surface temperature. How is this massive COy
atmosphere interacting with the surface of Venus today?
Carbonate-Silicate equilibria and atmospheric COy. Urey
[1952, 1959] originally suggested that reactions such as

MgCO; + Si0; = MgSiO3 + CO; (1)
CaCO; + SiO; = CaSiOs + CO, (2)

could control or buffer the CO9 pressure in a planetary at-
mosphere. However, the low surface temperature accepted
at the time for Venus led Urey [1952] to dismiss reactions
(1) and (2) as irrelevant to Venus because the equilibrium
COg pressures at low temperatures are much lower than the
CO3 pressure in the atmosphere of Venus. He concluded
that “Venus owes its large nonequilibrium carbon dioxide
atmosphere to the slowness of the chemical reactions and
the lack of erosion, both the consequence of the absence of
water.”



After Mariner 2 confirmed Venus’ high surface tempera-
ture, theorists began to reconsider carbonate-silicate equi-
libria as potential CO buffers for the Venusian atmosphere
because the equilibrium CO3 pressures at high temperatures
are comparable to that in the Venus atmosphere [e.g., Adam-
cik and Draper, 1963; Lewis, 1968a, 1970a; Mueller, 1963,
1964a; Vinogradov and Volkov, 1971]. This is illustrated in
Figure 3 where the equilibrium CO; pressure as a function
of temperature for the wollastonite—calcite equilibrium [re-
action (2)] is compared to the observed CO3 pressure in the
near-surface atmosphere of Venus. The two curves intersect
at ~ 740430 K (~ 0£4 km) and at the mean Venus surface
temperature of ~740 K there is good agreement between
the calculated CO4 pressure of ~ 89 bars and the observed
COg, pressure of ~ 92 bars. In fact, this agreement is better
than that of any other carbonate-silicate buffer and sug-
gests that the wollastonite—calcite equilibrium is buffering
the CO- pressure in Venus’ atmosphere [e.g., Lewis, 1970a].
As we shall discuss later other carbonates may also be sta-
ble on the Venusian surface but apparently only in elevated
regions of limited areal extent.

Because buffer reactions such as equations (1) and (2)
have played a prominent role in chemical models of Venus
during the past 3 decades we will briefly review the basic
thermodynamic concepts involved in these models before
proceeding further. The equilibrium constants for reactions
(1) and (2) are given by the expressions:

()
(4)

where 3; is the thermodynamic activity of phase i and fco,
is the fugacity of COg. A pure mineral has unit activity

K1 = [amgsios /(amMgcos - asio, )] - fco,

K2 = [acasio, /{acacos - asio, )] - fco,
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and a mineral which is 2 component in a solid solution has
an activity which is proportional to its molar concentration
in the solid solution. Unless stated otherwise, we assume
that all the minerals involved in gas-solid reactions are pure
phases and have unit activity. However, solid solutions are
considered where it is appropriate to do so (e.g., olivine and
pyroxene). .

Likewise, the CO5 fugacity is related to the CO2 partial
pressure Pco, via a multiplicative factor ¢; known as the
fugacity coefficient. Fugacity coefficients are unity for ideal
gases and may be either greater than or less than unity
for real gases. They are useful because they allow us to
model the thermochemical equilibria involving real gases,
such as in the lower atmosphere of Venus by using tables
of thermodynamic data for ideal gases (such as the JANAF
Tables) combined with fugacity coefficients estimated from
the principle of corresponding states [e.g., as described by
Hirschfelder et al., 1954].

For the case of COy on Venus, the greatest deviations
from ideality would be expected to occur at the highest tem-
peratures and pressures near the surface. However, using the
principle of corresponding states we can show that ideality
is a good assumption for CO; on Venus because the surface
temperature is about 2.5 times the COy critical tempera-
ture (304 K) and the pressure is about 1.3 times the CO2
critical pressure (72 bars). Under these conditions the esti-
mated fugacity coefficient for COg is unity to a good first
approximation [e.g., see G.N. Lewis and Randall 1961].

We note that ideality is also a good assumption for all
other gases in the Venusian atmosphere as long as the G.N.
Lewis fugacity rule

(5)

f; (mixture) = y;fi(pure)

1 10 100 1000
T 1 T 7 ld\l T T T T 1T 1T T7T
660 -
< 680 | 4
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Fig. 3. A comparison of the observed and calculated CO3 pressures at the surface of Venus. The observed CO2 partial pressure is
simply 0.965 times the total pressure from Seiff [1983]. The calculated CO2 pressure is for reaction (2). The dashed lines show the
range of calculated CO9 pressures allowed by the uncertainties in the thermodynamic data. The calculated and observed curves
intersect at 740330 K (014 km). Refer to Fig. 2 to relate temperatures to altitudes on the surface of Venus.
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is valid. The G.N. Lewis fugacity rule relates the fugacity of
a pure gas i to its fugacity in a gas mixture where gas i has
a mixing ratio y;. Equation (5) is a good approximation at
low pressures where the gas phase is nearly ideal [Prausnitz
et al., 1986], as is the case for CO; on Venus. Thus, the use
of ideal gas chemical equilibrium calculations is justified and
introduces significantly less uncertainty into our conclusions
than does our imperfect knowledge of the atmospheric and
surface composition.

Now, going back to equations (3) and (4), we see that
since the thermodynamic activities of all minerals are as-
sumed to be unity, the equilibrium constant is simply the
COy3 pressure. Solving for this as a function of temperature
we obtain

logio Pco,(magnesite) = 8.62 — 4054(+112)/T  (6)
logioPco,(calcite) = 7.97 — 4456(4+98)/T. (N

Thus, at the Venusian surface temperature of ~ 740 K, the
magnesite-enstatite equilibrium develops a CO3 pressure of
~ 1,400 bars while the calcite-wollastonite equilibrium de-
velops a CO» pressure of ~ 89 bars. Just what do these CO5
pressures mean for the stability of magnesite and calcite on
Venus?

Basically, the observed CO9 pressure at the surface of
Venus is sufficient for calcite + wollastonite + quartz to co-
exist but not for magnesite + enstatite + quartz to coexist.
In other words, calcite + quartz will react to form wollas-
tonite until either reactant is consumed or the equilibrium
CQO9 pressure of 89 bars is generated, while magnesite +
quartz will react to form enstatite until either reactant is
consumed or the equilibrium CO; pressure of 1,400 bars
is generated. Conversely, if the assemblage wollastonite +
quartz + calcite is exposed to an external COj pressure
greater than the equilibrium pressure of 89 bars, wollas-
tonite + CO4, will react to form calcite + quartz until the
CO» pressure is reduced to 89 bars or until all wollastonite
is exhausted. Thus, the mineral assemblage wollastonite +
quartz + calcite buffers the CO9 pressure because variations
in the CO4 pressure {at constant temperature) are regulated
by gas—solid reactions.

At this point it is natural to ask what conditions are re-
quired for the calcite-wollastonite equilibrium to take place
on the Venusian surface. One of these conditions is that
the different solid and volatile phases involved in the re-
action are all present. Various authors have argued that
calcite is absent on Venus because on the Earth it is formed
by sedimentation from water. However, we note that cal-
cite is also found in certain igneous rocks, such as carbon-
atites, nepheline-syenites [Deer et al., 1963], and kimberlites
[Mitchell, 1986]. As discussed later, the observed HCI abun-
dance on Venus can be buffered by other mineral assem-
blages found in nepheline-syenites. Also, carbonatite mag-
mas have been suggested to explain Magellan radar obser-
vations of fluvial-like geologic features on Venus [Kargel et
al., 1991]. Kimberlite magmas have been suggested by Head

et al. [1991]. Furthermore we also note that the high D/H
ratio of ~1.6% on Venus [Donahue et al., 1982; DeBergh
et al., 1991] implies the existence of oceans and associated
calcite formation via inorganic sedimentation, on Venus at
some time in the past. (An alternative steady state model
advanced by Grinspoon [1987] to explain the high D/H ra-
tio is very sensitive to poorly constrained input parameters
such as the number and size of cometary impacts on Venus
over solar system history and is considered by us to be less
likely.) Thus, independent arguments suggest that calcite-
bearing igneous rocks are indeed present on Venus.
Another condition is that all the solid phases and the CO,
be in chemical contact. Orville [1974] has interpreted this
to mean that all the solid phases must be present in the
same igneous rock. In fact, this is the case in nepheline-
syenites and related types of alkaline rocks [v. Johannsen,
1938]. However, we note that the calcite + wollastonite +
quartz assemblage also could be formed from intimate mix-
ing of different types of fine-grained materials produced by a
combination of chemical and physical weathering processes
acting on igneous rocks without the necessity for all minerals
to have been present initially. For example, thermodynamic
calculations by Khodakovsky et al. [1979], which consider
the chemical weathering reactions when several major rock
types such as andesites, rhyolites, sodium alkaline basalts,
and potassium alkaline basalts are exposed to the Venusian
atmosphere, predict that significant amounts of calcite will
be formed from sodium and potassium alkaline basalts and
that significant amounts of quartz will be formed from an-
desites and rhyolites. In this regard it is interesting to note
that the Venera 8 gamma ray spectroscopic analyses for K,
U, and Th, and the Venera 13 X-ray fluorescence data for
major elements have been interpreted as a high-potassium
alkaline basaltic composition [Volkov et al., 1986; Baruskov
et al., 1986]. Another route for producing fine-grained cal-
cite by a combination of chemical and physical weathering
was proposed by Florensky et al. [1977] and later quanti-
fied by Nozette and Lewis {1982]. In this scenario, chemical
weathering of rocks at high elevations produces calcite that
is then abraded and blown into the hotter lowlands below.
In turn, reaction of the calcite + quartz assemblage will yield
wollasonite, as occurs in contact metamorphic rocks on the
Earth. Thus, several thermodynamically feasible routes lead
to the establishment of the calcite-wollastonite equilibrium.
Another important question is the amount of calcite re-
quired for buffering the CO5 pressure in the Venusian at-
mosphere. Unfortunately this information cannot be de-
rived from equations (2) and (4) because the equilibrium
constant for a buffering reaction does not depend on the
amount of solid material present; as long as some is present
the buffering can take place. However, it is possible to make
some mass balance calculations to illustrate how much cal-
cite may be required. The total inventory of atmospheric
CO3 on Venus corresponds to a global calcite layer ~ 0.87
km thick, but the amount of calcite required for buffering is
very much smaller because only variations about the CO»
equilibrium pressure of 89 bars for reaction (2) are involved.



For example, we can consider the effects from adding
COy to the Venusian atmosphere by volcanism, which is
the most plausible mechanism for perturbing atmosphere-
surface chemical equilibria on Venus. As we shall discuss
later in connection with SOj, a geochemical estimate for
the current rate of volcanism on Venus is in the range of
~ 0.4 — 11 km® yr~! with the most plausible value being
~ 1 km® yr~!. Assuming that the ratio of CO3 to total
sulfur in the erupted material is the same as the CO3 /SO,
ratio in the Venusian atmosphere and using published es-
timates for the amount of sulfur in the erupted material
[Fegley and Prinn, 1989)], approximately 7.5 x 10%2° CO,
molecules cm™2 yr~! will be erupted into the Venusian at-
mosphere for a total pressure increase of about 0.05 millibars
per year. Approximately 0.1 g cm~2 of calcite, equivalent
to a layer ~ 440um thick would have to be formed to bring
the CO; pressure back to that of the calcite-wollastonite
equilibrium. Conversely, a 0.05 millibar COy pressure drop
would consume the same amount of calcite, which would be
equivalent to about 5 millimeters of Venusian surface mate-
rial if all the CaO in the Venera and Vega analyses of the
surface is present as calcite. Even though all the observed
CaO probably is not present as calcite, extreme assump-
tions about the Venusian volcanism rate and volcanic gas
compositions have to be made to change the fact that very
small amounts of surface material are sufficient for buffer-
ing the likely COg3 pressure changes on Venus. Furthermore,
Lewis [1971a) suggested that materials which are more Ca-
rich than average Venus soil are probably responsible for the
buffer so the amount of material required is probably quite
small.

However, it still remains to be demonstrated that the rate
of the calcite-wollastonite reaction is sufficiently rapid for
equilibrium to be closely approached on a geologically short
timescale. Several kinetic studies [e.g., Jander, 1927; Repa,
1954; Gordon, 1971; Kridelbaugh, 1973; Tanner et al., 1985]
have been done on reaction (2), but we cannot quantitatively
estimate the rate of the calcite-wollastonite reaction on the
Venusian surface because the required kinetic data have not
been measured under the appropriate conditions.

For example, none of the studies measured the specific
rate (molecules cm ™2 sec™!), which is required to calculate
how fast CO;y will react with exposed wollastonite on the
Venusian surface. Also, the early kinetic studies are either
done under conditions that allowed the formation of sev-
eral other calcium silicates in addition to wollastonite [Jan-
der, 1927] or are only qualitative [Repa, 1954]. Kridelbaugh
[1973] studied the rate of decarbonation of calcite + quartz
powders in anhydrous CO3, but Tanner et al. {1985] have
pointed out that his data analysis and therefore his rate
equation are incorrect. Thus, his data cannot be used to
constrain COy production on Venus as Mueller and Kridel-
baugh [1973] have attempted to do. Unfortunately the stud-
ies of Gordon {1971] and Tanner et al. [1985] are probably
also inappropriate to Venus because these workers used bi-
nary CO3-H20 gas mixtures containing 4% H20 [Tanner
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et al., 1985] or 82% H,O [Gordon, 1971], while the lower
atmosphere of Venus contains only 20 — 200 ppm H,O.

The work by Gordon [1971], Kridelbaugh [1973], and Tan-
ner et al. [1985] suggests that the mechanism of the de-
carbonation reaction of calcite 4+ quartz is different under
anhydrous and “wet” conditions and the kinetics are also
probably different under anhydrous and “wet” conditions.
It is not clear if the mechanism for the carbonation reaction
of CO3 + wollastonite is also different under anhydrous and
“wet” conditions. However, the careful study of Tanner et
al. [1985] shows that the rate limiting step for the carbon-
ation reaction is quartz precipitation from a supercritical
CO9-H,0 fluid. If quartz precipitation remains rate limit-
ing under Venusian surface conditions, the reaction rate is
likely to be different than that measured by Tanner et al.
[1985] because of the different silica transport and precipi-
tation mechanisms required in the absence of water.

It is also interesting to ask if any other carbonates are
likely to be thermodynamically stable on the surface of Venus.
A detailed study by Lewis [1970a] of 19 different CO2 buffer
reactions involving carbonates shows that calcite is the only
carbonate stable on the Venusian surface at 740 K. This
study considered calcite, dolomite, magnesite, and siderite.
However, as Figures 4 - 6 illustrate, other carbonate—silicate
mineral assemblages may also be stable on the Venusian sur-
face, but probably only at the lower temperatures found in
the less extensive, higher elevation areas. The equilibria
displayed in Figures 4 - 6 are

MgCOs + MgSiO3 = MgzSiO4 + CO; (8)
logioPco, = 8.85 — 4903(+120)/T (9)

between magnesite + enstatite yielding forsterite + CO3,

CaMg(COs)2 + 4MgSiOs = 2Mg;SiO4+
CaMgSiz Og +2CO, (10)

logioPco, = 8.52 — 4511(+286)/T (11)

between dolomite + enstatite yielding forsterite + diopside
+ COg, and

2CaMg(C03)2 + S10; = 2CaCO3+
MngiO4 + 2CO, (12)

logioPco, = 8.95 — 4735(+122)/T. (13)

between dolomite + quartz yielding calcite + forsterite +
CO4. The CO4 pressures for these equilibria intersect the
observed CO2 (P,T) profile in the Venusian atmosphere at
~ 700+ 30K (~5+4km), ~660£70K (~ 10% 9 km),
and ~ 645 £ 25 K (~ 12 £ 3 km), respectively.

Thus, for reaction (8), the assemblage forsterite + CO3 is
stable at higher temperatures (lower elevations), the assem-
blage magnesite + enstatite is stable at lower temperatures
(higher elevations), and all phases coexist at ~ 700 + 30
K (~ 5+ 4 km). Likewise, for reaction (10}, forsterite +
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Fig. 5. As in Fig. 4 but for reaction (10). The intersection of the two curves is at 660£70 K (1049 km).

diopside + CO; are stable at lower altitudes, dolomite + en-
statite are stable at higher altitudes, and all phases coexist
at the ~ 660+ 70 K (~ 10£9 km) level. A similar interpre-
tation applies to reaction (12). Figures 3 - 6 illustrate that
with increasing altitude (i.e., decreasing temperature) on
the Venusian surface, first calcite, and then magnesite, and
finally dolomite become stable. However, the uncertainties
in the thermodynamic data translate into large uncertain-
ties in the altitude ranges within which the carbonates first
become stable.

This predicted hypsometric control of carbonate stability
on the Venusian surface was first discussed by Florensky et

al. [1977] and later studied in more detail by Nozette and
Lewis [1982] who suggested that “calcium- and magnesium-
rich weathering products are produced at high altitudes by
gas-solid reactions with igneous minerals, then removed into
the hotter lowlands by surface winds. These fine-grained
weathering products may then rereact with the lower atmo-
sphere and buffer the composition of the observed gases car-
bon dioxide, water vapor, sulfur dioxide, and hydrogen flu-
oride in some regions of the surface. This process is a plau-
sible mechanism for the establishment in the lowlands of a
calcium-rich mineral assemblage, which had previously been
found necessary for the buffering of these species.” However,
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show that dolomite is probably restricted to only the coolest temperatures (highest altitudes) on Venus.

we must emphasize that the rate of chemical weathering in
the cooler highlands will be markedly slower than in the
hotter plains regions.

Finally, we note that Zolotov [1991a] recently suggested
that rhodochrosite, MnCOg, is stable on Venus and pro-
posed that it is formed by the reaction

MnSiO3 + CO; = MnCO; + SiO, (14)

at all altitudes on the Venusian surface. In support of this
suggestion he calculated CO9 pressures of 60.9 bars at 740
K and 16.3 bars at 675 K. These calculated values are less
than the observed CO; pressure and if correct would mean
that rhodochrosite is stable on Venus.

However, we are unable to confirm Zolotov’s results and
find instead that the equilibrium CO» pressure for reaction
(14) is

logioPco, (rhodochrosite) =8.84 — 4405(+119)/T (15)

which corresponds to pressures of ~770 bars at 740 K and
~210 bars at 675 K. These calculated COy pressures are
considerably higher than those observed on Venus and mean
that rhodochrosite is unstable. We obtained similar results
for two other equilibria involving rhodechrosite

2MnCOs; + SiOz = MnzSiO, + 2CO,
logioPco, = 8.79 — 4388(+119)/T

MnCOj; + MnSiOs = Mn,SiO4 + CO,
logioPco, = 8.74 — 4371(£207)/T

(16)
(17)
(18)
(19)
and conclude that MnCOj is unstable over the entire Venu-
sian surface. It should also be noted that on the Earth
MnSiO3 and Mn3SiOy4 are found as components dissolved

in solid solution in low-Ca pyroxene and in olivine [Deer
et al., 1963]. If this also occurs on Venus then the equilib-

rium COg pressures for the reactions above are substantially
higher than those calculated for the pure minerals.
Scapolite Minerals. Another carbonate-bearing mineral
that may be stable on the surface of Venus is scapolite,
which is a three component solid solution commonly found
in calcium-rich metamorphic rocks on the Earth {Deer et al.,
1963]. The stabilities of the three end-members in the solid
solution can be calculated from the decomposition reactions

Cay [AIGSIG 024]003 = 3CaAl;S1, 05 + CaCO3 (20)
for the decomposition of meionite to anorthite + calcite,
Nay[Al3Sig 024]Cl = 3NaAlSi; Og + NaCl (21)

for the decomposition of marialite to albite + halite, and

Czu [AlsSls 024]804 = 3Ca.AIzSi2 08 + CaSO4 (22)
for the decomposition of sulfate meionite to anorthite 4+ an-
hydrite. The equilibrium constants for reactions (20)-(22)
are given by

logio K20 = 3.14 — 3468(i569)/T (23)
Ioglo Ky = —2.40 + 3082(:*:575)/T (24)
log10 K22 = 3.85 — 13976(:!:6]2)/T. (25)

These data show that both meionite and sulfate meionite
are unstable relative to the assemblages anorthite + calcite
and anorthite + anhydrite under all Venusian surface condi-
tions. At 740 K, assuming that anorthite + calcite coexist,
the calculated thermodynamic activity for meionite is ~0.03
with a range of ~ 0.005 — 0.2 being allowed by the uncer-
tainty in the thermodynamic data. Similarly, assuming that
anorthite + anhydrite coexist, the thermodynamic activity
for sulfate meionite is ~ 10715 at 740 K. Thus, an isolated
grain of meionite on the surface of Venus will spontaneously
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decompose to a mixture of anorthite + calcite, and an iso-
lated grain of sulfate meionite on the surface of Venus will
spontaneously decompose to a mixture of anorthite + an-
hydrite. Neither mineral is stable as a pure phase nor is a
binary solid solution of the two minerals stable under Venu-
sian surface conditions.

In contrast, the thermodynamic data of Semenov et al.
[1981] for marialite show that it is stable on the Venusian
surface relative to the assemblage albite + halite. Further-
more, the activity-composition relations for scapolite solid
solutions [Moecher and Essene, 1990] suggest that binary
solid solutions -of meionite + marialite will also be stable
on the surface of Venus. Barsukov et al. [1982, 1986] also
concluded that meionite-marialite solid solutions are stable
on Venus, but Volkov et al. [1986] and Zolotov et al. [1987]
reached exactly the opposite conclusion that scapolites are
not stable on Venus. However, none of these authors gave
the source of their thermodynamic data and their work must
therefore be viewed cautiously.

Although the thermodynamic data of Semenov et al. [1981]
show marialite to be stable on Venus, we are skeptical of this
result for several reasons. First, it is not clear if their data
refer to marialite in which Al-Si and anions are totally or-
dered, totally disordered, or in an intermediate state. The
degree of order/disorder affects the configurational entropy
and hence the Gibbs free energy of formation for the scapo-
lite sample. For example, Moecher and Essene [1990] show
that contributions from Al-Si disorder and anion disorder
may potentially comprise up to 12% of the total molar en-
tropy of meionite at 298 K. The resulting uncertainty in
AG} may be ~2 kJ/mole. It is impossible to estimate the
importance of similar effects in the samples studied by Se-
menov et al. [1981]. Second, Orville [1975] concluded that
marialite was unstable relative to albite + halite at 750°C
and 4 kb. However, the Semenov et al. data show that mar-
ialite is stable. Third, the Semenov et al. data also seem
to indicate a much greater stability for marialite than im-
plied by terrestrial occurrences [Deer et al., 1963]. Thus, we
believe that further thermodynamic studies of well charac-
terized marialite samples are required prior to drawing firm
conclusions about its stability on Venus.

The CO/CQO2 Ratio and the Oxygen Fugacity of the Lower
Atmosphere. Carbon monoxide was discovered in the at-
mosphere of Venus by Connes et al. [1968] who derived an
abundance of 45 4+ 10 ppm at the cloud tops. Young [1972]
reanalyzed the Connes spectra and gave a revised CO abun-
dance of 51 = 1 ppm. Subsequent in-situ measurements by
the Pioneer Venus and the Venera 11/12 gas chromatograph
experiments of the CO abundance in the lower atmosphere
of Venus gave mixing ratios of 32tg% ppm at 52 km, 30+ 18
ppm at 42 km, and 20+ 3 ppm at 22 km [Oyama et al., 1980)
and 28 & 7 ppm in the 36 to 42 km region and 17 + 1 ppm
at 12 km [Gel’'man et al., 1979; Marov et al., 1989]. More
recent Earth-based spectroscopic observations at 2.3um of
the night side of Venus give a CO mixing ratio of 45 ppm in
the 35 to 45 km altitude region [Bézard et al., 1990]. Within

error, this value is the same as that reported by Oyama et
al. [1980] for CO in the same altitude range.

Although CO is a trace constituent of the lower atmo-
sphere of Venus it is nevertheless an important gas because
the CO/CO; ratio in the hot, lower atmosphere probably
controls the oxygen fugacity (fo,) of the atmosphere and
probably also controls the oxidation state of the Venusian
surface. This point is easily illustrated by considering the
thermochemical equilibrium

2C0O 4 O, = 2CO, (26)
which has an equilibrium constant K¢ given by
Kas = (Xco,/Xco)? - (1/fo,)- (27)

Substituting the appropriate‘thermodynamic data and rear-
ranging yields

logiofo, = 2]0g10(Xc02/Xco) + 9.20—
29621(%19)/T (28)
which gives the fo, as a function of temperature (and thus
altitude) and the CO/CO;, ratio in the lower atmosphere of
Venus. Inserting the CO/COj; ratio at 22 km then yields

logiofo, = 18.57 — 29621(£19)/T (29)

which we will assume is valid in the range of 0 to 22 km. We
note that the Venera 11/12 gas chromatograph measured a
CO mole fraction of 17 + 1 ppm at 12 km altitude, but
within the combined experimental uncertainties, this value
is the same as the CO mole fraction of 20+ 3 ppm measured
by the Pioneer Venus gas chromatograph at 22 km.

The calculated oxygen fugacity as a function of tempera-
ture in the near surface region of Venus is shown in Figure
7 where it is seen that fo, ~ 107215 bars at ~ 740 K (the
temperature at the median planetary radius). However, if
the CO mixing ratio at the surface of Venus is actually lower
than the value of 20 ppm prevailing at 22 km then the oxygen
fugacity will be correspondingly higher. For example, CO
mixing ratios of 10 ppm and 5 ppm would lead to oxygen
fugacities of ~ 1072%9 bars and ~ 1072%3 bars, respec-
tively. On the other hand, it is difficult to imagine ways
to reduce the fo, below the value of 10~21-3 pars, which
is appropriate for 20 ppm CO, unless we somewhat arbi-
trarily assume that the oxygen fugacity of the near-surface
Venusian atmosphere is not fixed by the CO/CO3 ratio (and
thus not in equilibrium with the dominant atmospheric gas).
The results presented by Zolotov [1991d,e] reninforce these
conclusions.

Likewise, it is extremely difficult (if not impossible) to find
plausible mechanisms to increase the calculated O mixing
ratio of ~ 107238 predicted at the Venusian surface by ap-
proximately 20 orders of magnitude in order to have agree-
ment with the Oy mixing ratios of 44 &+ 25 ppm and 16 £ 7
ppm determined by the Pioneer Venus gas chromatography
experiment at altitudes of 52 km and 42 km, respectively
[Oyama et al., 1980} or with the O2 mixing ratio of 18 £ 4
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Fig. 7. The temperature dependent oxygen fugacity {CO/CO3) in the lower atmosphere of Venus is compared to the oxygen
fugacities buffered by different iron-bearing mineral assemblages which may exist on the surface of Venus. Mineral assemblages to
the right of the Venus atmosphere curve (CO/CO3) are more reducing; those to the left are more oxidizing. As originally noted
by Mueller [1964a], the oxygen fugacity at the surface of Venus is inside the magnetite Fe3O4 stability field. Neither wiistite
Fe 9470 nor hematite Fep O3 is stable under equilibrium conditions on the Venus surface. The two curves involving pyrite FeSy
are for oxygen fugacity buffers originally proposed by Mueller [1965] for the anhydrite + wollastonite buffer and by Lewis and
Kreimendahl [1980] for the anhydrite + calcite buffer. Both reactions are discussed in more detail in connection with sulfide/sulfate

equilibria on the surface of Venus.

ppm determined by the Venera 13/14 gas chromatography
experiment in the 35 to 58 km altitude region [Mukhin et al.,
1983]. However, it is important to note that these measure-
ments are also in conflict with the spectroscopic upper limit
of Xp, < 0.3 ppm at the cloud tops [Trauger and Lunine,
1983], with the upper limit of Xo, < 20 ppm anywhere be-
low 42 km which was determined by the Venera 11/12 gas
chromatography experiment [Gel’man et al., 1979], and with
the upper limit of Xgp, < 50 ppm anywhere below 60 km
altitude which was determined by the Venera 11/12 spec-
trophotometer experiment [Moroz, 1981].

It is also important to realize that the large O3 mixing
ratios reported by the Pioneer Venus and Venera 13/14 gas
chromatography experiments are incompatible with the ob-
served sulfur chemistry of the atmosphere. As Craig et al.
{1983] have shown, the unobserved species SO3 would be ei-
ther the dominant or the second most abundant sulfur gas
in the lower atmosphere if these large O mixing ratios are
correct. In fact, as shown in Table 1, SO is the dominant
sulfur gas in the atmosphere of Venus.

Therefore for these reasons we will assume that the re-
ported positive detections of Oy are in fact incorrect and
will not use them as constraints on either the fo, of the
Venusian atmosphere or the oxidation state of the Venusian
surface in our subsequent discussion.

Constraints on the Ozidation State of the Venus Surface.
Maueller [1963] was probably the first person to suggest that
the CO/CO3 ratio in the hot, lower atmosphere of Venus
provided a constraint on the oxidation state and mineralogy
of the surface of Venus. This constraint is due to gas-solid
reactions exemplified by

CO2(g) + 3“Fe0” = Fe;04 + CO(g) (30)
CO,(g) + 2Fe304 = 3Fe; 053 + CO(g) (31)

which relate the Fe oxidation state in minerals on the Venu-
sian surface to the oxidation state of the near-surface at-
mosphere. (Both here and elsewhere “FeQ” indicates that
a fictive component, and the appropriate thermodynamic
data, are used to represent wiistite, Fe 9470, which is non-
stoichiometric.) Despite the fact that CO had not yet been
detected on Venus, Mueller [1964a] was able to use Kuiper’s
[1952] upper limit of CO/CO; < 1073 to deduce that “Po,
> 102" atm at 700°K, which is in the center of the mag-
netite field.”

This conclusion is still valid today and is graphically illus-
trated in Figure 7 where we see that the CO/COg curve for
fo, is inside the Fe3Oy stability field over all temperatures
on the Venusian surface. The lower fo, end of the magnetite
field is given by the equilibrium with “FeQ”

6“Fe0” + Op = 2Fe; 04 (32)
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logiofo, = 13.055 — 30635(+690)/T. (33)

The upper {o, end of the magnetite field is given by the
equilibrium with Fe,O3
4Fe304 + Oy = 6Fe, 03
logiofo, = 14.71 — 25790(£600)/T.

(34)
(35)

Thus, magnetite is predicted to be stable on the Venusian
surface while“FeO” (wiistite) is predicted to be absent from
the Venusian surface because oxygen fugacities which are
~ T orders of magnitude more reducing than CO/CO, are
needed for wiistite to be stable. Likewise, FeaO3 (hematite)
is also predicted to be absent from the surface of Venus
because it requires fo, values about 25 times more oxidizing
than CO/COg in order to be stable.

Despite this fact, Zolotov [1987] has predicted that Fe;O3
will be stable in the Venus highlands at ~ 3 km altitude.
But this assertion is apparently based on the assumption
that the gas phase equilibrium (26) between CO and CO,
will be quenched at the 740 K value, while the gas-solid re-
action (34) between Fe3O4 and Fe, O3 will continue to reach
equilibrium. This is an unlikely situation because gas phase
reactions are generally more rapid than gas-solid reactions.
Thus, if the gas phase reaction is already quenched at a
higher temperature it is extremely unlikely that the slower
gas—solid reaction will continue to equilibrate. Furthermore,
the Fe304-FepO3 reaction (34) is noted for being sluggish
and slow to attain equilibrium [e.g., see O’Neill, 1988; Hem-
ingway, 1990]. Of course, as discussed in more detail below,
the rate of the magnetite — hematite conversion and the
reverse reaction should be measured under conditions ap-
propriate to the surface of Venus in order to quantitatively
assess Zolotov’s suggestion. But at the present time we be-
lieve that there is very little evidence in favor of the mag-
netite — hematite conversion being a facile reaction and we
will base the rest of our discussion on the result shown in
Figure 7 that magnetite is the stable Fe oxide over the entire
surface of Venus.

However, as Mueller and subsequent investigators have
realized [e.g., Lewis, 1970a, 1971b; Lewis and Kreimendahl,
1980; Mueller, 1964a, 1965; Zolotov, 1986a, 1991b], Fe ox-
ides are probably not the only Fe-bearing minerals present
on the surface of Venus and it is also interesting to con-
sider the stabilities of FeO-bearing silicates such as olivine
(Mg, Fe)2Si04 and low-Ca pyroxene (Mg, Fe)SiO3. These
minerals can interact with the CO, and CO in the Venusian
atmosphere via reactions exemplified by

2C0; + 3Fe2Si04 = 2Fe; 04 + 35102 4+ 2CO (36)
between CO; + fayalite yielding magnetite 4+ quartz + CO
and by

CO; + 3FeSiOs = FesO4 + 3810, + CO  (37)

between CO; + ferrosilite yielding magnetite + quartz +
CO.

Actually neither pure fayalite nor pure ferrosilite is ex-
pected on the surface of Venus. Ferrosilite, FeSiO3, does not
occur in nature and as Figure 7 illustrates, the calculated
fo, at the Venusian surface is ~ 4 orders of magnitude too
oxidizing for pure fayalite Fe2SiO4 to be thermodynamically
stable against oxidation to magnetite 4+ quartz. Instead
both fayalite and ferrosilite are probably present dissolved
in olivine and low-Ca pyroxene solid solutions formed with
the magnesium endmembers Mgs$i04 and MgSiO3. But
how much Fe3SiO4 or FeSiO3 can be dissolved in olivine or
low-Ca pyroxene under Venusian surface conditions?

We can answer this question by first using the equilib-
rium constants for reactions (36) and (37) to calculate the
activites of fayalite and ferrosilite in the two solid solutions
and then using activity-composition models to calculate the
compositions of the olivines and pyroxenes. Taking thermo-
dynamic data from Robie et al. [1979] and Helgeson et al.
{1978] we calculate that

Xco

logioar. = glogm + 0.364 + 1060(+160)/T  (38)
3 Xco,
1 Xco

logioar: = ~log,, +0.235 + 496(£146)/T  (39)
3 Xco,

where apa and af; are the thermochemical activities of fay-

alite in olivine and ferrosilite in low-Ca pyroxene. Again,
assuming a constant CO mixing ratio of 20 ppm we derive

logioara = —2.76 + 1060(+160)/T (40)
logioars = —1.326 + 496(+146)/T (41)

for Venusian surface conditions. Low-Ca pyroxene shows
nearly an ideal one-site solid solution between Fe and Mg
[Kern and Weisbrod, 1967] so we may use the aps from
equation (41) as the ferrosilite mole fraction X, in low-Ca
pyroxene.

However, olivine is not an ideal Fe-Mg solid solution at
Venusian surface temperatures. Instead it is nonideal and
is represented as a sub-regular two site solid solution using
equations modified from Wood [1987]

logioara = logioXF, + (1 — Xra)?(1 + 2Xra) - 438/T  (42)
logroars = logioXf, + (1 — Xro)?(1 — Xro) - 874/T. (43)

The fayalite mole fraction Xf; in olivine is then calculated
by solving equations (38) and (42) simultaneously. Table 4
shows the predicted compositions of olivine and low-Ca py-
roxene (along with the range of values due to the uncertain-
ties in the thermodynamic data) as a function of altitude.
The results of the thermodynamic calculations show that
under equilibrium conditions more Fe;Si0O4 dissolves in oli-
vine and more FeSiO3 dissolves in low-Ca pyroxene in rocks
in the highland regions than in the lowland regions of Venus.
In other words, the Fe?¥ content of olivine and low-Ca py-
roxene increases with increasing altitude (and thus with de-
creasing temperature) on Venus. At ~ 740 K (in the low-
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TABLE 4. Predicted Composition of Olivine and Pyroxene on the Venus Surface

Olivine Pyroxene

Altitude  Temperature logiofo, Mole % Fa Mole % Fs

{km) (K) (bars) and Range and Range
-4 770 -19.9 108 (84 - 13.9) 20.8 (134 - 32.1)
-2 755 207 110 (85 - 143) 214 (137 - 33.4)
0 740 215 112 (86 - 146) 221 (140 - 34.7)
2 725 223 115 (88 - 150) 228 (144 - 36.2)
4 710 232 117 (90 - 155) 236 (147 - 37.8)
6 695 241 120 (91 - 16.0) 244 (151 - 39.5)
8 679 251 123 (93 - 166) 254 (155 - 41.5)
10 663 -26.1 127 (95 - 17.2) 264 (159 - 43.8)
12 648 271 130 (96 - 17.8) 27.5 (164 - 46.1)

lands), olivine containing up to ~ 9-15 mole % Fe2SiO4
(Fag_15) and low-Ca pyroxene containing up to ~ 14-35
mole % FeSiOg (Fsy4_35) are predicted to be stable while
more Fe2%-rich olivine and low-Ca pyroxene will be oxidized
via reactions such as equations (36) and (37). However, at
~ 10 km altitude (e.g., on Maxwell Montes) where the tem-
perature is ~ 663 K, more FeZt-rich olivine (Fajz_37) and
low-Ca pyroxene (Fs16_44) are stable. For comparison we
note that Zolotov [1987] predicted that olivine with < 10
mole % FepSi04 and pyroxene with < 30 mole % FeSiO3
would be resistant to oxidation at ~ 735 K. Zolotov [1991b]
revised his prior results slightly and now predicts that only
much more magnesian pyroxene with < 10 mole % FeSiO3
will be stable at 735 - 745 K.

The thermodynamic predictions can also be compared to
the (limited) observational data about the oxidation state
of the Venusian surface. Pieters et al. [1986] used a com-
bination of the Venera 9/10 wide angle photometer mea-
surements and the Venera 13/14 color images to derive the
spectral reflectance of the Venusian surface in the 0.54um
- 1.0pum range. They found that at visible wavelengths the
spectral reflectance of the Venusian surface was not diag-
nostic about the Fe oxidation state (with either Fe?t- or
Fe3*_bearing minerals being acceptable), but that a high
reflectance in the near IR region apparently required Fe3t-
bearing phases. However, as Pieters et al. [1986] noted
and as Figure 7 graphically illustrates, with the exception
of magnetite, the presence of Fe3+-bea.ring minerals (e.g.,
hematite) is not consistent with thermodynamic equilibrium
predictions about the oxidation state of the Venusian sur-
face. How can the apparent discrepancy between the con-
clusions of Pieters et al. [1986] and the thermodynamic equi-
librium predictions be explained?

Obvious explanations such as instrumental artifacts and
the presence of minor phases with just the right spectral
reflectance properties have been discussed by Pieters et al.
[1986] who point out that such explanations are unlikely al-
though they cannot be totally rejected. They then suggested
that the two most plausible explanations left are either the
existence of a more oxidizing environment at the Venusian
surface or incomplete equilibrium between the surface min-
eralogy and the (more reduced) lower atmosphere.

From our previous discussion, we see that the postulated
existence of a more oxidizing environment near the surface
of Venus would require a lower CO mixing ratio near the
surface than is actually observed in the 12 — 22 km alti-
tude region. In fact, the CO mixing ratio must be decreased
to ~ 4 ppm in order to reach the Fe3O4-Fe;03 boundary.
Higher oxygen fugacities would require even lower CO mix-
ing ratios. However, extrapolating the apparent trend in
the Pioneer Venus and Venera 11/12 data for CO down-
ward to the Venusian surface gives a CO mixing ratio of ~
13 ppm, corresponding to fo, ~ 10~21-2) which is an order
of magnitude too reducing for hematite to be stable. We
also note that the “Contrast” experiment on Venera 13/14,
which qualitatively measured the fo, from the color change
taking place on an indicator plate as a result of the reactions

NasV,07; 4+ CO, + CO = V,04 + 2Nap,COs; (44)

Na, V207 4+ 2C0O =V,03 + 2Na2C03, (45)

indicated fo, < 10-2! [Florensky et al., 1983; Volkov et
al., 1986], which is inside the magnetite field. Thus, fo,
values > 107291 which are appropriate for the magnetite-
hematite boundary at ~ 740 K, appear unlikely but cannot
be definitively ruled out until either the CO mixing ratio or
the oxygen fugacity has been measured quantitatively in the
0 - 12 km altitude range on Venus.

The second possibility, that the surface mineralogy may
be incompletely equilibrated with the Venusian atmosphere,
is certainly plausible but it is impossible to evaluate quan-
titatively because the required reaction rate measurements
have not yet been made. As noted earlier, reaction (34)
which converts Fe304 and FesOj is slow at temperatures
below 1000 K [e.g., see O’Neill, 1988; Hemingway, 1990],
but the kinetics of this reaction have not been measured un-
der Venusian surface conditions. Likewise no kinetic data
are available for oxidation - reduction reactions between
other Fe3*- and Fe?*_bearing minerals. Thus, it is cur-
rently impossible to estimate the timescales for the reduc-
tion of any primary Fe3+-bearing minerals which may have
been brought to the surface of Venus in basaltic magma.

A third possibility, which was not considered by Pieters
et al. [1986], is that a stable Fe3*-bearing mineral may be
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produced on the Venusian surface as the result of chemical
weathering reactions. We studied this alternative quanti-
tatively for three ferric minerals for which thermodynamic
data are available. Acmite [ideally NaFe3*Siy0g), is a
Fe3+-bearing pyroxene commonly found in alkaline rocks on
the Earth [Deer et al., 1963]. Acmite stability on the Venu-
sian surface is controlied by redox reactions exemplified by

3Al1,S105 + 6NaFeS1, 06 + 3Si0; + CO = 2Fe; O+

6NaAlSizOs + CO, (46)
which has the equilibrium constant
logioKas = 13.92 + 4321(£1506)/T (47

from 600 to 800 K. Taking 20 ppm CO, equation (47) shows
that acmite is unstable under Venusian surface conditions;
at equilibrium the acmite thermodynamic activity is ~ 3 x
1073, which is far too low to be important even as a com-
ponent in pyroxene solid solution.

Magnesioferrite, MgFe2 Oy, is a spinel group mineral which
on the Earth is found with Fe>% partially substituting for
Mg?* [Deer et al., 1963]. The stability of MgFe;O4 on the
surface of Venus is controlled by redox reactions exemplified
by

3MgF€204 + 3Si05 + CO = 2Fe3 04+

in felsic rocks and exemplified by
3MgFe; 04 + 3MgSiO; + CO = 2Fe3 04+
3Mg23i04 + CO, (49)

in mafic rocks. The corresponding equilibrium constants are
logioKqs = 0.91 + 7225(+451)/T (50)
logioKas = 1.61 + 4678(£467)/T (51)

and the corresponding thermodynamic activities for magne-
sioferrite are ~0.01 in felsic rocks and ~0.08 in mafic rocks.
Thus, magnesioferrite is unstable as a pure phase; however,
it may be present as a minor component dissolved in mag-
netite. But it is unlikely that a magnetite-rich magnesiofer-
rite solid solution would give the spectral signature observed
by Pieters et al. [1986].

Finally, Nikolayeva {1989] suggested that chemical weath-
ering reactions could produce epidote [ideally CasFe3tAl,-
Si3012(OH)], which terrestrially is produced during retro-
grade metamorphism [Deer et al.,, 1963). However, as we
show later, epidote is thermodynamically unstable on Venus
because the water vapor content of the atmosphere is so
small.

Thus, none of the common ferric minerals for which ther-
modynamic data are available appear capable of explaining
the observations of Pieters et al. {1986]. No thermodynamic
data is available to assess the stabilities of other common

ferric minerals such as Fe3+-bearing phlogopite and amphi-
boles. However, the most interesting candidate mineral is
laihunite (ideally F62+Fe§+Si208) which is a nonstoichio-
metric distorted olivine-type mineral found in nature and
also produced by the oxidation in air of synthetic fayalite
[Kitamura et al., 1984; Kondoh et al., 1985]. Laihunite could
be produced during olivine oxidation on Venus via reactions
exemplified by

6Fe3* SiO4 + 4CO; = 3Fe®* FelSi, 05+

FeaO4 +4CO. (52)
Olivine oxidation has been studied by several investigators
[e.g., Champness, 1970; Haggerty and Baker, 1967; Wu and
Kohlstedt, 1988, and references therein]. However, all these
studies have been done in air and no information is available
on the analogous reaction in CO/CO9 gas mixtures.

Water and Hydrogen Compounds

The Abundance of Atmospheric Water Vapor. The
atmosphere of Venus is extremely dry. Earth-based spec-
troscopic observations from ground-based telescopes [e.g.,
Barker, 1975] and from high flying aircraft [Fink et al., 1972;
Kuiper et al.,, 1969] show that the atmosphere above the
clouds contains ~ 1 — 40 ppm water vapor and that the
amounts are variable. A variety of in situ spacecraft mea-
surements [e.g., see the reviews by von Zahn et al., 1983 and
Krasnopolsky, 1986] and recent Earth-based spectroscopic
observations [Bézard et al., 1990; Bell et al., 1991] show
that the atmosphere below the clouds contains ~ 20 — 200
ppm water vapor and that the amount is spatially and tem-
porally variable. For comparison, the terrestrial troposphere
contains ~ 1 — 4% water vapor.

It is difficult to measure the small amounts of water vapor
present in the atmosphere of Venus. Ground-based spectro-
scopic observations have to contend with interference from
the telluric water lines which are stronger than the water
lines in the atmosphere of Venus. In situ spacecraft exper-
iments, such as mass spectrometers, have to avoid (or be
corrected for) contamination from residual terrestrial wa-
ter in the instrument. Other spacecraft experiments, such
as gas chromatographs and water vapor detectors based on
conductivity measurements, have to avoid contamination by
the strong acids (e.g., HF, HCl, and H2S04) in the Venu-
sian atmosphere. In fact, many of the early ground-based
spectroscopic observations and many of the in situ measure-
ments were affected by such problems and incorrectly in-
dicated higher water vapor abundances than are actually
present on Venus.

For example, water vapor detectors using chemical ab-
sorbents such as P50s, LiCl, and CaCl, were flown on sev-
eral Venera spacecraft and on the Vega 1/2 spacecraft [Vino-
gradov et al., 1971; Surkov et al., 1983, 1986b). However,
these devices are susceptible to errors because of the pres-
ence of strong electrolytes such as HF, HC}, and H3SO4 on
Venus and generally indicated significantly higher H,O con-



tents than implied by Earth-based microwave observations
of sub-cloud water vapor [e.g., Janssen and Klein, 1981] or
than measured by other instruments on the same spacecraft.
Likewise, the Pioneer Venus (PV) gas chromatography ex-
periment [Oyama et al., 1980] reported significantly higher
H2O contents (of 5200 ppm at 42 km and 1350 ppm at 22
km) than either the PV mass spectrometer [see Fig. 8 in
Hunten et al., 1989; Hoffman et al., 1980b] or the scan-
ning spectrophotometer experiment on the Venera 11/12
and Venera 13/14 spacecraft [Moroz, 1983; Moroz et al.,
1979, 1983].

These apparent discrepancies have led to much debate and
theorizing about the water vapor content of the Venusian at-
mosphere below the clouds. For example, Grinspoon [1987]
and Grinspoon and Lewis [1988] take the global mean water
vapor abundance on Venus as 20 ppm, Lewis and Grinspoon
[1990] estimate a slightly higher global mean abundance of
50120 ppm, and Donahue in Hunten et al. [1989] suggests
that the global mean water vapor abundance is probably
200100 ppm. Furthermore data from the net flux radiome-
ters on the 3 Pioneer Venus small probes suggest that below
the clouds, the water vapor abundance is spatially variable
with mixing ratios of 20-50 ppm near 60° N latitude, 200—
500 ppm near 30° S latitude, and >500 ppm near the equa-
tor [Revercomb et al., 1985].

However several recent developments have probably re-
solved this issue in favor of the lower water vapor contents
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determined by optical spectroscopy and mass spectroscopy.
The first development is that an independent analysis of the
Venera 11/12 scanning spectrophotometer data by Young
et al. [1984] confirms the conclusions of Moroz et al. [1979]
that the water vapor content below the clouds is < 200
ppm and decreases to a value of ~ 20 ppm near the sur-
face of Venus. The second development is that the scanning
spectrophotometer experiment on the Venera 13/14 space-
craft also confirms the results of the earlier measurements
made on the Venera 11/12 spacecraft [Moroz, 1983; results
of Moroz et al. reviewed in Krasnopolsky 1986]. The third
development is that Donahue has been able to deconvolve
the contributions of terrestrial and Venusian water to peaks
in the PV mass spectrometer by virtue of the dramatically
different D/H ratios for water on the two planets. This de-
convolution leads to a water vapor profile similar to that de-
termined by Moroz and his colleagues. Finally, recent Earth-
based spectroscopic observations at 2.3um of the night side
of Venus give a H,O mixing ratio of 40 ppm in the 35 to 45
km altitude region [Bézard et al., 1990)].

Taken together these results suggest that on average the
water vapor content of the lower Venusian atmosphere is
~ 200 ppm at ~ 52 km and decreases to ~ 20 ppm near
the surface. However this water vapor profile is difficult to
explain. As shown in Figure 8, the water vapor profile on
Venus apparently reaches a maximum at ~ 50 to 60 km
and decreases at higher and lower altitudes. The decrease
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Fig. 8. The vertical distribution of water vapor in the atmosphere of Venus. The three different sets of measurements shown
are (1) Earth-based spectroscopic data [Barker, 1975; Fink et al., 1972; Kuiper et al., 1969), (2) Pioneer Venus Orbiting Infrared
Radiometer (PVOIR) data [Schofield et al., 1982], and (3) scanning spectrophotometer data from Venera spacecraft [Moros,
1983; Moroz et al., 1979, 1983]. Dashed lines showing the water vapor pressures over water ice and over concentrated sulfuric
acid solutions (calculated from JANAF data) are also shown. As originally noted by Young [1973], the decreasing water vapor
concentration near the cloud tops {60-70 km) is consistent with the low water vapor pressures over concentrated sulfuric acid
solutions. However, the dropoff in water vapor in the lower atmosphere of Venus is still unexplained although several possible

mechanisms have been suggested.
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at higher altitudes is consistent with the decreasing water
vapor pressure over the concentrated sulfuric acid droplets
that make up the clouds of Venus [e.g., see Young, 1973].
Concentrated sulfuric acid is a powerful dessicating agent
because of reactions exemplified by

H.0 + H,SO4 = H,0% 4+ HSO, (53)

which lead to very low concentrations of unbound H,O in
concentrated sulfuric acid solutions and thus to very low wa-
ter vapor pressures over these solutions. Thermodynamic
data (e.g., from the JANAF Tables [Chase et al., 1985])
shows that the resulting water vapor pressures over aqueous
sulfuric acid solutions containing 73 — 84 mass % H2SO4,
which make up the clouds of Venus {Young, 1973; Hansen
and Hovenier, 1974; Esposito et al., 1983], are low enough to
explain the observed water vapor mixing ratios at the cloud
tops of Venus. However, this mechanism cannot also explain
the decreasing water vapor abundance in the lower atmo-
sphere of Venus because the sulfuric acid solutions evaporate
via reactions exemplified by

H2504(aqueous) = H,O(g)} + SO3(g)
H2504(aqueous) = H,S04(g)

(54)
(55)

at the cloud base (~48 km) and are not present below this
level.

We note that the vertical and meridional distribution and
the temporal variation of water vapor in the lower atmo-
sphere of Venus can be probed using the newly discovered
infrared windows at 2.3um, 1.7¢m, and shorter wavelengths
[e.g., Kamb et al., 1988; Crisp et al., 1989; Bézard et al.,
1990; Bell et al., 1991]. Thus, we anticipate that in the
near future, Earth-based and Galileo NIMS observations will
greatly increase our knowledge of the abundance, distribu-
tion, and variability of water vapor in the lower atmosphere
of Venus. However, at present we are still left with a ques-
tion about the cause of the observed decrease in water vapor
at lower altitudes. Possible answers to this question will be
discussed in the next sections.

Hydrated Silicates.  One possibility to explain the low
water vapor abundance in the near-surface atmosphere is
the presence of hydrated minerals on the surface of Venus.
If these were stable on the Venusian surface they could pro-
vide a sink for atmospheric H2O by reaction of anhydrous
silicates with water vapor to form hydrated silicates. In ad-
dition, the presence of hydrated minerals would have impor-
tant consequences for the geochemistry, geology, and geo-
physics of the interior of Venus. Small amounts of water
markedly decrease the melting point of rocks, with as little
as 0.5% (by mass) decreasing the melting point by 200°. In
addition to decreasing the melting point, water also affects
the composition of the melt which is formed. Finally, other
physical properties such as the creep behavior of rocks are
dramatically affected by the presence of small amounts of
water.

The presence of hydrated silicates on the Venusian sur-
face was probably first suggested by Mueller [1964a,b]. He

assumed that the water vapor mixing ratio above the clouds
was indicative of that at the surface and then used the spec-
troscopic data of Bottema et al. [1964] to set a limit of
Pu,0 < 1073 to 10~2 bars at the surface. Mueller {1964a]
noted that “at 700°K such small quantities of water re-
quire that it must almost all be bound as structural water
in hydrous phases. The most likely phases to consider are
the hydrous silicates such as the amphiboles and micas.”
In particular Mueller [1964a] first suggested that a mica
mineral, phlogopite might be stable under Venusian surface
conditions. However, the lack of thermodynamic data for
many hydrated minerals combined with the lack of knowl-
edge about the actual water vapor partial pressure at the
Venusian surface prevented Mueller from making any defini-
tive predictions about hydrated silicate stability on Venus.

Problems with unavailable or unreliable thermodynamic
data and uncertainty about the actual water vapor content
of the lower atmosphere of Venus also plagued the work
of subsequent investigators [e.g., Lewis, 1968a,1970a; Lewis
and Kreimendahl, 1980; Khodakovsky et al., 1979; Barsukov
et al., 1980; Volkov et al.,, 1986). Thus, the literature is
full of conflicting predictions. For example, Lewis [1968a]
predicted that muscovite and phlogopite would be present
on the surface while Lewis [1970a], Lewis and Kreimendahl
[1980], and Nozette and Lewis [1982] calculated that mus-
covite and phlogopite were unstable and that the amphi-
bole tremolite would be present. Likewise, Khodakovsky et
al. [1979] predicted the presence of several hydrated min-
erals (epidote, glaucophane, tremolite, phlogopite, annite)
but Khodakovsky [1982], Barsukov et al. [1980] and Volkov
et al. [1986] later claimed that none of these phases were
stable on Venus. However, the Soviet work is contradicted
by the prediction of Nozette and Lewis [1982] that tremolite
will be stable at high altitudes on the Venusian surface even
with only 20 ppm water in the atmosphere. What hydrated
silicates (if any) are stable on Venus?

Tremolite[CaoMgsSigO22(OH)s]. Tremolite is an am-
phibole and is probably the most frequently suggested hy-
drated silicate on Venus. In order for tremolite to be stable
on Venus, the equilibrium H2O vapor pressure for the dehy-
dration reaction

CazMgssisozz(OH)z = H,0 + Si0, +

2CaMgSi> O¢ + 3MgSiO3 (56)
must be less than or equal to the HoO partial pressure in
the atmosphere. This critical value is ~ 0.002 bars at the
surface of Venus.

Taking thermodynamic data from Robie et al. [1979], the
equilibrium H2O vapor pressure for reaction (56) is

logioPr,0 = 8.05 — 6742(+1334)/T (57)

from 600 to 800 K. The corresponding water vapor mixing
ratios are tabulated as a function of altitude from 0 to 12
km in Table 5. Over this entire range, tremolite is thermo-
dynamically unstable on the Venusian surface because the



TABLE 5. Minimum Water Concentrations for Tremolite
Stability on Venus

Altitude Temperature Water Vapor Mixing Ratios
(km) (K) and the Range of Values
0 740 915ppm (15ppm -~ 5.8%)
2 725 670 ppm (10ppm - 4.6%)
4 710 490 ppm (6 ppm - 3.7%)
6 695 340 ppm (4 ppm - 2.9%)
8 679 230 ppm  (2.5ppm - 2.2%)
10 663 150 ppm (1.5ppm - 1.6%)
12 648 100 ppm (0.9 ppm - 1.2%)

amount of water vapor in the atmosphere is several times less
than the amount needed for tremolite to be stable. Within
the rather large uncertainties in the thermochemical data,
one could conclude that tremolite may be stable over this
entire altitude range. However, this conclusion is probably
incorrect.

Most of the uncertainty in the calculated equilibrium wa-
ter vapor pressure arises from the uncertainty in the de-
termination by HF acid solution calorimetry of the heat of
formation of tremolite [Weeks, 1956]. Robie et al. [1979]
used these data in their compilation. An independent as-
sessment of the thermodynamic properties for tremolite by
Helgeson et al. [1978], who used the results of high pressure
phase equilibria experiments [Boyd, 1959] instead of the HF
acid solution calorimetry work, also indicates that tremolite
is unstable on the surface of Venus. In this case, the calcu-
lated water vapor mixing ratio needed for tremolite stability
is ~ 2.7% at 740 K and decreases to ~ 0.4% at 648 K (at
12 km altitude).

Extrapolation of the water vapor mixing ratios in Table
5 to lower temperatures (and thus to higher altitudes) indi-
cates that tremolite could be thermodynamically stable at
~ 14 km and above. For comparison, Nozette and Lewis
[1982] concluded that tremolite would be stable at altitudes
of 16.3 km and higher. In this regard it is important to re-
member that the highest point measured on Venus by the
Pioneer Venus radar altimeter is ~ 11 km high [Masursky
et al.,, 1980]. However higher elevations are not excluded
by the PV radar altimetry which covered only 93% of the
planet at low resolution. But in any case from our calcu-
lations we can conclude that tremolite is probably unstable
on the extensive low-lying regions of the Venusian surface,
and if present at all could be found only in higher elevation
regions of limited areal extent.

This conclusion is tentative because of the disagreement
between the phase equilibrium data [Boyd, 1959] and the
calorimetric data [Weeks, 1956]. However, the recent data
of Jenkins et al. {1991} on the thermodynamic properties of
synthetic tremolite, which were published after our calcula-
tions were completed, show that tremolite is even less stable
than indicated by either Robie et al. [1979] or by Helgeson et
al. [1978]. If this is the case, then it is unlikely that tremo-
lite is thermodynamically stable anywhere on the Venusian
surface.
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Phlogopite{KMg3AlSizO19(OH)2]). Phlogopite is a mica,
an end-member of a solid solution series involving F-OH-CI
and Fe-Mg exchange. Here, we consider only the Mg-OH
end-member, which has often been suggested to be present
on the surface of Venus. The stability of an isolated phl-
ogopite grain on the Venusian surface is governed by the
dehydration reaction

2KMg3AlSi3010(OH)2 =2H,0 + 3MgQSiO4+

KAISi, O¢ + KAISiO4 (58)
and the equilibrium water vapor pressure in the 600 to 800
K range is

logioPry0 = 9.50 — 7765(+240)/T. (59)

This equation is calculated using thermodynamic data from
Helgeson et al. [1978] for phlogopite and data from Robie et
al. [1979] for the other phases.

The corresponding water vapor mixing ratios that are
required for the stability of isolated phlogopite grains are
tabulated in Table 6. We can see that phlogopite, like
tremolite, apparently requires water vapor mixing ratios of
~ 100 — 1000 ppm to be stable. These values are 5 to
50 times higher than the water vapor content measured by
Venera 11/12 and 13/14 near the surface of Venus. Within
the formal uncertainties in the thermodynamic data, iso-
lated phlogopite grains apparently could be stable at ~12
km and above on Venus.

However, a more recent assessment of the thermodynamic
properties of phlogopite by Berman [1988] leads to less nega-
tive AGS values and thus to higher equilibrium water vapor
pressures for reaction (58). Using Berman’s [1988] phiogo-
pite data instead of the Helgeson et al. [1978] data, the equi-
librium expression for reaction (58) is

logioPu,0 = 8.58 — 6774(+294)/T. (60)

At 740 K, the calculated water vapor pressure is ~0.27 bars,
or about 140 times higher than the Venera measurements
indicate. At lower temperatures (i.e., higher altitudes) the
equilibrium water vapor pressures calculated from Berman’s
data are significantly higher than the observed water vapor
abundances and than the equilibrium water vapor pressures
calculated from Helgeson’s data.

If solid-solid reactions are sufficiently rapid, the stability
of phlogopite will probably be influenced by reactions with

TABLE 6. Minimum Water Concentrations for Phlogopite Stability
on Venus

Altitude Temperature Water Vapor Mixing Ratios
(km) (K) and the Range of Values
[4) 740 1060 ppm (500 ppm - 2200 ppm)
2 725 730 ppm (340ppm - 1570 ppm)
4 710 490 ppm (230 ppm - 1070 ppm)
6 695 325 ppm (150 ppm - 720 ppm)
8 679 200 ppm (90 ppm - 460 ppm)
10 663 125 ppm (55 ppm - 280 ppm)
12 648 75 ppm (30 ppm - 180 ppm)
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other minerals in the surrounding rock. Phlogopite stability
in mafic (basaltic) rocks is controlled by the reaction

3MgSi03 + KMgsA]Si;; Olo(OH)z = KAlSi3Os+
3Mgzsi04 + H,O (61)

while phlogopite stability in felsic (granitic) rocks is gov-
erned by the reaction

35i0, + KMgs AlSisO10(OH), = KAISi3Os+
3MgSiOs + H,0. (62)

Taking thermodynamic data for phlogopite from Helgeson et
al. [1978] and from Robie et al. [1979] for the other phases,
the equilibrium water vapor pressures for reactions (61) and
{(62) are given by

log1oPr,0 = 8.68 — 6685(+425)/T (63)
logio Pu,0 = 8.48 — 5506(+408)/T (64)

respectively. Although the equilibrium expressions show
that phlogopite is more stable in mafic rocks than in fel-
sic rocks, the equilibrium water vapor pressures required
for phlogopite stability in both rock types are significantly
higher than the values near the surface of Venus. Recal-
culating equations (63) and (64) using Berman’s phlogopite
data leads to the same conclusion.

We conclude that although phlogopite thermodynamic
data from different compilations show surprisingly large dif-
ferences, phlogopite, like tremolite, cannot exist in low-lying
regions on the Venusian surface and if present at all, could
only be found in elevated terrain. But we should realize
that at these high altitudes (and low temperatures) the ki-
netics of phlogopite formation by the vapor phase hydration
of anhydrous silicates may inhibit phlogopite formation in
geologically reasonable times.

Talc, Epidote, Pargasite, and Muscovite. Talc is a hy-
drated magnesium silicate, epidote is a hydrated Fe3*_bear-
ing orthosilicate, pargasite is a hornblende in the amphibole
group , and muscovite is a mica. These are the only other
hydrated silicates (for which thermodynamic data are avail-
able) that have equilibrium water vapor pressures less than
the total pressure at the Venusian surface. Talc dehydration
occurs via the reaction

Mg3Si4010(OH)2 = H,0 + Si0s 4 3MgSi03 (65)
which has an equilibrium water vapor pressure given by
logio Pr,0 = 8.58 — 6088(+302)/T (66)

from 600 to 800 K. Epidote dehydration occurs via the re-
action

2CasFeAl,Sis O]g(OH) = H,0 4 Ca3zAlrSi3 012+
CaALSi»Os + SiO; + %Fe304 + %02 (67)

which has an equilibrium constant given by
logioKer = 10.01 — 9634(+437)/T (68)

from 600 to 800 K. Pargasite dehydration occurs via the
reaction

2NaCa2 Mg; Ala Sls O22(0H)2 = 2H20 + CaA]z Si205+
2NaAlSiO4 + 3CaMgSi2 O + 2Mg2Si0O4 + MgAL O, (69)

which has an equilibrium water vapor pressure given by
logio PH;O = 5.04 — 2911(:{:1728)/’1‘ (70)

from 600 to 800 K. Muscovite dehydration occurs via the
reaction

KAIaSigOlo(OH)Q = H,0 + AL O3 + KAISi2Os (71)

which has an equilibrium water vapor pressure given by
log1oPH,0 = 7.80 — 4765(£254)/T (72)

from 600 to 800 K. Thermodynamic data from Helgeson et
al. [1978] and Robie et al. [1979] were used to calculate the
equilibrium constants for the dehydration reactions.

In all cases, the water vapor mixing ratios needed for these
hydrated silicates to be stable far exceed the observed values.
Talc requires ~ 2% H2O, pargasite requires ~ 13% H,0,
and muscovite requires ~ 24% H2O to be stable at 740 K.
Because it contains Fe3*, epidote stability depends on both
the oxygen fugacity and the water vapor partial pressure. At
740 K, the equilibrium constant Kg7 for epidote dehydration
is

Ko7 = 107 = Py, 0 - 5/ (73)

and the corresponding water vapor mixing ratio is ~ 4%
for an oxygen fugacity of 10~21® bars. None of these four
minerals are stable at any point on the Venusian surface,
even when the uncertainties in the thermodynamic data are
taken into account.

Other Hydrated Silicates. The other hydrated silicates
for which thermodynamic data are available are paragonite,
glaucophane, margarite, chrysotile serpentine, anthophyl-
lite, prehnite, pyrophyllite, and kaolinite clay. Their equi-
librium water vapor pressures at the surface of Venus were
calculated using thermodynamic data from literature com-
pilations and the original experimental papers (see Table 3
for sources). The results of these calculations, which are
summarized in Table 7, show that none of these hydrated
silicates can be stable anywhere on the Venusian surface
because the equilibrium water vapor pressures exceed the
total atmospheric pressure. In this regard we note that an-
thophyllite, which Mueller [1970] had suggested would be
stable, requires Py,0 > 510 bars to be stable at 740 K on
the Venusian surface.

Amphibole and Mica Solid Solutions. Thus, our calcula-

tions show that no pure hydrated silicates are stable in the
extensive low-lying regions on Venus and that only tremo-

lite and phlogopite are possibly stable at elevations exceed-




TABLE 7. Equilibrium Water Vapor Pressures for Hydrated
Silicates on the Venus Surface (740 K)

Water
Mineral Ideal Vapor
Name Formula Pressure
Tremolite Casy Mg5 SigOs2 (OH)g 0.09 bars
Phlogopite KMg3 AlSiz 010 (0OH)2 0.1 bars
Talc Mg38Si O10(OH)2 2 bars
Epidote Ca,FeAl;Si301,(OH) 4 bars
Pargasite NaCas Mg, Al3SigO22(OH), 13 bars
Muscovite KAl38i3010(OH), 23 bars
Paragonite NaAl3Sis0,0 (OH), 110 bars
Glaucophane NayMgs Al;Sig O22 (CH)2 230 bars
Margarite CaAlsSi2 050 (0OH), 240 bars
Chrysotile Mg3Si,Os (OH)4 310 bars
Anthophyllite  Mg7SigO22 (0OH)2 510 bars
Prehnite CayAl; 813019 (OH)2 610 bars
Pyrophyllite Al;Si4 010 (OH), 620 bars
Kaolinite Al,Si;05 (OH)4 890 bars
Annite KFe;;AISigOlo(OH)z 12,600 bars

ing those observed by the PV radar altimeter. However on
the Earth amphiboles and micas frequently have complex
compositions [Deer et al., 1963]. Two of the observed sub-
stitutions that are important here are Fe?t substituting for
Mg?* and F~ substituting for OH™. What are the effects of
these substitutions on amphibole and mica stabilities? Un-
fortunately, this question is difficult to answer because very
few data are available on the thermodynamic properties of
the Fe-bearing and F-bearing endmember minerals or for
the relevant solid solutions.

Annite, which is the Fe-bearing analog of phlogopite, is
one mineral for which the necessary data are available. An-
nite dehydration occurs via the reaction

2KF€3A1813010(OH)2 + 02 = 2H2O + 2F6304+
2KAISizOs  (74)

which has an equilibrium constant

Kz = P%-I;O/foz (75)

dependent on both the water vapor pressure and the oxygen
fugacity. Thermodynamic data from Helgeson et al. [1978]
give the equation

log1oKre = 6.45 + 17217(£580)/T (76)

and taking fo, ~ 107215 bars yields Pr,0 ~ 10*! bars at
740 K. (Water vapor is certainly non-ideal at these pressures,
but inclusion of the proper non-ideality corrections will not
alter the conclusion that annite is thermodynamically un-
stable on the Venusian surface.) Thus, annite is much less
stable than phlogopite on Venus and any Fe substitution for
Mg in phlogopite will actually increase the amount of wa-
ter vapor required for phlogopite stability on Venus. Like-
wise, phase diagrams for ferro-actinolite, the Fe2+—bearing
analog of tremolite, show that it is less stable than tremo-
lite and decomposes at temperatures about 300° lower than
tremolite does at an oxygen fugacity defined by the fayalite-

FEGLEY AND TREIMAN 27

magnetite-quartz buffer [Gilbert et al., 1982]. These phase
diagrams indicate that Fe substitution for Mg in tremolite
will also decrease tremolite stability on Venus.

However F substitution for OH in amphiboles has the op-
posite effect and increases amphibole stabilities [e.g.,Gilbert
et al., 1982; Grigoriev and Iskiill, 1937; Comeforo and Kohn,
1954; Valley et al., 1982; Graham and Navrotsky, 1986]. For
example, the equilibrium temperature (AG = 0) for fluor-
tremolite decomposition via the reaction

Ca, Mgssigogz F, = CaF; 4+ 2510, + CaMgSigOe-{-
4MgSiO3  (77)
is 1136 £ 3°C at 1 bar versus an equilibrium temperature
of only 552°C at Pg,0 = 1 bar for the analogous tremolite
decomposition reaction [Gilbert et al., 1982].
Fluor-amphibole and fluor-phlogopite stability is consid-
ered later in connection with HCl and HF buffers; these
results show that fluor-tremolite, fluor-edenite, and fluor-
phlogopite are stable (within the uncertainties in the ther-
modynamic data) over a wide range of altitudes on the Venu-
sian surface. Thus, OH may be present in amphiboles and
phlogopite in solid solution with F, but, as shown above,
not as hydroxyl end-member minerals. Assuming ideal solid
solution of OH- and F-endmembers, we attempted to calcu-
late the mole fractions of dissolved tremolite and phlogopite
using the exchange reactions

2H20 + CazMgssisozz F2 = CazMgssis()Qz (OH)2+

2HF (78)
2H,0 + KMgsAlSi;;Osz + KMgsAlSlsOxo(OH)z-*—
2HF (79)
which have the equilibrium constants
logioK7s = —1.46 — 3915(+1167)/T (80)

logioKre = —2.44 — 2900(+1840)/T. (81)
However, the uncertainties in the thermodynamic data for
the tremolite and phlogopite exchange reactions are so large
that a wide range of tremolite and phlogopite mole fractions
up to unity are derived. The calculated minimum mole frac-
tions at 740 K are ~0.08 for tremolite and ~0.02 for phl-
ogopite. The analogous exchange reaction involving fluor-
edenite is not considered because no thermodynamic data
are available for edenite.

To summarize, no pure hydrated silicates are thermody-
namically stable on the Venusian surface with the possi-
ble exceptions of tremolite and phlogopite which may be
stable at high altitudes. Although stability of tremolite
and phlogopite is possible within the formal uncertainties
in the thermodynamic data, it is unlikely. The recently
published data on the thermodynamic properties of syn-
thetic tremolite [Jenkins et al., 1991] strengthen this con-
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clusion. Solid solutions of hydroxy- and fluor-amphiboles,
and of hydroxy- and fluor-micas such as tremolite solid so-
Iutions with fluor-tremolite and phlogopite solid solutions
with fluor-phlogopite may be stable on the Venusian sur-
face, but the uncertainties in the relevant thermodynamic
data are too large to permit any definitive predictions from
being made at present. High pressure phase equilibrium
experiments conducted by experimental petrologists show
that some amphibole and hornblende minerals are more sta-
ble than those considered here; however, these phases could
not be considered because of a lack of thermodynamic data.
These minerals include edenite [NaCasMgsSi7 AlO22{OH)2],
some members of the richterite family, and some alkali am-
phiboles; they are discussed by Gilbert et al. [1982]. Fur-
thermore, as noted above, the existing thermodynamic data
for phlogopite need to be measured with greater precision
to better constrain the stability of this mineral on the sur-
face of Venus. Thus, further work on basic thermodynamic
data for several amphibole, hornblende, and mica minerals
is needed before firm conclusions can be drawn about the
stabilities of hydrated silicates on the surface of Venus and
their potential as a sink for water vapor.

Molecular Hydrogen.  Another proposed sink for water
vapor in the lower atmosphere of Venus is the formation of
molecular Hy by the oxidation of Fe-bearing minerals on the
surface of Venus. These reactions are exemplified by

2H,20 + 3FesSiOy = 2Fe3 O4 + 3510, + 2H, (82)

logioKs2 = —4.80 + 791(+480)/T (83)

between HyO + fayalite yielding magnetite + quartz + H,
and by

H20 4 3FeSi0; = FesO4 + 3810, + H»
10g10K54 = —2.56 + 499(:&438)/’[‘

(84)
(85)

between H2O + ferrosilite yielding magnetite + quartz +
Ho.

Combining these equilibrium constants with the fayalite
and ferrosilite activities calculated earlier, we find that at
740 K the equilibrium Hy mixing ratio at the Venus surface
is only ~3 ppb. This is approximately 7200 times lower than
the observed HoO mixing ratio.

In this regard, we also note that two different spacecraft
experiments have reported molecular hydrogen on Venus.
The first report was by Taylor et al. [1980] who interpreted
the mass 2 peak observed by the Pioneer Venus Orbiter Ion
Mass Spectrometer (PV OIMS) as H; Kumar et al. {1981}
analyzed these data and derived an H, mixing ratio of 10
ppm at altitudes below 140 km. However, Hartle and Tay-
lor [1983] and Kumar and Taylor [1985] later examined and
modelled the PV data in more detail and concluded that the
mass 2 peak is due mainly to D¥ with <0.1 ppm H; (at the
130 km level). The second report was by the Venera 13/14
gas chromatography experiment which supposedly detected
25410 ppm Hjy in the 49-58 km altitude range [Mukhin et

al., 1983]. However, as described earlier, this experiment
also detected a similar amount of O in approximately the
same altitude range. The similar Hy and Oy mixing ratios
are thermodynamically inconsistent; one or both must be
incorrect. The problems with the carrier gas flow in the
Venera 13/14 gas chromatography experiment [Krasnopol-
sky, 1986} lead us to believe that none of the peaks were
identified properly. Thus, we also discount the H, identi-
fication of Mukhin et al. [1983]. However, even the upper
limit of <0.1 ppm Hs deduced by Kumar and Taylor [1985],
which is still significantly higher than the thermodynamic
equilibrium value, is too low to provide a sink of the re-
quired magnitude for water vapor.

Gas Phase Sinks. Hydrogen sulfide. The formation of
H3S via reactions exemplified by

H20 + COS = CO; + H,S (86)

has also been suggested as a sink for water vapor, and ap-
parently received observational support with the reported
detection of 80140 ppm H2S and 40£20 ppm COS in the
29-37 km altitude range by the Venera 13/14 gas chromatog-
raphy experiment [Mukhin et al., 1983]. However, as noted
above, problems with the carrier gas flow [Krasnopolsky,
1986] during these measurements apparently caused prob-
lems with peak identifications for almost all compounds.
Thus, the derived COS and H2S abundances are suspect.
Furthermore, Bézard et al. [1990] have detected COS at a
much lower level of ~0.3 ppm in the 35-45 km altitude
range. Assuming that the COS mixing ratio is constant
down to the surface, and using the equilibrium constant

IOg)o Kgs = —0.15 + 1810(:t69)/T (87)

for reaction (86), we find that the predicted H,S mixing
ratio is ~1 ppb at the surface (740 K). The equilibrium
HjS mixing ratio increases only very slightly with decreasing
temperature to ~5 ppb at 600 K and is clearly insufficient
to serve as a water vapor sink.

Carbonic acid gas. Recently, Lewis and Grinspoon {1990}
have suggested that formation of carbonic acid.gas via the
reaction

H,0 4+ CO, = H.CO; (88)

serves as a water vapor sink in the lower atmosphere of
Venus. On the basis of estimated thermodynamic data, they
calculate the equilibrium constant for reaction (88) as

longgs = 0.43 — 1310/T (89)

with an uncertainty of a factor of 2 to 3. Assuming con-
servation of hydrogen atoms between water vapor and car-
bonic acid gas, Lewis and Grinspoon then calculate vertical
profiles for these species. Figure 9, modified from their pa-
per, shows a representative calculation including HoSO4 gas
which is also included in their modelling.

The high CO3 pressure in the lower atmosphere of Venus
drives reaction (88) to the right and produces significant
amounts of H;CO3 gas (~80% of total hydrogen) at the
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surface of Venus. The equilibrium H;O mixing ratio of ~
10 + 4 ppm is consistent with the observed value of ~ 20
ppm.

However, we feel that there are two potential problems
with this explanation. One is that HoCOj3 gas has not been
isolated or characterized spectroscopically, but has only been
proposed on the basis of a peak in the mass spectrum of
decomposing NH4HCO3 solid [Terlouw et al., 1987]. A sec-
ond problem is that the formation of significant amounts of
H,COgj3 gas implies fugacity coefficients less than unity in
H,0-CO5 gas mixtures and negative deviations from ideal-
ity for the molar volumes of mixing (AVy) in HoO-CO,
gas mixtures. However, these mixtures display positive de-
viations from ideality [e.g., Kerrick and Jacobs, 1981}, which
indicates a tendency for unmixing instead of a tendency for
compound formation. Thus, before the Lewis and Grin-
spoon model can be accepted, it is clearly necessary to ver-
ify the existence of the postulated carbonic acid gas and to
quantitatively determine its thermodynamic properties.
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Deuterium. Measurements made by the Pioneer Venus
ton and neutral mass spectrometers provided the first ev-
idence for deuterated species in the atmosphere of Venus.
McElroy et al. [1982] interpreted the mass 2 peak observed
by the Pioneer Venus Orbiter Ion Mass Spectrometer as D*
and derived a D/H ratio ~ 10~ 2. Subsequently, Hartle and
Taylor [1983] derived a D/H ratio of 2.2(%£0.6) x 10~2 from
the same data. Kumar and Taylor {1985] later derived D/H
ratios of 1.4% and 2.5% from analyzing PV OIMS data from
two orbits. Within the uncertainties, all values are proba-
bly consistent and are ~ 100 — 160 times higher than the
terrestrial value of ~ 1.6 x 10~ [Craig, 1961]. However, as
mentioned earlier, the identification of the mass 2 peak as
Dt is not unique and Taylor et al. [1980] and Kumar et al.
[1981] identified the same peak as H'{

Donahue et al. [1982] showed that the data obtained by
the PV Large Probe Neutral Mass Spectrometer during the
time the inlet was clogged (presumably by sulfuric acid cloud
droplets) are consistent with a Venusian D/H ratio ~ 1.6 x
10~2. However, this analysis was questioned by Bertaux
and Clarke [1989] who used an upper limit on the Venu-
sian deuterium Lyman-o emission obtained from observa-
tions by the International Ultraviolet Explorer satellite to
derive D/H < 5 x 1072 for Venus.

Deuterated water vapor HDO was detected by infrared
spectroscopy (at 3.6 pm) in the Venusian atmosphere by
DeBergh et al. {1989] who found a HDO mixing ratio of
~ 0.1 ppm above the clouds. When combined with previous
H20 observations [e.g., Barker, 1975; Fink et al., 1972] a
D/H value at least 3 times greater than the terrestrial value
was implied.

More recently, DeBergh et al. [1991] have observed HDO
and H5O on the night side of Venus at 2.3 um, which probes
the Venusian atmosphere in the 35 to 45 km altitude region
[Bézard et al., 1990]. They find an HDO mixing ratio of
1.34+0.2 ppm and an H3O mixing ratio of 34+10 ppm, cor-
responding to D/H = (1.9 0.6) x 10~2, or 120440 times
the terrestrial value, in agreement with the determination
by Donahue et al. [1982].

Deuterated water HDO is the major deuterium reservoir
in the atmosphere of Venus. However, exchange of deu-
terium in this reservoir with hydrogen combined in other
gases via equilibria such as

H; + HDO = HD + H,0 (90)
HCl + HDO = DCI + H,0 (91)
HF + HDO = DF + H,0 (92)
H,S + HDO = HDS + H,0 (93)
H,S04 + HDO = HDSO, + H,0 (94)

leads to the production of other, less abundant deuterium-
bearing gases.

Fegley [1989] calculated the deuterium fractionation fac-
tors for several gases (DF, DCIl, HDS, HD) as a function
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of temperature and altitude by using thermodynamic data
tabulated by Richet et al. [1977). The results of these cal-
culations are displayed in Figures 10-13. The deuterium
fractionation factor « is defined as

agas = [(D/H)gas]/[(D/H)s50]

and is related to the abundances of the different deuterated
gases by equations such as

(95)

HD/H, = HDO/H,0 - ay, (96)
DCI/HC! = HDO/H,0 - 2anci (97)
DF/HF = HDO/H,0 - 2aur (98)
HDS/H,S = HDO/H,0 - an,s. (99)

The equilibrium abundances of these deuterated species cal-
culated from the o values in Figures 10-13 are predicted to
be substantial, especially if the deuterium exchange equilib-
ria are established at the Venusian surface where the gas
phase reactions may be catalyzed by Fe-bearing minerals.
For example, the predicted DCI/HCI ratio is ~ 3% if reac-
tion (91) is quenched at the surface (740 K) and DCI/HCl is
~ 1% if reaction {91) is quenched at the cloudtops (250 K).
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for deuterium exchange between HoS + H2O in the atmosphere
of Venus. The HDS/H2S molar ratio is equal to o times the
HDO/H20 molar ratio.

The upper limit of <8% for DCI/HCI reported by Buie et
al. [1982] is consistent with these predictions and suggests
that more sensitive observations of DCI, DF, etc. are worth
pursuing in order to obtain independent estimates of D/H
on Venus.

Sulfur-Bearing Gases and Minerals

Atmospheric Abundances of Sulfur Gases. Sulfur dioxide
was discovered on Venus by three different groups at about
the same time [Barker, 1979; Conway et al., 1979; Stewart et
al., 1979]. Their ultraviolet spectra of the region above the
clouds showed SO mixing ratios of <20 ppb to ~600 ppb
with higher values being observed for longer path lengths
in the Venusian atmosphere. As noted by Barker [1979]
this behavior is consistent with photochemical destruction
of SO3 in the upper atmosphere of Venus [e.g.,as modelled
by Winick and Stewart, 1980]. Subsequent long-term obser-
vations of SOy by Esposito and colleagues [Esposito, 1984;
Esposito et al., 1988; Na et al., 1990] show a decline in SOy
mixing ratios above the clouds from 380+80 ppb in 1978 to
50420 ppb in 1986. This decrease is also comsistent with
the photochemical destruction of SO3 to form H2SO4 cloud
particles. The higher SO, mixing ratios observed in 1978-79
can be interpreted as evidence for an injection of SO; into
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for deuterium exchange between HCl + H20 in the atmosphere
of Venus. The DCI/HCI molar ratio is equal to 2« times the
HDO/H20 molar ratio.

the Venus upper atmosphere by active volcanism [Esposito,
1984).

The first observations of SO9 below the clouds were made
by Pioneer Venus and Venera 11/12. The Pioneer Venus gas
chromatography experiment observed 185143 ppm SO3 at
22 km altitude [Oyama et al., 1980). The Venera 11/12 gas
chromatography experiment reported 130+35 ppm SO3 in
the 0-42 km altitude range [Gel’'man et al., 1979]. The only
subsequent measurement of SO; below the clouds is that of
Berto et al., [1987] who reported 30-50 ppm SOz in the 25-
40 km altitude range from the scanning spectrophotometer
experiment on the Vega 1/2 spacecraft. However, the results
of Berto et al., [1987] also indicate significant supersatura-
tion of elemental sulfur vapor and must be interpreted with
caution. Finally, Steffes et al. [1990] used Earth-based mi-
crowave observations to derive model-dependent upper lim-
its on the SOo abundance below the clouds. This is done by
analyzing the continuum absorption in the microwave spec-
tra. Steffes et al. [1990] interpreted their upper limits as
showing a decrease in SO, below the values measured ear-
lier, but in fact their upper limits are generally consistent
(within the uncertainties) with the earlier Pioneer Venus and
Venera 11/12 observations.
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The other sulfur-bearing gases which have been reported
in the atmosphere of Venus are SO, COS, H,S, H,SOy4,
and elemental sulfur S;. Na et al. [1990] discovered SO
on Venus. Their ultraviolet observations yield 20410 ppb
SO above the clouds. Carbonyl sulfide COS was first unam-
biguously observed by Bézard et al. [1990] in their 2.3um
observations of the night side of Venus. They found ~0.3
ppm COS in the 35-45 km altitude region. A preliminary
detection of 342 ppm H3S below 20 km altitude was re-
ported by Hoffman et al. [1980a] and an upper limit of 2
ppm HsS was reported by the Pioneer Venus gas chromatog-
raphy experiment at 22 km altitude [Oyama et al., 1980].
Sulfuric acid vapor has not been observed spectroscopically,
but Steffes et al. [1990] have interpreted the continuum ab-
sorption in their microwave spectra as requiring a few ppm
gaseous H2504. This is consistent with the extensive evi-
dence showing that aqueous sulfuric acid droplets constitute
the cloud particles [Esposito et al., 1983]. Elemental sulfur
vapor is interpreted to be the source of the strong absorp-
tions observed in the 450 to 600 nm wavelength region by
the scanning spectrophotometer experiment on the Venera
11/12 spacecraft [Moroz et al., 1979, 1980]. San’ko [1980]
analyzed these observations and calculated the abundance
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of the different elemental sulfur vapor species assuming gas
phase thermodynamic equilibrium between them. He found
a total elemental sulfur mixing ratio (Sx, x = 1-8) of ~20
ppb in the 0-50 km altitude region with Sy being dominant
below ~30 km. Zolotov [1985] redid these calculations and
obtained generally similar results to those of San’ko [1980].

The Moroz et al. [1979, 1980] data and the models of San’ko
{1980] and Zolotov {1985] rule out the much higher (~0.6%)
elemental sulfur mixing ratios proposed by Young [1979] to
explain earlier Venera photometer data. As noted above,
Berto et al. {1987] attributed absorption in the 220 to 370
nm wavelength region to elemental sulfur vapor. They ob-
tained much higher mixing ratios of 2-10 ppm for sulfur
vapor in the 25-40 km altitude range. This is 200-500 times
greater than the total sulfur mixing ratio derived by San’ko
[1980]. The reasons for these differences, which may repre-
sent temporal and/or spatial variations in sulfur chemistry
or simply data analysis problems, are unclear.

Finally, the Venera 13/14 gas chromatograph experiment
also claimed the detection of 80340 ppm HoS and 40420
ppm COS in the 29-37 km altitude region and 0.2 ppm SFg
in the 35-58 km altitude region [Mukhin et al., 1983]. How-
ever, as noted earlier, problems with the carrier gas flow
during the measurements [Krasnopolsky, 1986] apparently
caused problems with peak identifications for many com-
pounds. Furthermore, the COS measurement conflicts with
the much lower COS mixing ratio observed by Bézard et
al. [1990] in the same altitude region and the H2S measure-
ment conflicts with the earlier Pioneer Venus results. If,
as discussed later, COS is produced by pyrite weathering,
the fast rate of this reaction [Fegley and Treiman, 1990]
is predicted to lead to short-term variations in the spatial
and temporal abundances of COS in the lower atmosphere
of Venus. Likewise, pyrrhotite oxidation is also relatively
rapid [Treiman and Fegley 1991] and short-term variations
in COS may also occur as a result of this process. However,
the apparent instrumental problems with the Venera 13/14
gas chromatography experiment lead us to conclude that the
Venera 13/14 results for HoS and COS are incorrect and we
will not use them as constraints on Venus sulfur chemistry.
Also, we note that the SF¢ measurement is apparently in-
consistent with observed abundances of HF, H50, and SO,
and we discuss it later in connection with halogen-bearing
gases.

To summarize this section, we interpret the Earth-based
and spacecraft observations of sulfur gases in the lower at-
mosphere of Venus as showing that SO, is the dominant
sulfur-bearing gas and that reduced sulfur gases such as
COS, H3S, and elemental sulfur vapor are minor species that
constitute <2% of total gaseous sulfur. However, we also
note that if all Earth-based and spacecraft observations are
taken at face value, a different picture emerges in which the
sulfur chemistry of the lower atmosphere is rapidly cycling
between dominance by oxidized and reduced sulfur gases.
In this picture, which we do not endorse, the Pioneer Venus
and Venera 11/12 observations indicate dominance by SO,

(1978), the Venera 13/14 observations indicate dominance
by COS + H2S (1982), the Vega 1/2 observations indicate
dominance by SO but at reduced levels and increased levels
of elemental sulfur vapor (1986), the Earth-based microwave
observations of Steffes et al. [1990] indicate SO, upper limits
similar to the Vega 1/2 observations (1986), and the Earth-
based infrared observations of Bézard et al. [1990] indicate
only minor levels of COS (1989). Although this picture can-
not be unambiguously ruled out, and although there may
be some observational evidence for temporal and/or spatial
variations in abundances of SO3 and COS below the clouds,
we feel that at present the Pioneer Venus, Venera 11/12,
and the Earth-based observations [Bézard et al., 1990] of
SO2 and COS are the most reliable and we use these results
as the basis for our discussion of sulfur chemistry.

Abundance of Sulfur on Venus and Earth. The obser-
vations reviewed above indicate that the dominant sulfur-
bearing gas in the lower atmosphere of Venus is SO5. The
mean SO2 mixing ratio of ~150 ppm calculated from the
Pioneer Venus and Venera 11/12 gas chromatograph exper-
iments {e.g., von Zahn et al., 1983] corresponds to a column
density of ~ 2.2 x 10?3 sulfur atoms cm~%. In compari-
son, the major sulfur-bearing gases in the terrestrial nonur-
ban troposphere and their mixing ratios [Prinn and Feg-
ley, 1987] are COS (0.5 ppb), (CH3)2S (~0.4 ppb), SO,
{~0.3 ppb), and H3S (~0.2 ppb). The corresponding col-
umn density for total sulfur is ~ 2.0 x 10!% atoms cm™2, or
about 107 times smaller than in the atmosphere of Venus.
However, the total amount of sulfur in the Earth’s crust
[Ronov and Yaroshevsky 1976] and oceans [Turekian, 1969]
corresponds to ~ 1.3 x 1025 sulfur atoms cm™2, or ~600
times larger than total atmospheric sulfur on Venus. This
comparison suggests that the high surface temperature on
Venus has driven at least some of the sulfur, which would
normally be in the crust, into the atmosphere. Furthermore,
the high surface temperature may also allow interactions be-
tween sulfur-bearing gases in the atmosphere and reactive
minerals on the surface of Venus.

Thermodynamic Stability of Liquid Sulfur. Mueller [1965]
presented the first theoretical models of sulfur chemistry
on Venus; however, he neglected COS in his calculations
and no observations or upper limits for COS, H,S, or SO,
were available for comparison with his results. Despite these
problems, his treatment is useful for understanding the com-
plex features of gas-solid reactions involving sulfur. Follow-
ing Mueller {1965], we begin by considering sulfur chemistry
in the absence of other rock-forming elements.

The sulfur melting point is 388 K; thus any elemental
sulfur on the surface would be liquid and would either evap-
orate or be oxidized by reaction with CO3 in the overlying
atmosphere. Evaporation would occur via reactions such as

S(lig) = %S'z (vapor) (100)

S(liq) = %Ss {vapor) (101)



S(liq) = 254 (vapor) (102)
(103)
S(liq) = %Sg(vapor). (104)

The saturated vapor pressure over liquid sulfur is given by
the equations

Pvap =P33 +PS3+"‘+P53
Iongv,p = 4.56 — 3286/T

(105)
(106)

calculated from data in Ran et al. {1973] and Mills [1974].
At 740 K the sulfur vapor pressure is about 1.3 bars, which
is substantially greater than the S; partial pressure deduced
from the Venera 11/12 measurements. Thus, liquid sulfur
should rapidly evaporate under Venusian surface conditions.
Oxidation should also occur via reactions such as

S(liq) + 2CO; = SO; + 2CO
logio K107 = 8.80 — 13706(+28)/T.

(107)
(108)

However, removal of liquid sulfur by oxidation is less ef-
fective and liquid sulfur could be in equilibrium with 150
ppm SO3 at all altitudes above ~8.5 km (T < 675 K) on
Venus. At these altitudes the saturated vapor pressure is
also slightly lower (~0.5 bars at 675 K).

In this regard it is interesting to note that sulfur mag-
mas have been suggested (as an alternative to carbonatite
magmas) to explain some of the geologic features observed
by the Magellan spacecraft [Kargel et al., 1991]. If these
were erupted at high altitudes the sulfur magma would be
stable against oxidation. The presence of other components
in the magmas would also probably lower the thermody-
namic activity and hence the saturated vapor pressure of
the liquid sulfur. For now we conclude that although liquid
sulfur may be present transiently on the Venusian surface,
it is more likely that sulfur will be present instead in sulfide
and/or sulfate minerals of rock-forming elements such as Fe,
Ca, Mg, etc.

Equilibria Between Sulfide and Sulfate Minerals. The
distribution of sulfur between sulfide (S2~) and sulfate (SOZ'
minerals depends on the oxidation state of the Venusian sur-
face as well as on the abundance of sulfur relative to other
elements. As seen from Table 2, the Venera 13/14 and Vega
2 analyses indicate that sulfur is less abundant than other
elements such as Fe, Mg, and Ca with which it can react to
form sulfides and sulfates. Thus, under sufficiently reducing
conditions sulfur will be present in sulfides while under suffi-
ciently oxidizing conditions sulfur will be present in sulfates.

The most common sulfides on Earth are pyrite (FeSs),
pyrrhotite (Fe;_xS where x ~0-0.125), chalcopyrite (CuFe-
Sa), pentlandite [(Fe, Ni)gSg], and related sulfides of these
elements [Deer et al., 1963]. Other sulfides such as galena
(PbS) and sphalerite (ZnS) involve less abundant elements.
No Ni was reported in the Venera 13/14 and Vega 2 analyses,
but if, as is likely on cosmochemical grounds, the Venusian
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Fe/Ni ratio is similar to that on Earth, Ni will be a few %
of Fe. Thus, by analogy with the Earth, pyrite, pyrrhotite,
chalcopyrite, pentlandite, and related sulfides would also be
expected to be the most important sulfides on Venus. Like-
wise, the most common sulfates on the Earth are gypsum
(CaSOy4 - 2H,0) and anhydrite (CaSOy), while other sul-
fates involve trace elements such as Ba and Sr, or are less
common [Deer et al., 1963]. Thermodynamic data [DeKock,
1986)] show that gypsum is thermodynamically unstable un-
der Venusian surface conditions. If present it would rapidly
dehydrate to form anhydrite. Thus, the most common sul-
fate on Venus is expected to be anhydrite. In particular,
as we discuss later, sulfates of other abundant rock-forming
elements such as MgSQOy are unstable on the Venusian sur-
face.

Neglecting the formation of COS, H,S, SO2 and other
sulfur gases for the time being, the transition between pyrite
and anhydrite can be calculated from equilibria such as

3FeS; + 6CaSiO3 + 110, = 6CaSO4 + Fez O+

6Si0,  (109)

originally proposed by Mueller [1965], or from the pyrite,
calcite, anhydrite, wiistite (PCAW) buffer

2FeS, + 4CaCOj; 4 70, = 4CaSO.+

2“Fe0” + 4CO, (110)

originally proposed by Lewis and Kreimendahl [1980], or
from the analogous reactions

3FeS; 4+ 6CaCO;s 4 110, = 6CaSO, + Fe; 04+
6CO, (111)

3FeS, + 6CaMgSi206 + 110, = 6CaSO, + Fes O+
6MgSiO; + 6Si0, (112)

3FeS, + 6CaAl;S1,08 + 110, = 6CaSOy + FesO4+
6ALSiO; + 65i0,. (113)

Equation (111) is a modification of the PCAW buffer of

Lewis and Kreimendahl [1980] and equations (112) and (113)

exemplify sulfide/sulfate equilibria involving common igneous
minerals such as pyroxenes and plagioclase. A related reac-

tion forming MgSOy, is

3FeS; + 6CaMgSi205 +110; = 6MgSO4 + Fez Oy
+6CaSiO3 + 6S10,. (114)

The equilibrium constants for these reactions are

logioKi0e = —95.21 + 252320(41460)/T (115)

logioK110 = —27.01 + 140256(+966)/T (116)
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logioKi11 = —47.04 + 225702(+1412)/T (117)
logioK112 = —93.42 + 243784(+3212)/T (118)
log10Ki13 = —102.56 + 250609(+1574)/T (119)
logio K114 = —93.16 + 225582(+2954)/T. (120)

Table 8 lists the equilibrium oxygen fugacities for reactions
(109) — (114) at 740 K. In this table the fo, value for the
PCAW buffer is calculated assuming a wiistite thermody-
namic activity of 10~3 as proposed by Lewis and Kreimen-
dahl [1980] from their chemical equilibrium models relating
sulfur gas abundances and the oxidation state of Fe-bearing
minerals.

These results show several important points, foremost of
which is that the equilibrium oxygen fugacity for coexistence
of pyrite +, anhydrite depends on the mineral assemblage
being considered. In the case of assemblages involving com-
mon igneous minerals such as diopside and anorthite, pyrite
+ anhydrite coexist at the fo, defined by the CO/CO3 ratio
in the Venusian atmosphere, while, as illustrated in Figure 7,
other assemblages involving wollastonite (e.g., Mueller’s sul-
fide/sulfate buffer) or calcite (e.g., Lewis and Kreimendahl’s
PCAW bauffer) are in equilibrium under more reducing con-
ditions. However, the PCAW buffer would be in equilibrium
under Venus surface conditions if the wistite activity were
as high as ~0.07. Lewis and Kreimendahl [1980] interpreted
the PCAW buffer as an oxygen fugacity buffer for the at-
mosphere of Venus; however, we feel that it is unlikely that
any of the sulfide — sulfate reactions are fo, bufters. The
results simply illustrate that under Venus surface conditions
pyrite 4+ anhydrite can coexist in some mineral assemblages
but not in others.

Now that we know the conditions under which sulfur
could be present as sulfide and sulfate on Venus, it is in-
teresting to ask how these minerals will interact with the
overlying atmosphere.

Thermodynamics of Pyrite Chemical Weathering on Ve-
nus. As first shown by Lewis [1968a, 1970a, 1971b, 1974]
and later reinforced by the results of Barsukov et al. [1980,
1982], Khodakovsky [1982], Nozette and Lewis [1982], Volkov
[1983], and Zolotov [1991c], at the mean Venusian surface
temperature of ~740 K, iron sulfides should react sponta-
neously with the CO3 and CO in the atmosphere of Venus
to produce the reduced sulfur gas COS. Depending on the
water vapor' abundance, iron sulfides may also react sponta-

neously with HyO to produce H3S. The reactions studied by
Lewis [1968a, 1970a] generally involved troilite (FeS); how-
ever, similar reactions exemplified by

3FeS; + 2C0O 4 4CO, = 6COS + Fe3 04 (121)
logioKi21 = 7.48 — 19334(:k441)/T (122)
3FeS; + 6H,0 4 2CO = 6H,S + 2C0O; + Fe3 Oy (123)
logi10Ki2s = 6.91 — 8726(:&360)/’1‘ (124)
FeS; + FeSiO3 4+ CO + CO; = Fe,8i04 +2COS  (125)
logioKi2s = 2.66 — 5902(:t211)/T (126)

FeS; + FeSiO3 + 2H,0 + CO = Fe 8104 + 2H,S+
co, (127)
10g10K127 =2.43 — 2345(:t215)/T (128)

are predicted to be responsible for the chemical weathering
of pyrite on the surface of Venus.

Using the equilibrium constant expressions above, the
COS and H3S abundances resulting from pyrite weather-
ing were calculated as a function of altitude on the surface
of Venus. The results, which are displayed in Figures 14
and 15, show that pyrite weathering on the Venus surface
should produce COS mixing ratios of ~5-30 ppm, substan-
tially larger than the observed value of ~0.3 ppm [Bézard
et al., 1990] and H2S mixing ratios of ~40~100 ppb, sub-
stantially smaller than the preliminary value of 342 ppm
obtained by the Pioneer Venus mass spectrometer [Hoffman
et al., 1980a}, and in agreement with the upper limit of 2
ppm from the Pioneer Venus gas chromatography experi-
ment [Oyama et al., 1980]. The results given in the figures
are for reactions (121) and (123); however, virtually identi-
cal COS and H2S abundances are produced from reactions
(125) and (127).

Lewis {1968a, 1970a] obtained very similar COS abun-
dances of ~50 ppm but substantially larger H»S abundances
of ~5 ppm. As can be seen by inserting Lewis’ assumed
mixing ratios into the equilibrium constant expression for
equation (123), the larger HoS mixing ratio is simply due
to the much larger HoO mixing ratic of ~1000 ppm which
he used. Lewis [1968a, 1970a] noted that his predicted
COS and H3S mixing ratios exceeded the upper limits of
~ 1078 and ~ 3 x 1077, respectively, set by then available
Earth-based spectroscopy [Cruikshank, 1967; Anderson et

TABLE 8. Sulfide/Sulfate Equilibria on the Surface of Venus

Mineral Assemblage Equilibrium logjofo, Value
py + wo + mag + anh + qtz —-22.3+0.2
Py + cal + anh + wi ~23.04£0.2
Py + cal 4+ anh + mag -22440.2
py + dp + anh 4 mag + en + qtz —-21.5+0.4
Py + an + anh + mag 4 ad + qtz ~21.5+04
py + dp + MgSO4 + mag + wo + qtz ~19.24+ 0.4

Abbreviations: py = pyrite, wo = wollastonite, mag = magnetite, anh
= anhydrite, qtz = quartz, cal = calcite, wii = wiistite, dp = diopside,
en = enstatite, an = anorthite, ad = andalusite



FEGLEY AND TREIMAN 35

0.1 100
T T T T T 1 1717
660 ]
X 680 4
w
T 700} i
S
w 720 | 4
[«
b
w740} ' OBSERVED .
760 | ]
i l‘: J_ 1 11 1¢F 1 1 ;‘_l § I S O
0.1 1 10 100

COS ABUNDANCE (PPM)
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show the range of H2S abundances allowed by the uncertainties in the thermodynamic data.

al., 1969; Kuiper, 1971] and explained the absence of COS
and HsS from the observable regions of Venus’ atmosphere
by the precipitation of HgS (cinnabar) at lower levels [Lewis,
1969, 1970b]. Mercury is highly volatile and if present at
terrestrial abundance in Venus would be totally outgassed
into the atmosphere [Lewis, 1969; Barsukov et al., 1981;
Khodakovsky, 1982], and available for reaction with COS
and HsS. Neither Hg nor any other Hg-bearing compounds
have been detected in the lower atmosphere of Venus but
the upper limit on Hg compounds is <5 ppm [Hoffman et
al., 1980a]. This upper limit is fairly high and does not rule
out a role for Hg halide chemistry in the lower atmosphere of

Venus. Because it has recently become possible to use Earth-
based infrared spectroscopy to probe the lower atmosphere
of Venus, we feel that Lewis’ models for Hg halide chemistry
merit re-examination. However, it is clear that HgS precip-
itation is not a viable mechanism for depleting COS. Other
possible solutions must be sought to explain the apparent
discrepancy between the large amounts of COS predicted
to result from pyrite chemical weathering and the smaller
amounts observed in the Venusian atmosphere. These are
discussed next.

Kinetics of Pyrite Chemical Weathering on Venus. One
possible explanation could be that pyrite weathering is a
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relatively slow process so that chemical equilibrium is not
attained and thus, the predicted COS mixing ratio is never
reached. Indeed radar observations of Venus apparently
provided support for this scenario. Pettengill et al. [1982,
1983, 1988], Ford and Pettengill [1983], and Jurgens et al.
[1988a,b] discussed Pioneer Venus and Earth-based observa-
tions of radar “bright” regions with low emissivities in the
Venus highlands and lowlands. More recently, Pettengill et
al. [1991] and Tyler et al. [1991] discussed initial Magellan
observations of these areas. The radar “bright” low emissiv-
ity regions were suggested to contain ~10-15 vol.% pyrite
because of its dielectric constant and the published geochem-
ical models suggesting the presence of iron sulfides on the
Venusian surface [e.g., Lewis, 1968a, 1970a]. Furthermore,
Jurgens et al. [1988b] concluded that the radar “bright” ma-
terial is chemically stable on the surface of Venus. Assuming
that 25% of the craters have “bright” ejecta and that the
mean surface age is ~ 10° years, Jurgens et al. [1988b] spec-
ulated “that weathering to reduce brightness takes about
250 million years.” If this material were pyrite, then the
equilibrium concentration of COS would never be attained
and the discrepancy between the thermodynamic predic-
tions and spectroscopic upper limits would be resolved.

However, exactly the opposite situation is indicated by
the recent experimental measurements of Fegley and Treiman
[1990] and Treiman and Fegley [1991] on the rates of pyrite
and pyrrhotite chemical weathering on the surface of Venus.
Initially, thermodynamic calculations and magnetic proper-
ties led Fegley and Treiman [1990] to believe that pyrite
decomposed directly to magnetite, and they derived a rate
equation based on this assumption. However, further sam-
ple characterization by X-ray diffraction, optical microscopy,
and scanning electron microscopy showed that pyrite oxi-
dation is more complex and that the reaction product is
composed of pyrrhotite Fe;Sg + magnetite Fe3Oy4 in vary-
ing proportions. The morphology of the reaction products
indicates that pyrite oxidation to magnetite is a two stage
process with the first stage being the conversion of pyrite
to pyrrhotite and the second stage being the oxidation of
pyrrhotite to magnetite. The revised rate equation for the
pyrite — pyrrhotite conversion is

R = 102°°%(*03) exp[—17, 038(£640)/T] (129)

which has units of sulfur atoms cm™2 sec™! and an acti-
vation energy of 141.7 kJ mole™!. At 740 K, the mean
global surface temperature on Venus, the rate of the pyrite
— pyrrhotite conversion is 1.2 x 10 sulfur atoms cm™2
sec™ !, or about 260,000 times faster than the rate of anhy-
drite formation from SOy + calcite at the same temperature
[Fegley and Prinn, 1989). Thus, the conversion of pyrite to
pyrrhotite is apparently an extremely rapid process under
Venusian surface conditions.

Pyrrhotite is also thermodynamically unstable on the Ve-
nusian surface and is oxidized to magnetite. The prelimi-
nary study by Treiman and Fegley [1991] indicates that this

is also a complex process with at least two steps: an ini-
tial step which may involve the growth of a critical number
of magnetite nuclei and a second step during which oxida-
tion proceeds. Their experiments showed that pyrrhotite
oxidation to magnetite is also a rapid reaction although it
is slower than the pyrite — pyrrhotite conversion. On a
geologic timescale it therefore appears unlikely that either
pyrite or pyrrhotite could survive on the Venusian surface.
However, this conclusion must be tempered by the fact that
only preliminary experiments done on short timescales are
available. But, we note that the the AV for the pyrrhotite
— magnetite conversion is negative (-7%) so the oxide coat-
ing will be porous. Thus, it is very unlikely that diffu-
sion constraints would substantially decrease the pyrite and
pyrrhotite weathering rates. One implication of these re-
sults is that the radar “bright” materials in the lowlands are
probably neither pyrite nor pyrrhotite. On the other hand
the radar “bright”, low emissivity materials in the highlands
may be pyrite (or pyrrhotite), but then some physical mech-
anisms are probably necessary to constantly re-expose fresh
sulfides which will then be chemically weathered. Possible
mechanisms which have been discussed are aeolian weath-
ering, mass wasting, and volcanism [e.g., Arvidson et al.,
1991; Fegley and Treiman 1990; Greeley and Arvidson, 1990;
Prinn, 1985). Once more laboratory data on the rates of
pyrite and pyrrhotite oxidation are available, the plausibil-
ity of the different mechanisms proposed for the origin of
the radar “bright”, low emissivity materials can be evalu-
ated quantitatively.

COS Gas Phase Chemistry. Another implication of the
kinetic studies of pyrite and pyrrhotite oxidation is that the
equilibrium abundance of COS can rapidly be produced by
sulfide chemical weathering. However, in the absence of any
destruction mechanism, the COS abundance in the lower
atmosphere of Venus would then be expected to be approxi-
mately 20-100 times larger than that observed by Bézard et
al. [1990]. How can this apparent discrepancy be explained?

One possible explanation is that no sulfides are ever ex-
posed on the Venusian surface, and thus no sulfide chem-
ical weathering takes place. However by analogy with the
Earth, we argue that this possibility, although it cannot be
unambiguously ruled out, is unlikely. Another possible ex-
planation, which is illustrated in Figure 36 of von Zahn et
al. [1983], is that COS is photochemically converted to SO»
and/or elemental sulfur vapor by photochemical reactions in
the lower atmosphere of Venus at ~30 km altitude. These
proposed transformations are exemplified by the net reac-
tions

COS+ 02 4+hv — SO, +CO

COS+S+hv—S;+CO

(130)
(131)

which are disequilibrating reactions driven by sufficiently en-
ergetic solar ultraviolet photons below the clouds. However,
as also postulated in von Zahn et al. [1983], these disequili-
brating reactions are opposed by thermochemical reactions
such as



SO3 +4CO — COS + 3CO-
CO+8S—COS

(132)
(133)

which are suggested to take place in the lower atmosphere
close to and at the Venusian surface. Depending on the avail-
ability of the required solar uv photons below the clouds
and on the reaction rates involved in the photochemically
driven disequilibrating reactions and in the thermochemi-
cally driven re-equilibrating reactions, these schemes may
provide an explanation for the low abundance of COS in
the Venusian atmosphere [von Zahn et al., 1983; Volkov,
1986]. However, at present this has not been demonstrated
quantitatively, and the problem of why the observed cos
abundance is significantly lower than the thermochemical
equilibrium value remains unsolved.

Sulfur Dioride and Sulfate Formation on Venus.  Like-
wise, the observed SO, mixing ratio also presents a problem
because chemical equilibrium models of gas-solid reactions
predict that the SO abundance in the lower atmosphere of
Venus should be significantly lower than the observed value
and should also be less than the abundances of COS and
H,S [Lewis, 1968a, 1970a; Lewis and Kreimendahl, 1980;
Zolotov, 1985].

At chemical equilibrium, the SOz abundance in the lower
Venusian atmosphere will be controlled by gas-solid reac-
tions such as

SO, 4+ CaCO; = CaS0O4 + CO (134)
SO, + CaSiO3 + CO; = CaSO4 + Si02 + CO (135)

SO, + CaMgSi;Os + CO; = CaSO4 + MgSlO:;+
SiO,; + CO (136)

SO, + CaAl;Si20s + CO,; = CaS0Oy4 + Al SiOs +
Si0; + CO  (137)

which have the equilibrium constants

logioKizs = —9.79 + 6548(£229)/T (139)
log10Ki36 = —9.55 + 5105(%533)/T (]40)
logi0Ki37 = —11.09 + 6411(:&:259)/'1‘. (141)

As Figure 16 illustrates, the equilibrium SO3 pressure for
reaction (134) is significantly lower than the observed value
from the Pioneer Venus [Oyama et al., 1980] and the Venera
11/12 spacecraft [Gel’man et al., 1979]. However, analogous
reactions, such as

280, + MngiO4 +2C0O; = 2MgSO4 + Si0, +2CO (142)

SO, + CaMgSizOG + CO, = MgSO4 + CaSiO3+

Si0, + CO  (143)
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Fig. 16. A comparison of the SO3 abundance calculated for reac-
tion (134) with the observed SO2 abundance in the atmosphere
of Venus. The SO9 mixing ratios observed at 22 km by the Pio-
neer Venus and the Venera 11/12 gas chromatograph experiments
are 185:+43 ppm and 130=%35 ppm, respectively. In contrast, the
SO2 mixing ratios predicted from equilibrium with calcite CaCOg3
and anhydrite CaSO4 on the Venus surface are less than 10 ppm.
This dichotomy suggests that sulfur gases in the atmosphere of
Venus are not in equilibrium with the surface of Venus.

(144)
(145)

SO, + MgSiO3 + CO, = MgSO, + SiO; + CO
SO, + MgCO; = MgSO, + CO

which form MgSQy, are predicted to be unimportant on
Venus. This is easily seen by using the equilibrium constants

logioK14z = —19.81 + 6409(£132)/T (146)
logo K14z = —9.56 + 2053(£485)/T (147)
logioK14s = —9.80 + 3495(£100)/T (148)

logroK14s = —1.18 — 558(+74)/T (149)

to calculate the equilibrium SO partial pressures. In all
cases the calculated values are significantly higher than the
observed SO abundance. In contrast to our work, Zolotov
[1991a] has concluded that MgSOy4 is stable at high alti-
tudes on Venus. However, we are unable to reproduce his
results and predict that MgSOy is unstable on the surface of
Venus. Likewise, thermochemical data [DeKock, 1986} for
sulfates of other abundant rock-forming elements {Fe, Al,
Na, K, etc.) show that these sulfates are also unstable on
the surface of Venus. Thus at chemical equilibrium the SOq
pressure will be regulated by anhydrite formation. But then
how can the observed SOy pressure, which is approximately
100 times larger than the equilibrium value produced by re-
action (134) be explained?
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Kinetics of Anhydrite Formation on Venus. The most
plausible explanation is that the reaction of SOy with Ca-
bearing minerals on the surface of Venus is a slow reaction
that does not reach chemical equilibrium. This was sug-
gested by von Zahn et al. [1983] after the Pioneer Venus
and Venera 11/12 missions and was confirmed by the exper-
imental results of Fegley and colleagues [Fegley, 1987, 1988,
1990; Fegley and Prinn, 1989].

These experiments measured the rate of reaction (134) as
a function of temperature in the range 873-1123 K by heat-
ing high purity natural calcite crystals of known weight and
surface area in CO3-SOy gas mixtures at ~1 atmosphere
pressure. The gas mixtures nominally contained 1% SO,
by volume and thus had a SO» molecular number density
about the same as that at the surface of Venus. The gas
mixtures also typically contained <1 ppm O3 and <10 ppm
H30 as impurities, but experiments done with gas mixtures
containing up to 100 ppm O3 showed that the rates were
independent of the fo, within this range [Fegley and Prinn,
1989]. We also note that the water vapor content of the ex-
perimental gas mixtures is similar to the water vapor mixing
ratio at the surface of Venus (~20 ppm derived by Moroz et
al. [1979, 1980, 1983] and 1034 ppm calculated by Lewis and
Grinspoon [1990]). The experimental rate equation [Fegley
and Prinn, 1989] is

R = 10"%4(£028) exp[ 15, 248(+2970)/T) (150)

which has units of SOy molecules cm~2sec™!. By taking
into account the surface area distribution as a function of
altitude on Venus, it is possible to derive the global mean
rate of CaSO4 formation from reaction (134) on Venus. This
rate is ~ 4.6 x 10'° molecules cm™2sec™!, which is equiv-
alent to ~ lum of CaSO4 being deposited per year. As
Figure 17 illustrates, the thickness of the CaSOy4 layers pro-
duced in the laboratory experiments is ~ 15um, equivalent
to ~15 years of chemical weathering on the surface of Venus.
Presumably aeolian weathering [Marshall et al., 1988] will
remove the thin CaSQy4 layers on shorter timescales, so the
laboratory rate data are applicable to Venus. Furthermore,
we also note that the S/Ca ratios measured by the Venera
13, 14, and Vega 2 spacecraft are less than that expected
if all Ca were combined in CaSOy4 [e.g., see Fig. 1I1.106 in
Zolotov and Khodakovsky, 1989]. Thus, at present the sur-
face of Venus is still a net sink for SOy loss via anhydrite
formation.

Unpublished laboratory experiments, illustrated in Fegley
and Prinn [1989), also show that the reaction of SO with
diopside, which is predicted thermodynamically to occur via
reaction (136), is slower than the analogous reaction of SO2
with calcite. As shown in Figure 18, a natural diopside
crystal reacted under conditions similar to those experienced
by the calcite crystal shown in Figure 17 has undergone
much less conversion to anhydrite.

What do these kinetic data imply for the attainment of
chemical equilibrium between SO; and Ca-bearing minerals

Fig. 17. A scanning electron micrograph of the fracture surface
of a calcite crystal which has partially reacted with a gas mixture
having the nominal composition 1% SO3 + 99% CO3. The outer
surfaces of the crystal are coated with anhydrite CaSO4. The
reaction conditions were 850°C for 192 hours. The scale bar is
100p4m long. Photo from Fegley and Prinn [1989].

on the surface of Venus? The rate of the reaction between
S0O2 + CaCOgj, which is faster than the reaction between
SO2 + diopside, is still so slow that ~1.9 Ma are required
to reduce the observed SO, pressure in the Venusian atmo-

Fig. 18. A scanning electron micrograph of an external surface of
a natural diopside crystal which has partially reacted with a gas
mixture having the nominal composition 1% SOy + 99% COs,.
The surface is partially covered with platelets of CaSOy4, pre-
sumed to be anhydrite, surrounded by silicate material, presumed
to be unreacted diopside plus the thermodynamically stable re-
action products silica + enstatite. The reaction conditions were
833°C for 48 hours. The scale bar is 50um long. Photo from
Fegley and Prinn [1989).



sphere to the equilibrium partial pressure which is ~1% of
the observed value. Thus, neither reaction (134) nor reac-
tion (136), which was recently proposed as a SO3 buffer by
Wood and Hashimoto [1991), appear capable of buffering
variations in the SO5 pressure in the Venusian atmosphere.

Implications for Venus Volcanism. Instead, as discussed
by Fegley and Prinn [1989], SOz on Venus is apparently in
steady state because the constant removal of SO from the
atmosphere by reaction with CaCO3z and other Ca-bearing
minerals on the surface of Venus would otherwise drain all
SO from the atmosphere on a geologically short timescale.
This would lead to the disappearance of the H2SO4 droplet
clouds, that are produced by the photochemical oxidation
of atmospheric SO5. Thus, a source is needed to replace the
SO, lost by anhydrite formation.

The most plausible source is volcanism, which has oc-
curred on Venus in the past [e.g., Basilevsky and Head,
1988] and which may have caused the increased SO2 lev-
els that were observed by the Pioneer Venus orbiter [Espos-
ito, 1984; Esposito et al.,, 1988]. The volcanism rate that
is needed to balance the rate of SOz depletion from the
Venusian atmosphere is a function of the sulfur content of
the erupted material (gas + magma) and the degassing ef-
ficiency of the erupted material. This efficiency is close to
100% as indicated by experiments on the rate of pyrite ox-
idation [Fegley and Treiman, 1990] and experiments on the
rate of pyrrhotite oxidation [Treiman and Fegley, 1991}. As-
suming that the rate of SO depletion from the Venusian
atmosphere is given by the rate of reaction (134) and us-
ing different geochemical models for the composition of the
erupted material, Fegley and Prinn [1989] estimated that
the rate of volcanism on Venus is currently in the range of
0.4-11 km® yr~!. In particular, assuming that the erupted
material has the mean composition from the Venera 13, 14,
and Vega 2 analyses of the Venus surface, the rate of vol-
canism is ~1 km3 yr_l.

This geochemically estimated rate is in good agreement
with several geophysical estimates [Grimm and Solomon,
1987; Spohn, 1991]. It is also similar to the generally quoted
rate of ~1 km® yr~! for subaerial volcanism on the Earth
[Sapper, 1929 quoted in Ivanov and Freney, 1983] and to the
rate of ~20 km® yr~! for mid-ocean ridge formation on the
Earth [Parsons, 1981]. Assuming that the present rate of
volcanism on Venus is indeed similar to or slightly less than
that on the Earth qualitatively suggests that the reaction
of SO, with calcite controls the rate of SOz depletion from
the Venusian atmosphere and also implies that calcite is an
abundant mineral on the Venus surface. If calcite were to-
tally absent, and the SO3 depletion rate were controlled by
the slower reaction with diopside (which is presumably more
representative of SO reactions with Ca-bearing silicates),
the volcanism rate on Venus would be much lower than sug-
gested by the independent geophysical estimates and would
also.be much lower than the terrestrial volcanism rates.

Likewise, the significantly higher geophysical estimates
of ~200-300 km® yr~! for Venus volcanism [Solomon and
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Head, 1982; Turcotte, 1989] can confidently be ruled out on
the basis of the laboratory measurements of SOy reaction
rates because no reaction is rapid enough to keep pace with
the large SO3 injection rates implied by these much larger
volcanism rates. As a consequence, the SO concentration in
the Venusian atmosphere would be rapidly increasing with
time, contrary to the limited observational evidence which is
consistent with a time independent SO2 mixing ratio below
the clouds and a time dependent decrease in the SO2 mixing
ratio above the clouds.

Hydrogen Halides and Halogen-Bearing Minerals

Atmospheric Abundances of HCl and HF. HCI and HF
were discovered in the atmosphere of Venus by Connes et
al. [1967] using high resolution Fourier transform infrared
spectroscopy. They found 0.6+0.12 ppm HCI and 51’;5
ppb HF at the ~100 mb level of the atmosphere (i.e., at the
cloud tops). A re-analysis of the Connes et al. data by Young
[1972] gave a slightly lower HC] mixing ratio of 0.4 ppm and
a slightly higher HF mixing ratio of 10 ppb. However, the
only other spectroscopic measurements of HCl and HF on
Venus are the observations of DeBergh et al. [1989] at 3.6~
3.9 pm which found ~0.4 ppm HCl at the ~35 mb level
and the observations of Bézard et al. [1990] at 2.3um of the
night side of Venus which found ~0.5 ppm HCl and ~4.5
ppb HF in the 35 to 45 km region below the clouds.

Although HCI and HF are trace constituents in the atmo-
sphere of Venus, their abundances are orders of magnitude
greater than in the terrestrial atmosphere. Taking an HCl
mixing ratio of 0.5 ppm the corresponding column density
on Venus is ~ 7 x 1029 HCI molecules cm~2. In contrast,
the total Cl column density (HCl + CH3Cl + 2CF2Cly +
3CFCls + 3CH3CCl3 + 4CCly) in the nonurban terrestrial
troposphere is ~ 6 x 10 Cl atoms cm™? (a mixing ra-
tio of ~3.6 ppb total Cl [Prinn and Fegley, 1987]). Like-
wise, the HF mixing ratio of 5 ppb on Venus corresponds
to ~ 7 x 10'® HF molecules cm™? versus a total F column
density (2CF2Cl; + CFClz + 4CF4 + HF) in the nonur-
ban terrestrial troposphere of ~ 4 x 10!® F atoms cm™2 (a
mixing ratio of ~2.1 ppb total F [Prinn and Fegley 1987]).

Thus, HCl on Venus is ~10,000 times more aburdant than
total atmospheric Cl on Earth. Furthermore, about 70% of
the total Cl in the terrestrial atmosphere is in man-made
compounds such as the chlorofluorocarbons and CCly, while
the remaining 30% (HC]) is produced from sea salt sprayed
into the atmosphere. Likewise, HF on Venus is ~200 times
more abundant than total atmospheric F on Earth, which
is almost totally due to man-made compounds such as the
chlorofiucrocarbons and CF4. However, the atmospheric
abundances of HCl and HF on Venus are a direct reflection
of the high surface temperature of Venus.

Origin of Atmospheric HCl and HF on Venus. Shortly
after the discovery of HCI and HF on Venus, Lewis [1968a,
1970a] and Mueller {1968, 1969] proposed that the atmo-
spheric abundances of HCl and HF are buftered by chem-
ical equilibria between halogen-bearing minerals and other
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silicates on the surface of Venus. The corrosive nature of
both HCI and HF intuitively suggests that this explanation
is reasonable. Furthermore, the essentially identical values
observed for both HC] and HF by Connes et al. [1967] above
the clouds and by Bézard et al. [1990] below the clouds sug-
gests that the abundances of these two gases reflect equi-
librium values. Alternatively, the HCl and HF abundances
could be controlled by episodic phenomena, such as volcanic
eruptions. However if this were the case then the average
d[HCl]/dt ~ d[HF]/dt ~ 0 over the past 20 years, which
implies fairly long reaction times for these highly corrosive
gases. Finally, a calculation of the CI/C and F/C atomic
ratios on the Earth’s surface [oceans + sediments + crust
values from Smith [1981] and Ronov and Yaroshevsky [1976]]
shows that both the Cl/C ratio of ~0.12 and the F/C ratio
of ~0.09 are significantly greater than the Venusian atmo-
spheric Cl/C and F/C atomic ratios. Cosmochemical mod-
els predict similar Cl and F inventories for both Venus and
Earth [Fegley and Lewis, 1980]. Thus, this comparison sug-
gests that the HCl and HF abundances in the atmosphere
of Venus do not represent the total inventories of Cl and F
for the planet and that significant amounts of Cl and F are
still present on the surface of Venus.

HCl Reactions with Cl-Bearing Minerals. Gas-solid re-
actions that might buffer the HCI pressure in the Venusian
atmosphere were first considered in detail by Lewis [1970a).
His reactions along with our linear fits to the updated equi-
librium constants in the 600 to 800 K range are listed in
Table 9. These equilibrium constants were calculated using
thermodynamic data from Robie et al. {1979], Hemingway et
al. [1982], and Sharp et al. [1989], who give thermodynamic
data for sodalite. Lewis [1970a] used the sodalite data of

Wellman [1969] in his calculations; however, the Sharp et
al. [1989] data are more accurate and are preferred. The
equilibrium HCI mixing ratios at 740 K and 20 ppm H2O
are also listed in Table 9. Inspection of the equilibrium con-
stant expressions for the reactions in Table 9 shows that

i
Xucr « X0 (151)

for reactions (9.1)-(9.5) and that
Xucr « Xf,0 (152)

for reaction (9.6). Thus, if 100 ppm H20O were used instead,
the calculated HCl mixing ratios would be only /5 times
larger for reactions (9.1)-(9.5) and ~11 times larger for re-
action (9.6). However, it is unlikely that the water vapor
mixing ratio at the surface of Venus is this large.

Of the buffers originally proposed by Lewis [1970a], only
reaction (9.2) represents chemical equilibrium. However,
this reaction is not an appropriate HCI buffer for the Venu-
sian atmosphere because the equilibrium HCI mixing ratio is
~40 times larger than the observed value. The discrepancy
between the equilibrium predictions and the observations is
too large to be attributed to the uncertainties in the ther-
modynamic data and in the HCI observations.

Orville {1974] noted that reactions (9.1) and (9.3), which
were the buffers favored by Lewis [1970a], cannot be sta-
ble equilibria anywhere on the surface of Venus. Reaction
(9.1) involves nepheline + quartz which are unstable relative
to albite. Reaction (9.3) involves jadeite, which is unstable
below ~10 kilobars pressure. We also note that reactions
(9.4)—(9.6) are not stable equilibria. They all involve the as-
semblage sodalite + quartz which is metastable with respect

‘

TABLE 9. Possible HCl Buffers on Venus (Lewis, 1970a)

9.1 2HCI + CaSiO3 + 2NaAlISiO4 = 2NaCl + CaAl;Si2Os + SiO2 + H20
wollastonite + nepheline + halite + anorthite + quartz

logi1oKe.1 = —6.45 + 10231(ﬂ:271)/T

Xucr ~ 9 X 108

9.2 2HCI + 2NaAlSizOg = 2NaCl + Al;SiO5 + 55i02 + H20
analbite + halite + andalusite + quartz

logicKe.2 = —9.20 + 8723(+490)/T

Xuc1 ~ 2 X 105

9.3 2HCI + 2NaAlSi,0s = 2NaCl 4 Al SiO;5 + 38i0; + H20

jadeite + halite + andalusite + quartz
log1oKoe.3 = —3.97 + 7138(+488)/T

Xucr ~ 7 X 10~7

9.4 2HCI + 2NaAlSi;Og + 6NaAlSiO4 = Al;SiOs + 2Nay [AlSlO4]3 Cl + 55810, + H, O
analbite + nepheline + andalusite + sodalite + quartz

log10Ke.4 = —15.75 + 14347(£2137)/T

Xygcy ~ 9 x 1014

9.5 2HCI + 8NaAlSiOs = 2Nay [AISIO4]301 + AlZSiOs + Si0; + H,O
nepheline + sodalite + andalusite + quartz

logioKo.s = —14.31 + 15718(£2191)/T

Xyer ~ 2% 10~7

9.6 6HCI + 2Nay [AISiO4]3 Cl + 3CaSiO3; = 8NaCl + 3CaAl;Si2Os + 3Si0, + 3H,O
sodalite + wollastonite + halite + anorthite + quartz

log10Ks.s = —12.80 + 25070(£1951)/T

Xygcy ~ 2 X 10-17




to albite + halite or with respect to marialite-bearing assem-
blages. Furthermore, reactions (9.4) and (9.5) also include
nepheline + andalusite, which are metastable with respect
to albite 4+ corundum.

We emphasize that these objections, which are based on
well known phase equilibria determined by experimental pe-
trology, rule out the HCI buffers proposed by Lewis [1970a].
The agreement between the calculated and observed HCI
mixing ratios for reactions (9.1) and (9.3), which has been
cited by several authors [e.g., Prinn, 1985; von Zahn et al.,
1983] as evidence that these reactions are buffering HCl in
the Venusian atmosphere, is merely a coincidence.

Lewis [1970a] also proposed that nepheline is absent from
the surface of Venus because otherwise HCI would react to
form sodalite and thus be removed from the atmosphere. In
this regard we note that nepheline is the most characteristic
mineral of terrestrial alkaline rocks and occurs as a primary
phase in many volcanic rocks with different mineralogical
and chemical compositions [Deer et al., 1963]. We also point
out that the Venera 8 and 13 sites have been interpreted
as high-potassium alkaline basalts and that the calculated
normative composition at the Venera 13 site includes 8%
nepheline [Volkov et al., 1986]. By analogy with the Earth,
we feel that it is unlikely that nepheline is absent from the
surface of Venus.

Lewis’ conclusion was based on very low HCI pressures
calculated for reactions involving sodalite. However, in some
cases the low HCI pressures are simply a reflection of the
incorrect sodalite data from Wellman [1969]. Sharp et al.
(1989] show that Wellman’s [1969] data are based on a meta-
stable equilibrium and find that sodalite is in fact less sta-
ble than Wellman’s data indicate. The difference is sub-
stantial; for reaction (9.5) Wellman’s sodalite data yield
Xuclr ~ 3 x 10713 versus ~ 2 x 10~7 as shown in Table
9. As noted above, reactions (9.4)-(9.6) cannot be stable
equilibria. Thus, we interpret the very low HCI pressures
calculated for some sodalite reactions as showing that the
non-equilibrium mineral assemblages involved are not found
on the surface of Venus.

Taking into account stable phase equilibria and using ter-
restrial petrology as a guide, we propose five other potential
buffering reactions for HCI on Venus. These reactions are

12HCI + 6CaSiOs + 5Na4[AlSiO]sCl = 17NaCl+
6CaAl,Si;Og + 3NaAlSizOs + 6H,O  (153)

2HCI + 9NaAlISiO4 = AL O3 + NaAlSiaOs+

2Na,[AlSi0,)sCl + H,O  (154)
2HCI + 8NaAlSizOs = 2Nay [AlSi; O5]sCl+

ALSiOs + 5510, + H,O0  (155)
HF + Cas(PO4)sCl = Cas(PO4)sF + HCI (156)
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2H,O + KMgsAlSisOmClz = KMgsAlSlaOm(OH)z-{-
2HCI. (157)

The equilibrium constants for reactions (153)~(156) are given
by the equations

logioKiss = —20.17 + 49384(+4884)/T (158)
logioK1s4 = —13.56 + 16150(+2259)/T (159)
logioKiss = —14.92 + 15143(%1566)/T (160)

logioK1se = 0.06 + 2837(+845)/T (161)

from 600 to 800 K. Another potential HC] buffer is analogous
to reaction (156):

H, O + Ca5(PO4)3Cl = Cas(PO4)3OH + HCl1 (162)
but the equilibrium constant
lOg;osz = —0.16 — 2283(i496)/T (163)

indicates that coexisting hydroxy-apatite and chlor-apatite
present anywhere on the surface of Venus will yield HCI
mixing ratios below the observed value (e.g., 0.002 to 0.05
ppm HCI for buffering at 740 K). This result along with the
ability of reaction (156) to provide the required amounts of
HCI from buffering by a solid solution of fluor- and chlor-
apatite, suggests that hydroxy-apatite is absent from the
surface of Venus.

The equilibrium constant for reaction (157) cannot be cal-
culated because no thermodynamic data are available for
chlor-phlogopite. This reaction is proposed as a potential
HCI buffer on Venus because chlorine is a common, if mi-
nor, constituent of micas such as phlogopite on the Earth.

However, our preferred HCI buffers are reactions (153)

and (154). Asshown in Figures 19a and b, within the uncer-
tainties of the thermodynamic data, both buffers provide the
required amounts of HCl with reaction (153) giving a closer
match to the observed HCI mixing ratio. If reaction (153)
is responsible for buffering HCl in the Venusian atmosphere
then halite is stable on the Venusian surface. The lower HCI
equilibrium mixing ratios resulting from reaction (154) can-
not be used to argue that the assemblage sodalite + albite
+ nepheline is absent from the surface of Venus because
within the uncertainties of the thermodynamic data, the
equilibrium HCI mixing ratio matches the observed value.
In fact, the mineral assemblage sodalite + nepheline + al-
bite is common in terrestrial nepheline-syenites [Deer et al.,
1963] and by analogy with the Earth would also be expected
on Venus as well.

Reaction (155) invelving the scapolite marialite is also a
possible buffer for HCl on Venus. Using equation (160) cal-
culated with the marialite data of Semenov et al. [1981], we
find that at 740 K the equilibrium HCI mixing ratio is ~0.8
ppm. The uncertainty in the thermodynamic data allow a
range of HCI mixing ratios from ~0.07 ppm to ~9 ppm at
this temperature. Thus, reaction (155) may also be a viable
HC1 buffer. However, as noted previously, marialite may
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Fig. 19. (a) A comparison of the HC] abundance calculated for reaction (153) with the observed HCl abundance [Bézard et al.,
1990; Connes et al., 1976; DeBergh et al., 1989] in the atmosphere of Venus. The dashed lines indicate the range of HCI values
allowed by the uncertainties in the thermodynamic data. Refer to Fig. 2 to relate temperatures to altitudes on the surface of

Venus. (b) As in (a) but for reaction (154).

not be as stable as the Semenov et al. data predict and thus
reaction (155) may not be important for Venus. Further
studies of the thermodynamic properties of well character-
ized marialite samples are required to resolve this issue.
HF Reactions with F-Bearing Minerals. Lewis [1970a]
alsc considered a number of gas-solid reactions as possible
HF buffers on Venus. These are listed in Table 10 along
with our linear fits to the updated equilibrium constants
in the 600 to 800 K range. The fits were calculated using
thermodynamic data from Robie et al. [1979], Hemingway et
al. [1982], and the JANAF Tables [Chase et al., 1985]. The
equilibrium HF mixing ratios in Table 10 are calculated at
740 K for 20 ppm H50. However, like several of the HCI

bu‘ﬂ‘ers in Table 9, the HF mixing ratio is proportional to
beo.

Of the reactions listed in Table 10, only a few yield equi-
librium HF mixing ratios low enough to match or come close
to the observed value. Lewis [1970a] originally suggested
reaction (10.2) in Table 10 as the HF buffering reaction
on Venus. However, Orville [1974] noted that ikermanite,
which is involved in reaction (10.2), is thermodynamically
unstable at CO2 pressures above ~0.1 bars and will react to
form diopside + calcite. Thus, the dkermanite + fluorite +
quartz + enstatite assemblage in reaction (10.2) cannot exist
on the Venusian surface. The agreement between the cal-
culated HF mixing ratio for this reaction and the observed
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TABLE 10. Possible HF Buffers on Venus (Lewis, 1970a)

10.1 2HF + CaSiO3 = CaF, + SiO; + H,0

wollastonite + fluorite + quartz

logi10K10.1 = —6.53 + 10432(+109)/T

Xy ~ 8 x 10~8
10.2

4HF + CayMgSi,O7 = 2CaF; + SiO; + MgSiO3 + 2H,0

akermanite + fluorite 4+ quartz + enstatite
log10K10.2 = —14.12 + 22415(+244)/T

Xur ~ 4 x 10~8
10.3

2HF + CaMgSiO4 = CaF; + MgSiO; + H; 0
monticellite + fluorite + enstatite

log10Ki0.3 = —6.82 + 10988(+215)/T

XHF ~4Xx 10_8
10.4
enstatite + sellaite 4+ quartz

2HF + MgSiO3 = MgF + SiO; + H,0

logi10Ki0.4 = —6.40 + 9464(+135)/T

Xgp ~3 x 10~7
10.5
forsterite + sellaite + enstatite

2HF + Mg,SiO4 = MgF, + MgSiO; + H, 0

logi10Kio5 = ~6.64 + 10314(:t141)/T

Xgp ~ 1 x 10~7
10.6

6HF + 2CaSi03 + 3NaAlSiaOg = Najz AlFg + 10Si0O, + Ca, Al;SiO7 + 3H,0

wollastonite + analbite + cryolite + quartz + gehlenite
logi1oKi06 = —22.84 + 22877(:&894)/’1‘

Xyp ~ 2 x 1075
10.7

2HF + KAISi2 O¢ + 3MgSiO; = KMgz AlSi; O10F; + 2Si0; + H,0

leucite + enstatite + fluorphlogopite + quartz
log10K10.7 = —8.24 + 12250(+1841)/T

XHF ~ 3 x 10—8
10.8

2HF + KAISi3Og + 3MgSiO; = KMgz AlSizO10F, + 3Si0O3 + H,O

sanidine + enstatite + fluorphlogopite + quartz
logioKio08 = —6.61 + 11236(+1848)/T

Xygp ~ 2 x 10~8
10.9

2HF + KAlSiz Og + 2Mg2Si04 = KMg3 AlSiz;O10F, + MgSiO; + H,0O

leucite + forsterite + fluorphlogopite + enstatite
log10K10.9 = —8.71 + 13948(+1834)/T

Xyrp ~4x10~°

value, which has been cited by several authors [e.g., Prinn,
1985; von Zahn et al., 1983] as evidence that reaction (16.2)
is buffering HF on Venus, is again only a coincidence.

Likewise, several of the other HF buffers suggested by
Lewis [1970a] involve mineral assemblages known to be un-
stable or metastable. Reaction (10.7) involves leucite +
quartz which react to form K-feldspar and reaction (10.9)
involves leucite + enstatite which react to form K-feldspar
+ olivine. Neither reaction can be considered as a HF buffer
because the mineral assemblages involved will not exist at
equilibrium on the surface of Venus.

Only reaction (10.8), which is the stability limit for fluor-
phlogopite in felsic (i.e., granitic) rocks, may be a viable
HF buffer. However, at Venusian surface temperatures, K-
feldspar is probably totally ordered [Ribbe, 1983; Yund and
Tullis, 1983] and thus microcline should be used instead of
sanidine (as done by Lewis) in this reaction. This changes
the equilibrium constant to

log10K10.8 = —5.53 + 10765(+£1848)/T (164)

and the equilibrium HF mixing ratio at 740 K to ~ 1 x
1078, As shown in Figure 20a, within the uncertainties of

the thermodynamic data, this reaction is a viable HF buffer
on Venus.

Again taking into account stable phase equilibria and us-
Ing terrestrial petrology as a guide, we propose four addi-
tional gas-solid reactions as HF buffers on Venus. These
reactions and the corresponding equilibrium constants are

v

2HF + 3Mg25i04 + KAISi30g = KMgaAlSi;;Osz-{-
3MgSiO; + H,0 (165)

loglo K165 = —6.23 + 13313(i1852)/T (166)

involving the mineral assemblage forsterite + microcline +
fluor-phlogopite + enstatite which governs the stability of
fluor-phlogopite in mafic (i.e., basaltic) rocks,

2HF + NaAlSiO4 + 2CaMgSi» Og 4+ 3MgSiO; =

NaCa, Mg58i7 AlO2;F2 + Si05 + H,O (167)

logio K167 = —6.88 + 12098(£1120)/T (168)

involving the mineral assemblage nepheline + diopside + en-
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Fig. 20. (a) A comparison of the HF abundance calculated for reaction (10.8) in Table 10 with the observed HF abundance

[Bézard et al., 1990; Connes et al.,

1967] in the atmosphere of Venus. The dashed lines indicate the range of HF values allowed

by the uncertainties in the thermodynamic data. This buffering reaction was originally proposed by Lewis [1970a]. Refer to Fig.
2 to relate temperatures to altitudes on the surface of Venus. (b} As in {(a) but for reaction {165).

statite + fluor-edenite + quartz which governs the stability
of fluor-edenite in felsic (i.e., granitic rocks,

2HF + NaAlSiO4 + 2CaMgSi» O + Mg2SiO4+

MgSiO;; = NaCazMgSShAlOn F. 4+ H,O (169)

10g10K159 = —6.93 + 12852(*1104)/’1‘ (170)

involving the mineral assemblage nepheline + diopside +
enstatite + forsterite + fluor-edenite which governs the sta-
bility of fluor-edenite in mafic (i.e., basaltic) rocks, and

2HF + SiO + 2CaMgSiz O + 3MgSiO3 =

Cap;MgsSis 022 F2 + H20 (171)

logioKim1 = —7.39 + 11113(£1223)/T (172)

involving the mineral assemblage quartz + diopside + en-
statite + fluor-tremolite which governs the stability of fluor-
tremolite in felsic rocks. The analogous reaction for fluor-
tremolite in mafic rocks was also considered. This reaction
is

2HF + 2CaMgSi205 + 5Mg8103 = CazMg5Si3022F2

+ Mg'leO4 + H,O (173)
logio K73 = —7.34 + 10359(i1250)/T. (174)

However, in this case the equilibrium HF pressures are sig-
nificantly higher than the observed value except at altitudes



above ~10 km where the calculated and observed HF abun-
dances overlap because of the uncertainties in the thermo-
dynamic data. Thus, this reaction is probably not a viable
buffer for HF.

The calculated equilibrium HF mixing ratios as a function
of altitude for these reactions are displayed in Figures 20b-
22. The equilibrium HF mixing ratios for reactions (167)
and (169) are similar and are very close to the observed
value; however, within the uncertainties in the thermody-
namic data, all four reactions are viable HF buffers over a
range of altitudes on the Venusian surface.

We also examined the stability of fluor-pargasite (a fluor-
hornblende) using thermodynamic data from Westrich [1981],
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Westrich and Navrotsky [1981], and Robie et al. [1979]. The
reaction studied and the equilibrium constant in the 600 to
800 K range are

4HF + CaAl,Si, Og + 2NaAlSiO4 + 3CaMgSi2 Os+
2Mg25i04 + MgAleg = 2NaCagMg4 AlsSis 022F2+
2H,0 (175)

logioKi7s = —10.22 + 16102(£1918)/T. (176)

At 740 K, the HF mixing ratio needed to stabilize fluor-
pargasite on the Venusian surface is ~600 ppb, or about
100 times greater than the observed value. At altitudes of
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Fig. 21. (a) A comparison of the HF abundance calculated for reaction (167} with the observed HF abundance [Bézard et al., 1990;
Connes et al., 1967] in the atmosphere of Venus. The dashed lines indicate the range of HF values allowed by the uncertainties
in the thermodynamic data. Refer to Fig. 2 to relate temperatures to altitudes on the surface of Venus. (b) As in (a) but for

reaction (169).
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Fig. 22. A comparison of the HF abundance calculated for reaction (171) with the observed HF abundance [Bézard et al., 1990;
Connes et al., 1967] in the atmosphere of Venus. The dashed lines indicate the range of HF values allowed by the uncertainties in
the thermodynamic data. Refer to Fig. 2 to relate temperatures to altitudes on the surface of Venus.

~9 km and above, the uncertainties in the thermodynamic
data permit fluor-pargasite to be stable; however, then the
kinetics of reaction (175) become an important issue. Exper-
imental studies of reaction (175) could resolve this question
and would also be important for assessing fluor-pargasite
stability on the Earth.

Another buffer that we examined involved fluor-topaz Al,-
SiO4F ;. This reaction is

ALSiO4F, + H, O = Al SiOs + 2HF
10g10K177 = 7.65 — 10115(:£283)/T.

ar7)
(178)

However, reaction (177) is not a viable HF buffer anywhere
on the surface of Venus. For example, at 740 K the equilib-
rium HF mixing ratio is ~450 ppb, approximately 90 times
higher than the observed value.

For the sake of completeness, we also studied the HF ana-
log to reaction (156) above:

H,O + Ca,s(PO4 )3F = Cas(PO4)3OH + HF. (179)

log1o K179 = —0.22 — 5120(£498)/T. (180)
If discrete grains of hydroxy-apatite and fluor-apatite are
present on the surface of Venus, then HF should be buffered
at a mixing ratio of ~ 1.4 x 10712, This value is appro-
priate for 740 K, but buffering at both higher and lower
altitudes also yields equilibrium HF mixing ratios orders of
magnitude lower than the observed value of ~5 ppb. This
result reinforces our earlier conclusions that hydroxy-apatite
is absent from the surface of Venus.

Apatites are common accessory minerals in almost all ig-
neous rocks on the Earth and are the most abundant P-
bearing minerals [Deer et al.,, 1963]. Furthermore, fluor-

apatite is by far the most commonly found member of the
apatite group. In addition, using the equilibrium constant
for reaction (156) and assuming ideal solid solution, we cal-
culate that a solid solution of fluor- and chlor-apatite is sta-
ble on the surface of Venus. Thus, we suggest that fluor-
apatite solid solutions with chlor-apatite are probably present
as an accessory mineral on the Venusian surface, but that
hydroxy-apatite is probably absent. In fact, if we assume
that fluor-apatite is present on Venus, and calculate the
hydroxy-apatite thermodynamic activity for reaction (179)
at 740 K, we find that it is ~ 3 x 10™%. This activity is far
too low for hydroxy-apatite to be a significant component
in solid solution with fluor-apatite, and again demonstrates
the difficulty in finding any water-bearing minerals stable
under Venusian surface conditions.

In summary, we emphasize that HCl and HF are reactive
gases which are likely to be in chemical equilibrium with the
surface mineralogy in at least some regions of the surface of
Venus. The virtually identical HCI and HF mixing ratios
observed 20 years apart in two different regions of the Venu-
sian atmosphere also suggest that the observed abundances
are equilibrium values. The alternative that HC] and HF
are controlled by episodic phenomena such as volcanism ap-
pears less likely to us because the observed constancy in the
HCI and HF mixing ratios then implies fairly sluggish reac-
tion rates for these corrosive gases. Although quantitative
data are lacking, common experience, such as the use of HF
for glass etching, implies that HF reactions with silicates
should be rapid under Venusian surface conditions.

We suggest that the best way to resolve the questions
about which mechanisms (chemical equilibrium reactions or
episodic phenomena) are controlling the abundances of HCI
and HF on Venus is to study experimentally the thermody-



namics and kinetics of several potential buffering reactions.
The most attractive candidates for experimental study of
HCI buffers are reactions (153) and (154) which provide the
required amounts of HCl and which involve common min-
eral assemblages in nepheline-syenite rocks on the Earth.
The most attractive candidates for experimental study of
HF buffers are reactions (165), (167), (169), (171), and re-
action (10.8) in Table 10. The latter reaction was originally
suggested by Lewis [1970a). All the HF reactions also in-
volve stable mineral assemblages observed in different rock
types on the Earth and their study will thus yield informa-
tion relevant to terrestrial petrology as well.

Cl-Bearing Cloud Condensates. Chlorine-bearing cloud
particles were apparently detected by several experiments
on the Venera 11/12, Venera 13/14, and Vega 1/2 space-
craft. However, these reports have met with considerable
skepticism because of the geochemical problems involved in
identifying any plausible Cl-bearing condensates that could
be present at the required abundance in the cloud-forming
region of the Venusian atmosphere. We review this situa-
tion by first presenting the observational evidence and then
discussing the theoretical arguments involved.

Surkov et al. [1981] reported that the Venera 11/12 X-ray
fluorescence (XRF) experiment detected Clin the Venusian
clouds and reported S/Cl mass ratios of ~0.1. An upper
limit of 2% (by mass) was also established for the Cl/Hg
mass ratio. Furthermore, Petryanov et al. [1981] reported
that the XRF experiment also detected Fe in the cloud lay-
ers. Surkov et al. [1982] subsequently reported that the XRF
experiment on the Venera 13/14 spacecraft measured S/Cl
mass ratios of ~7 in the Venus clouds. Finally, an X-ray
radiometric experiment [Andreichikov et al., 1987] and a
mass spectrometer experiment [Surkov et al., 1987] on the
Vega 1/2 spacecraft also reported the presence of Cl in the
clouds. However, none of these experiments provided any
information on the putative Cl-bearing compounds present
in the cloud layers. What Cl-bearing compounds have been
suggested to be present and how plausible are they on the-
oretical grounds?

One possible Cl-bearing cloud condensate which has been
discussed in the literature is HCl [e.g., Lewis, 1968a,b, 1969,
1970c, 1971c]. However, the presence of HCl solution clouds
is inconsistent with observational data on HCl and H2O
abundances, cloud particle refractive indices, and with the
Venera 11-14 data [Esposito et al.,, 1983; Krasnopolsky,
1986]. Mercury chlorides were also suggested by Lewis [1969],
but neither the Pioneer Venus mass spectrometer [Hoffman
et al., 1980a] nor the Venera 11/12 XRF experiment [Surkov
et al., 1981] has detected any Hg-bearing gases or conden-
sates in the Venusian atmosphere. However, as noted be-
fore, the upper limits on Hg compounds are fairly high. Al-
though Hg halides are probably unimportant as major cloud-
forming condensates, they still may be present at sub-ppm
levels in the lower atmosphere of Venus.

Iron chlorides and their hydrates (produced either from
gas—solid reactions at the surface of Venus or from volcanic
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gases) have been discused by several groups as possible cloud-
forming condensates [Kuiper, 1969, 1971; Knollenberg and
Hunten, 1980; Krasnopolsky, 1985, 1989; Krasnopolsky and
Parshev, 1979]. However, one problem with this suggestion
is that the required abundance of Fe chlorides (a mixing ra-
tio of ~10 ppm by volume) is much larger than the equilib-
rium abundance of FeCly or of FeCls supplied by gas-solid
reactions with the surface of Venus. This point was prob-
ably first emphasized by Lewis [1970a] who considered the
reactions

Fe3O4 + 6HCl + CO = 3FeCl; + 3H,0 + CO: (181)
2Fe3 04 + 18HCl = 6FeCl; + 8H20 + H2 (182)

which have the equilibrium constants
log10K1s1 = 8.23 — 11038(£354)/T (183)
logioK1s2 = —2.31 — 20544(£1595)/T.  (184)

At 740 K reaction (181) yields an FeCly mixing ratio of
~ 107117 at equilibrium, while reaction {182) yields an
even lower FeCls mixing ratio of ~ 107152 at equilibrium.
The latter calculation assumes that the Hy partial pressure
is fixed by equilibrium with Fe-bearing silicates on the sur-
face of Venus. However, if the significantly higher Hy mix-
ing ratio of 10 ppm estimated by Kumar et al. [1981] is
used instead, the calculated FeClg mixing ratio decreases to
~ 10~1%-8_ Thus, gas-solid reactions at the surface of Venus
are unable to produce the required mixing ratios of Fe chlo-
rides needed to explain the reported Cl mass densities.

Likewise, Fe chloride production from volcanism also seems
unlikely. This can be illustrated by again considering reac-
tion (181). Chemical equilibrium at typical magmatic tem-
peratures of 1200 to 1600 K will give only ~0.09-0.2 ppb of
FeCl; instead of the required 16 ppm (10,000 ppb). How-
ever, the FeCl, mixing ratio can be increased to 10 ppm
but only by also increasing the HCI mixing ratio to ~78-
167 ppm. We conclude that volcanic production of FeCly
cannot be unambiguously ruled out but that this alterna-
tive requires specific volcanic gas compositions unlike the
observed composition of the Venusian atmosphere.

Aluminum chlorides {AlICl3 and AlyClg) have also been
suggested by Krasnopolsky and colleagues [Krasnopolsky,
1985, 1989; Krasnopolsky and Parshev, 1979] to explain the
Venera and Vega observations. However, this proposal must
also be rejected because the volatility of Al chlorides is too
low to provide the necessary Cl mass densities [Lewis and
Fegley, 1982]. They noted that the reaction

CaAl; 81,03 + CO2 + 6HCl = CaCO3 + 25102+

3H,0 + 2AICI;  (185)

which has the equilibrium constant

logioK1ss = —8.80 — 13056(£165)/T (186)

will control the abundance of AICl3 gas evolved from felsic
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rocks on the surface of Venus. At 740 K, the equilibrium
mixing ratio of AICl3 is only 107231, which is about 18 or-
ders of magnitude too low to provide the observed cloud con-
densate mass densities. Similar calculations by J.S. Lewis
(personal communication, 1991) also show that a volcanic
origin for AICl3 is implausible.

Lewis and Fegley [1982] also critically assessed the plausi-
bility of As and Sb chlorides as cloud-forming condensates.
These compounds had previously been suggested by Soviet
scientists [e.g., Barsukov et al., 1981] who calculated that
chlorides were the dominant As- and Sb-bearing gases in
the atmosphere of Venus and that the mixing ratios of these
species were large enough to explain the observed cloud con-
densate densities. However, using more recent thermody-
namic data for a large number of As and Sb gases and con-
densed phases, Lewis and Fegley [1982] showed that in fact
the dominant As- and Sb-bearing gases are sulfides and not
chlorides and that in any case the volatility of As and Sb
compounds is sufficiently low that they are unable to provide
the necessary mass densities.

Thus, exhaustive thermodynamic modelling has so far
failed to provide any geochemically plausible mechanism to
explain the reported Cl-bearing cloud condensates. In the
absence of any other quantitative proposal for explaining
these observations, we conclude that the spacecraft results
must be regarded as provisional and need to be confirmed
independently by other investigators.

Sulfur Hezafluoride. Finally, we will consider the detec-
tion of 0.2 ppm SF¢ which was claimed by the Venera 13/14
gas chromatography experiment [Mukhin et al., 1983]. This
result is suspect because the reported SF¢ concentration is
orders of magnitude greater than is predicted from thermo-
chemical equilibrium between HF and SOj;. This is easily
illustrated by considering the reaction

which has the equilibrium constant
logioKis7 = —23.76 — 13959(+337)/T. (188)

Thermochemical equilibrium at the Venusian surface tem-
perature of 740 K yields a SFg mixing ratio of ~ 3 x 10~72,
while equilibrium at an altitude of ~47 km (T ~380 K), in
the middle of the altitude range where SFg was reported,
yields an even lower mixing ratio of ~ 2 x 10795, These
equilibrium values are approximately 65 to 88 orders of mag-
nitude smaller than the reported mixing ratio of 0.2 ppm.
Zolotov and Khodakovsky [1985)] attempted to explain the
reported SF¢ abundance by recourse to equilibrium chem-
istry in putative volcanic gases. Their calculations assumed
that the total F atomic abundance in the volcanic gases
exceeded the total H atomic abundance thus forcing the ex-
cess fluorine to react with sulfur. However, their theoretical
results are suspect for the following reasons. First, their as-
sumed fluorine abundance (F/C ~0.001) is ~ 2 x 10° times
higher than the observed HF /CO2 mixing ratio in the Venu-
sian atmosphere. Second, their results predict much larger
amounts of CF4 which has not been observed on Venus.

This point is illustrated using their published results and
considering the reaction

SF¢ + F2 + CO; = CF4 + SF¢ + Oa,. (189)
At 1400 K reaction (189) has an equilibrium constant of
10695, Combining this with their calculated mixing ratios
for Fa, CO2, SF4, and O; displayed in Figure 1 of Zolo-
tov and Khodakovsky [1985], we find that the ratio of the
abundances of CF4 and SFg is CF4/SFg ~ 1084, corre-
sponding to ~50 ppm CF4 if the SFg abundance is 0.2 ppm
as reported by Mukhin et al. [1983]. The arguments out-
lined in this section therefore cause us to reject the reported
detection of SFg.

Nitrogen and Nitrogen Compounds

Molecular Nitrogen.  Molecular nitrogen is the second
most abundant constituent of the Venusian atmosphere. Its
presence was first deduced from gas absorption experiments
on the Venera 4,5,6 spacecraft. The resulting upper lim-
its on N3 ranged from <2% to <9.5% [Vinogradov et al.,
1971]. As noted by von Zahn et al. [1983], the subsequent
more sophisticated Ny analyses by the Pioneer Venus and
Venera 11/12 mass spectroscopy and gas chromatography
experiments also gave N2 mixing ratios (see Table 1). How-
ever, the values determined by the Pioneer Venus gas chro-
matograph, the Venera 11/12 mass spectrometer, and the
Venera 11/12 gas chromatograph do not agree within the
stated uncertainties. Furthermore, the Pioneer Venus gas
chromatography results show an apparent decrease in N
with decreasing altitude [Oyama et al., 1980]. These data
were critically assessed by von Zahn et al. [1983] who gave
a recommended value of 3.5+0.8% below 45 km altitude,
which is adopted here.

Ammonia. Surkov et al. [1974] reported that the Venera
8 spacecraft detected ammonia in the atmosphere of Venus
at mixing ratios from 100 to 1,000 ppm. This detection
was based on the color change observed when Venusian at-
mospheric gas reacted with bromophenol blue (tetrabromo-
phenol-sulphaphthalein), a pH indicator which turns blue on
exposure at basic pH values. The spacecraft measurements
were done at 44 km (2 bars) and 32 km (8 bars).

This reported detection of NHj3 is in conflict with signif-
icantly lower upper limits determined by Earth-based and
Earth-orbital spectroscopic observations in the ultraviolet,
infrared, and microwave regions. Kuiper [1971] gave an up-
per limit of 30 ppb from infrared spectroscopy, Owen and
Sagan [1972] gave an upper limit of 0.1 ppm from ultraviolet
spectroscopy, and Smirnova and Kuz’min [1974] gave an up-
per limit of 16 ppm from microwave spectroscopy. The first
two values refer to the cloud top region while the microwave
value is for the lower atmosphere below the clouds.

The reported NH3 abundance is also in conflict with ther-
modynamic predictions. From a consideration of the equi-
librium

N, + 3H, = 2NHa (190)



and observational upper limits on CO and H,O, which al-
lowed him to thermodynamically calculate an upper limit
on the Hy partial pressure, Mueller [1964b] concluded “that
no significant quantity of ammonia can occur if PN, has any

1 nl t of this size Y Haw
reasonable value for a terrestrial planet of this size.” How-

ever Mueller did not actually present any calculated upper
limits for NH3 on Venus.

After the Venera 8 results were reported, a more quan-
titative argument against NH3 was made by Goettel and
Lewis [1974] who noted that the reported detection of NH3
disagreed with the abundance predicted from the thermo-
chemical reaction

N2 +3CO + 3H,0 = 2NH; + 3CO, (191)
which has the equilibrium constant
logioKig1 = —17.39 + 11396(+54)/T (192)

from 298 to 800 K. For example, at 740 K, where gas phase
equilibrium is most likely to be attained, reaction (191)
yields a NH3 mixing ratio of ~ 10728, orders of magni-
tude below the reported values. As Figure 1 of Goettel
and Lewis [1974] illustrates, the equilibrium NH3 mixing
ratio increases rapidly with decreasing temperature. How-
ever, reaction (191) is probably kinetically inhibited at low
temperatures and equilibrium cannot be attained. But in
any case, Goettel and Lewis [1974] also emphasized that the
maximum NH3 mixing ratio is limited by the amounts of
CO and H2O in the Venusian atmosphere. The CO mix-
ing ratios of 20-30 ppm observed below the clouds [Oyama
et al., 1980; Gel’man et al., 1979] and the stoichiometry of
reaction (191) limit the maximum NHg3 mixing ratio to 13-
20 ppm. The reported mixing ratios of 100 to 1000 ppm
are thus physically impossible. Florensky et al. [1978] also
present calculations (their Figure 1) which also illustrate
that the reported NH3 mixing ratios violate mass balance
constraints.

Finally, it should be noted that Young [1977] has pro-
posed a more plausible explanation for the Venera 8 results.
He pointed out that bromophenol blue turns violet red in
concentrated HySO4 and speculated that the Venera 8 ex-
periment had actually reacted with the concentrated sulfuric
acid which makes up the cloud droplets. Young’s observa-
tion in concert with the spectroscopic upper limits and the
chemical arguments lead us to reject the Venera 8 result as
an experimental artifact.

N-Bearing Minerals.
dence for any nitrogen-bearing minerals on the surface of
Venus. Furthermore, theoretical arguments suggest that
pure nitrogen-bearing phases are unlikely to be present on
the Venusian surface. For example, nitride minerals, if pres-
ent, would spontaneously be oxidized via reactions such as

There is no observational evi-

2AIN + 3C0O; = ALO; + N2, +3CO
2TiN 4+ 4CO; = 2TiO; + N, +4CO

(193)
(194)

with the overlying atmosphere. Likewise, pure nitride min-
erals are also thermodynamically unstable on the Earth.
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However, the small amounts (~10 - 160 ppm) of nitro-
gen which are commonly found in igneous and metamorphic
minerals on the Earth {reviewed by Wlotzka, 1972] may be
present as dissolved nitrides and/or oxynitrides By anal-
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Venus. The dissolved nitrogen is probably unimportant from
the perspective of atmosphere-surface chemistry but may
nevertheless constitute a significant fraction of the nitrogen
inventory on Venus.

Other possible N-bearing minerals are ammonium sili-
cates. One well known example is the ammonium silicate
buddingtonite NH4AlSizOg - $H20, which has been synthe-
sized under hydrothermal conditions (550-650°C, 2 kbars)
by Barker [1964] and which occurs naturally as pseudo-
morphs after plagioclase in andesitic rocks which have been
hydrothermally altered by NHz-rich hot-spring waters [Erd
et al., 1964]. No calorimetric data are available to quantita-
tiavely assess the stability of buddingtonite under Venusian
surface conditions. However, the conditions required for
buddingtonite synthesis in the laboratory, the preliminary
phase equilibrium studies (under hydrothermal conditions)
of Hallam and Eugster {1976], and its natural occurrences
suggest that buddingtonite would be unstable on the Venu-
sian surface because of the low water vapor partial pressures.
One possible decomposition reaction is

3CO, + 2NH4AlSi30s - %H2O =5H,0 + N, + 3CO+

ALSiOs + 5Si0,.(195)

Other NHI-bearing minerals are micas and clay minerals
[Hallam and Eugster, 1976; Wlotzka, 1972]. However, we
also expect that these minerals will decompose under the
high temperatures and low water vapor partial pressures
present at the surface of Venus.

Finally, by analogy with the Earth where nitrate ions are
sometimes found in solid solution in calcite [Wlotzka, 1972]
one may ask whether nitrate might also be found dissolved
in carbonates on Venus. We have examined this possibility

by studying the reaction

5
CaCO3 + N, + ;Oz = Ca.(NO;;)Q + CO, (196)
which has the equilibrium constant
longlgs = —20.37 + 6528(:}:145)/T. (197)

This was calculated using data from Parker et al. [1971] for
Ca(NOg3);. Rearranging the equilibrium constant expres-
sion for reaction (197) yields

(anitratc/ac:slcite) ~ 10_67

(198)

at 740 K. Thus nitrate solid solution in carbonate can safely
be neglected under Venusian surface conditions.

The arguments above therefore lead us to conclude that
no nitrogen-bearing minerals are stable anywhere on the
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Venusian surface. As mentioned before small amounts of
nitrogen may be dissolved in silicate minerals, but if present
these substitutions are unlikely to be important for atmo-
sphere-surface chemical interactions.
ATMOSPHERE-SURFACE INTERACTIONS ON MARS
As mentioned in the Introduction, atmosphere-surface in-
teractions on Mars are qualitatively different from those on
Venus. The significantly lower global mean surface tem-
perature and global mean surface pressure are two impor-
tant factors contributing to this difference. Thus, for ex-
ample, the lower temperatures on Mars, which can drop
to ~ 148 K in the polar winter [Neugebauer et al., 1971},
lead to condensation/evaporation cycles involving conden-
sible gases in the Martian atmosphere [e.g., see Leighton
and Murray, 1966]. These cycles are exemplified by the an-
nual condensation and sublimation of CO3, the dominant
atmospheric gas, and the condensation and evaporation of
water vapor, an important minor component. As shown by
Viking lander pressure measurements, the former process
changes the Martian atmospheric pressure by ~37% rela-
tive to the global mean pressure of ~6 millibars [Hess et
al., 1980]. The latter process results in temporal and spa-
tial variations in the atmospheric abundance of water vapor
le.g., Jakosky and Haberle, 1991, and references therein).
Furthermore, the Martian surface {(and/or dust suspended
in the atmosphere) may also be involved in stabilizing the
CO5 atmosphere against irreversible photochemical destruc-
tion to CO and O {Kong and McElroy, 1977; Huguenin et
al., 1977; Atreya and Blamont, 1990; but see Lindner and
Jakosky, 1985 for an alternative viewpoint]. Basic informa-
tion about the composition of the atmosphere and surface
of Mars is given in Tables 11 and 12. A representative at-
mospheric (P, T) profile is illustrated in Figure 23 and the

TABLE 11. Composition of the Atmosphere of Mars*

Original
Gas Mixing Ratio! References
COs 0.953 Kuiper 1952
Owen 1991
H,0} 15 ppt. um (~ 0.02%) Spinrad et al. 1963

Kaplan et al. 1964
Kaplan et al. 1969
Kakar et al. 1977

Clancy et al. 1990

co (8+3)x 107
(5—-75)x 1074
(6+1.5) x 1074

O; (1.3+£0.08) x 1073 Barker 1972
(1.3+£0.13) x 1073 Carleton & Traub 1972
~11x1073 Trauger & Lunine 1983

Na 2.7% Owen et al. 1977

OAr 1.6% Owen et al. 1977

O§ ~ (0.04 — 0.2) ppm Barth & Hord 1971

HDO .036+.008 ppt. um Owen et al. 1988

.061£.0013 ppt. pm Bjoraker et al. 1989
*Excluding the noble gases Ne, Kr, and Xe.
{Exhibits temporal & spatial variability
TThe mixing ratios but not the column densities of non-
condensible gases are seasonally variable due to the
varying CO, abundance.

TABLE 12. Average Composition of the Surface of Mars*

Oxide/Halide Concentration(%) Method
MgO 6.0 Viking XRF analysis
Al O3 7.2 Viking XRF analysis
Si0, 43.0 Viking XRF analysis
K,0 0.2 Analysis of Shergotty
Ca0O 5.8 Viking XRF analysis
TiO2 0.6 Viking XRF analysis
MnO 0.5 Analysis of Shergotty
Fe, O3 18.0 Viking XRF analysis
SO3 7.2 Viking XRF analysis
Na;O 1.3 Analysis of Shergotty
P20s 0.8 Analysis of Shergotty
Cr;03 0.2 Analysis of Shergotty
Cl 0.6 Viking XRF analysis
H,O <1 Viking GC-MS analysis
CO3 <2 Viking LR simulation
Total 94 .4

* After Banin et al. [1991]

Martian hypsometric curve is shown in Figure 24. Recent,
detailed reviews of many aspects of Martian atmospheric
chemistry and structure, surface composition, and volatile
exchange processes are given in a volume on Mars edited by
Kieffer et al. [1991]. Thus, we will not discuss these topics
in detail but will instead selectively contrast atmosphere-
surface chemical interactions on Mars to those on Venus.

Thermochemical Weathering Reactions

We will begin by discussing thermochemical weathering
reactions, which were the first types of atmosphere-surface
reactions considered on Mars. Beginning in the early 1960’s,
polarimetric measurements and reflection spectroscopy in-
dicating the presence of goethite [ — FeO(OH)] [Dollfus,
1961; Huguenin 1974, and references therein] led several au-
thors to investigate the thermodynamic stabilities of goethite
and other Fe—bearing minerals such as hematite and siderite
FeCOg3 on the Martian surface [Adamcik, 1963; Fish, 1966;
O’Connor, 1968a]. At about the same time, several of these
studies indicated that goethite was thermodynamically un-
stable under present conditions on the Martian surface. This
realization then led to theoretical models of the production
and survival of “fossil” weathering products from Martian
paleo-environments [e.g., O’Connor, 1968b]. Subsequently,
the Viking data on different chemical and physical proper-
ties of the Martian surface spurred further thermodynamic
modelling of possible gas-solid weathering reactions involv-
ing common minerals found in igneous rocks, the stability of
different hydrated salts, and related topics {Gooding, 1978;
Sidorov and Zolotov, 1986; Suleimenov et al., 1986; Zolotov,
1989; Zolotov and Sidorov 1986). These theoretical studies
have led to detailed predictions about the thermodynami-
cally preferred weathering reactions and the thermodynam-
ically stable weathering products on the Martian surface.

Atmospheric Composition and Evidence for Disequilibri-
um. However, despite the emphasis which has been placed
on thermodynamic modelling, it is not at all clear which (if
any) thermochemically driven gas-solid reactions can pro-
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Fig. 23. A representative pressure—temperature profile for the atmosphere of Mars in the 0 to 100 km altitude region. The mean
atmospheric model given by Barth [1985] was used to construct this plot. Refer to papers in Kieffer et al. [1991] for a discussion

of the temporal and spatial variations in the Martian atmospheric structure.

ceed in the present environment at the surface of Mars. For
example, 1t is obvious that the major carbon and oxygen
bearing gases in the Martian atmosphere are not in ther-
modynamic equilibrium with each other. Prior to the dis-
covery of O in the Martian atmosphere, O’Connor [1968a]
erroneously assumed that reaction (26) was responsible for
buffering the oxygen fugacity of the Martian atmosphere. If
this were the case, which it is not, chemical equilibrium at
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Fig. 24. Surface area distribution on Mars as a function of al-
titude. The highest observed point is Olympus Mons at 25 km.
The lowest observed point is Hellas Planitia at -5 km. The refer-
ence (0 km) level is defined by a mathematical fit to the Martian
gravitational field combined with radio occultation data giving
the location of the 6.1 millibar isobaric surface. For reference
the equatorial radius of Mars is 3393.4 km. Data from Wu et al.
[1991], and references therein) were used to construct this plot.

the Martian mean surface temperature of 215 K would lead
to an oxygen fugacity of ~ 107122 bars. However, the ob-
served oxygen fugacity at the Martian surface is ~ 10751
bars, or almost 120 orders of magnitude larger. Conversely,
the observed O2/CO3 ratio of ~ 10=2° in the Martian at-
mosphere would lead to a CO mixing ratio of ~ 10752 if
chemical equilibrium were attained at 215 K. This is also
dramatically lower than the observed value. A powerful dis-
equilibrating mechanism is clearly responsible for maintain-
ing the observed CO and O, abundances in the Martian

) PR .
Known,

atmosphere. As is well this mechanism is the pho-
tochemical destruction of CO» [e.g., see McElroy and Don-
ahue, 1972; Parkinson and Hunten, 1972; Barth et al., 1991].

Likewise, the COs in the Martian atmosphere is not in
chemical equilibrium with putative crustal minerals. Earth-
based reflection spectroscopy indicates that pyroxene is pre-
sent on the Martian surface [e.g., Adams and McCord, 1969].
As we discuss later, if silicates such as enstatite and wollas-
tonite were in chemical equilibrium with the Martian atmo-
sphere, all the atmospheric CO9 would be locked up in car-
bonate minerals and the dominant atmospheric constituents
would be Ny and Ar. Again, this is clearly not the case.
These two examples illustrate that atmosphere-surface in-
teractions on Mars are probably not controlled by thermo-
chemistry, because otherwise the atmospheric composition
would be vastly different than is observed. However, it is
also important to recognize that some thermochemical reac-
tions, such as the annual condensation and sublimation of
CO9 do occur. What can be said about the likelihood of
different types of gas-solid reactions taking place on Mars?

Gas-Solid Reaction Rates on the Martian Surface. Un-
fortunately, virtually nothing is known about the kinetics
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of the relevant reactions, and aside from some general con-
siderations about gas-solid reaction rates given by Gooding
[1978; Gooding et al., 1991], the topic has virtually been
ignored in the literature. This is mainly due to the lack of
relevant experimental data. Qualitatively, we would expect
that the low surface temperature of Mars coupled with the
low atmospheric density will act in concert to slow down
the rates of gas-solid reactions. As a result, many ther-
modynamically favorable weathering reactions will probably
be kinetically inhibited. This qualitative impression can be
schematically illustrated by considering a typical gas-solid
reaction such as anhydrite formation, which was discussed
earlier. Assuming that the experimentally determined re-
action rate law [equation (150)] is valid down to 215 K,
the lower surface temperature on Mars means that anhy-
drite formation would proceed ~ 1022 times slower than on
Venus. Although this effect will be less severe for reactions
with lower activation energies, we conclude that (at least
some) gas—solid reactions will not take place even though
they are thermodynamically favorable.

A similar conclusion was reached by Stephens and Steven-
son [1990]. They used high temperature data on the kinetics
of the reaction

CaOf(lime) + CO2(g) — CaCOs(calcite) (199)

to estimate the diffusivity of CO5 through carbonate lay-
ers, which are predicted to form on silicates under Martian
surface conditions. Their results gave Dco, ~ 102" cm™2
sec” !, although the exact temperature to which this diffu-
sion constant applies was not given by them. For compari-
son, using their equation for the layer thickness

1 ~ 0.06(Dt)>* (200)

we estimate that Dco, ~ 10713 in order to grow a 1 pym
thick layer in one terrestrial year. (From our previous dis-
cussion we recall that the anhydrite formation rate on Venus
is predicted to be ~1 pgm per terrestrial year.) This D value
is about 14 orders of magnitude larger than the diffusion
coefficient estimated by Stephens and Stevenson [1990]. In
other words, two independent estimates suggest that gas-—
solid reactions are probably kinetically inhibited under Mar-
tian surface conditions.

Evidence from Antarctic Analogs. On the other hand,
qualitative evidence from studies of chemical weathering re-
actions in Antarctic soils [e.g., Ugolini and Jackson, 1982}
suggests that some gas—solid reactions may take place on
the Martian surface. For example, Gibson et al. [1983] ar-
gue that climatic conditions in Antarctic dry valleys are
(roughly) analogous to those on the Martian surface and
that chemical weathering processes in the dry valleys there-
fore provide a guide to those taking place on Mars. They
document the formation of various carbonate, halide, and
sulfate minerals and the mobility of water soluble cations
and anions such as Nat, K*, Ca2*, CI7, SO, and NO3 ™.
However, as Gibson et al. [1983] also note, isotopic data in-
dicate that some of the observed alteration minerals such as
sulfates are probably derived from a marine source.

Independent studies of weathering products found on the
exteriors and in fractures of meteorites found in Antarc-
tica also provide support for the idea that thermochemical
weathering reactions may take place under present day con-
ditions on the Martian surface. Velbel et al. [1991] stud-
ied the Mg carbonate weathering products (MgCO3 - 3H20
nesquehonite + hydromagnesite Mgs (CO3)4(OH)s - 4H20)
found on ordinary chondrites and provided evidence that
the weathering products are formed from the meteorite it-
self and do not represent contamination or products derived
from terrestrial sea-salts. Furthermore, they calculated that
nesquehonite formation via the reaction

Mg2SiO4 + 6H,0(lig) + 2CO,(g) =

2[MgCO3 - 3H,0] + SiO2 (201)
is thermodynamically favorable under some Antarctic con-
ditions (T~273 K and Pco, ~ 10-3° bars) even if water
activities are as low as 0.3-0.65. The range of calculated wa-
ter activities depends on whether crystalline quartz or amor-
phous silica is assumed to be formed from reaction (201). As
Velbel et al. [1991] and Gooding [1986] note, these water ac-
tivities are compatible with the presence of liquid water in
brines or in thin films. In this regard we also note that Mur-
rman [1973] demonstrated experimentally that cationic dif-
fusion in frozen soil is surprisingly rapid relative to diffusion
in the solid state. Specifically, Murrman found that for typ-
ical silt soils the diffusion coefficient for Nat is about 10~7
cm? sec™ ! at 270 K. This is orders of magnitude faster than
cationic diffusion in minerals at similar temperatures. Thus,
cationic diffusion in the thin water films found in frozen rock
and soil is relatively rapid.

Furthermore, the weathering process must have taken place
within a geologically short period of time because studies of
decaying cosmogenic nuclides show that the maximum time
the Antarctic meteorites have been on the Earth is less than
a million years [Nishiizumi et al., 1989]. However, as we
discuss later, the specific weathering products studied by
Velbel et al. [1991] are thermodynamically unstable under
Martian conditions because of the much lower water vapor
partial pressures in the Martian atmosphere. Also, the lower
mean temperature of 215 K on Mars versus a mean temper-
ature of 253 K in the Antarctic dry valleys, combined with
the need for liquid water in some form, may mitigate against
analogous reactions on Mars. Nevertheless, the work of Vel-
bel et al. [1991] is a potentially important piece of evidence
in favor of thermochemically driven gas-solid reactions on
Mars.

We conclude that at present the role of thermochemical
gas-solid reactions for chemical weathering on the Martian
surface is probably limited, but that the type of reactions
which may proceed is somewhat ambiguous because of a lack
of kinetic data for many proposed reactions. In order to un-
derstand the possible nature of thermochemical weathering
reactions on the Martian surface, we will review some of the
thermodynamic modelling which has been done. This work



is important because it may provide a guide to the reactions
which may occur if an energy source to provide the neces-
sary activation energy is present. We will start off with a
brief discussion of an observed process, COs condensation
onto the polar caps.

Carbon Diozide Clathrate Hydrate. As mentioned ear-
lier, Leighton and Murray [1966)] proposed that the Martian
polar caps contained COyg ice (dry ice). This proposal was
apparently confirmed by the Mariner 7 infrared radiometer
observations that showed temperatures of 148 K, the dry ice
sublimation point under ~ 6 mb of CO2(g), at the Martian
southern polar cap [Neugebauer et al., 1971]. Subsequent
observations by Mariner 9 and Viking reinforced the idea
that the residual southern polar cap is composed of dry ice
[e.g., Jakosky and Haberle, 1991, and references therein].

However, an interesting alternative, COg2 clathrate hy-
drate CO4 - 6H50, was proposed by Miller and Smythe
[1970]. This phase is interesting for several reasons. Among
these is the potential for storing large amounts of other
volatiles (e.g., N2, CO, and the noble gases) in the CO,
clathrate hydrate [Musselwhite and Lunine, 1390).

Miller and Smythe experimentally measured the CO3 equi-
librium pressure for clathrate formation over the tempera-
ture range 152 — 193 K. Their results are given by

6H20(ice) -+ COz(g) =CO, - 6H20(S)
logioPco, = 7.56 — 1338/T — 6.6 x 107°T.

(202)
(203)

Miller and Smythe pointed cut that above ~ 121 K, the
CO9 vapor pressure over dry ice, which is given by

logioPco, = 8.34 — 1470/T — 4.1 x 107°T, (204)

is greater than that over coexisting CO3 clathrate + water
ice. This is illustrated in Figure 25. Thus, they concluded
that the Martian polar caps can consist of pure water ice,
water ice + CO5 clathrate, or dry ice + CO3 clathrate. But,
as they emphasized, water ice + dry ice are not thermody-
namically stable together at the temperatures measured for
the residual southern polar cap. Furthermore, Miller and
Smythe [1970] stated that COj; clathrate formation from
finely divided ice was rapid, taking only several hours at 150
K. However, their predicted compositions for the Martian
polar caps are apparently contradicted by the observational
evidence that the residual southern polar cap is composed
of dry ice. How can this contradiction be resolved?

There are three alternatives for resolving this problem.
One is that the Martian polar caps contain water ice + dry
ice but are not in thermochemical equilibrium with atmo-
spheric CO5. The second alternative is that the polar caps
contain water ice + dry ice and are indeed in equilibrium
with atmospheric CO3. However, this alternative requires
that the laboratory data which indicate otherwise are incor-
rect. The third alternative is that the residual southern po-
lar cap (and/or the seasonal polar caps) are CO3 clathrate
+ water ice or COy clathrate + dry ice and are in equi-
librium with atmospheric COs, but the observational data
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Fig. 25. A comparison of the CO3 vapor pressure over CO2 ice
(dry ice) and over CO2 clathrate hydrate (CO3-6H320) with the
mean COg pressure of the Martian atmosphere. The observed
temperature of 148 K measured for the Martian south polar cap
by the Mariner 7 infrared radiometer [Neugebauer et al., 1971] is
indicated by the vertical dashed line. At this temperature, the
vapor pressure over CO3 ice and the observed COg pressure of the
Martian atmosphere are virtually identical, thus providing strong
evidence that CO9 ice is present in the polar caps as proposed
by Leighton and Murray [1966]. Note that CO, clathrate hy-
drate, which has been proposed as a constituent of the Martian
polar caps by Miller and Smythe [1970], is thermodynamically
more stable than CO3 ice (i.e., has lower CO3 vapor pressures)
at temperatures above ~121 K.

cannot distinguish between CO3 clathrate and water ice (or
dry ice). This alternative has alsc been discussed by Dobro-
volskis and Ingersoll {1975].

Unfortunately, at present it is not possible to distinguish
which of these three alternatives is correct. With regard
to the laboratory data, Miller and Smythe [1970] state that
their measured dissociation pressures for CO» clathrate are
consistent with prior work and they also state that equilib-
rium was approached from both higher and lower pressures.
However, they do not present any data, such as diffraction
patterns, to prove unambiguously that the solid phase they
prepared was pure CO3 clathrate and not a mixture of CO»
clathrate + CO2 adsorbed/absorbed on water ice. It is
also impossible to determine the clathrate formation rate
per cm? of exposed water ice because the ice grain size was
not reported. However, these questions can be answered by
appropriate laboratory studies.

The observational constraints are alsc somewhat ambigu-
ous. As shown in Figure 25, there is excellent agreement
between polar cap temperatures of ~ 148 K and the dry ice
sublimation point for ~ 6 millibars of gaseous CO3. How-
ever, as noted by Miller and Smythe [1970], a slightly higher
temperature of ~ 153 K also provides excellent agreement
with the CO» pressure over CO3q clathrate + water ice. The
interpretation of spectroscopic data may also be somewhat
ambiguous because Smythe [1975] showed that reflection
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spectra of water ice and of CO» clathrate are indistinguish-
able in the 1 - 6 pm range. In this regard we note that the
prior laboratory reflection spectroscopy of Kieffer {1970a,b]
did not include CO9 clathrate hydrate, but only physical
mixtures of water ice + dry ice.

Thus, to summarize, laboratory data predict that CO,
clathrate hydrate is thermodynamically stable at temper-
atures and pressures characteristic of the residual south-
ern polar cap. However, observational constraints are suf-
ficiently ambiguous that it is probably not possible to tell
whether or not the CO; clathrate is actually present in the
residual southern polar cap and/or the seasonal polar caps.

Carbonates. Although carbonate minerals are generally
believed to be present on the Martian surface, the evidence
for their presence is indirect and inferential. Furthermore,
carbonates are apparently present only in minor amounts if
at all. Earth-based reflection spectroscopy gives an upper
limit of a few percent for the abundance of calcium carbon-
ate on the Martian surface [e.g., Blaney and McCord, 1989].
Other recent observations by Pollack et al. [1990] suggest
that carbonates comprise approximately 1 — 3% of Martian
airborne dust. Also, Clark et al. [1990] recently presented
evidence for HCOg -bearing scapolite on Mars. However,
Encrenaz and and Lellouch [1990] have cautioned that the
identification of scapolite by Clark et al. [1990] should be re-
garded as tentative because of possible spectral interferences
from CO in the Martian atmosphere. The observations of
Pollack et al. [1990] apparently do not have this problem,
but do not uniquely identify any specific carbonate miner-
als.

Another line of evidence for the presence of carbonate
minerals on Mars comes from studies of the SNC (Shergot-
tite-Nakhlite-Chassignite) meteorites, which are related to
one another and which are widely believed to have come
from Mars [e.g., see Banin et al., 1991]. The basis for this
belief is the similarity between the trapped gases found in a
glassy inclusion of one SNC meteorite (the Antarctic mete-
arite EETA 79001) and the composition of the Martian at-
mosphere [e.g., Becker and Pepin, 1984]. Calcium carbonate
grains, at least some of which are calcite, have been found
in the shocked glassy inclusions in EETA 79001 [Gooding
et al., 1988]. Isotopic analyses of the carbon and oxygen in
the carbonate indicate that it is not a weathering product
formed in the Antarctic, and support the contention that the
carbonate is an extraterrestrial weathering product formed
on the meteorite parent body [Clayton and Mayeda 1988;
Wright et al., 1988]. Calcium carbonate has also been iden-
tified in Nakhla by Wentworth and Gooding [1989]. Again,
isotopic measurements indicate that the carbonate is not
terrestrial in origin [e.g., Watson et al., 1991; Carr et al.,
1985).

Finally, a third line of evidence suggesting the presence
of carbonates on the Martian surface comes from the Viking
analyses of the Martian surface. Some of the CO5 evolved
by heating soil samples up to 500° C may be due to the
partial decomposition of carbonates [Biemann et al., 1977;

Toulmin et al., 1977]. Modelling of the Viking X-ray flu-
orescence (XRF) analyses of the Martian surface by Clark
and Van Hart [1981] has also led to the suggestion that car-
bonates are present on the Martian surface. However, it is
important to note that the Viking XRF instrument could
not detect elements with atomic numbers less than 12 (Mg),
and therefore could not detect carbonates directly.

Thermodynamic calculations show that carbonates are
stable on the Martian surface {e.g., O’Connor, 1968a; Good-
ing, 1978; Sidorov and Zolotov, 1986]. However, as men-
tioned previously, atmospheric COs is definitely not in equi-
librium with carbonate-silicate mineral assemblages on the
Martian surface. This point is illustrated in Figures 26 and
27 where the COg equilibrium pressures for reactions (2)
and (1) are plotted over a range of temperatures spanning
the high and low values observed on the Martian surface.
Over this entire range, the calculated pressures are several
orders of magnitude lower than the observed CQ3 partial
pressure in the Martian atmosphere. For example, at 215
K, the equilibrium pressures for reaction (2) and reaction
(1) are about 10713 bars and 10~'° bars, respectively. If
equilibrium were reached in geologically short times, then
CO3 would be totally absent from the Martian atmosphere
and the dominant gases would be Ng and Ar. This is clearly
not the case. The spectral evidence for only minor amounts
of carbonates on the Martian surface also shows that the
atmosphere and surface are not in chemical equilibrium.

Other potential carbonate minerals which have been dis-
cussed include siderite and rhodochrosite. Siderite forma-
tion could occur by reactions exemplified by
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Fig. 26. A comparison of the mean CO9 pressure in the Martian
atmosphere with that calculated for reaction (2). The vertical
dashed line indicates the mean Martian surface temperature of
215 K. The curved dashed lines represent the uncertainties in
the calculated CO2 pressure allowed by the uncertainties in the
thermodynamic data for reaction {(2). The observed CQO35 pres-
sure is always significantly greater than that required to convert
wollastonite to calcite.
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Fig. 27. As in Fig. 26 but for reaction (1). These two figures
illustrate that the Martian surface is a potential sink for atmo-
spheric CO2 through carbonate formation, which is predicted to
be thermodynamically favorable. However, as discussed in the
text, gas-solid reactions such as carbonate formation may be ki-
netically inhibited.

FeSiO3 + CO; = FeCO; + SiO, (205)
logioPco, = 8.46 — 3088(+179)/T (206)
Fe;Si04 + 2C0; = 2FeCO; + SiO, (207)
logioPco, = 8.55 — 3111(£130)/T. (208)

Rhodochrosite formation could occur by the carbonation of
thodonite or tephroite. These reactions and the correspond-
ing COy equilibrium pressures are equations (14) to (19)
discussed earlier. Rhodochrosite, like calcite and magnesite,
is thermodynamically stable with respect to decarbonation,
over the entire range of temperatures observed on the Mar-
tian surface. However, siderite displays qualitatively differ-
ent behavior.

As illustrated in Figure 28, siderite is thermodynamically
stable relative to ferrosilite + CO3 up to 290418 K. How-
ever, this is strictly an upper limit because as discussed pre-
viously, pure FeSiO3z does not exist in nature. Instead it is
dissolved in low-Ca pyroxene (Mg,Fe)SiO3. In this case, the
maximum temperature for siderite stability on the Martian
surface is proportional to the FeSiO3 thermodynamic activ-
ity in the Jow-Ca pyroxene. For a range of plausible FeSiOg
activities of ~ 0.5 to ~ 0.1, the maximum temperature for
siderite stability decreases from 282418 K to 265+18 K.
Siderite formation from fayalite and from fayalitic olivine
[via reaction (207)] occurs at about the same CO;, pressures
and the maximum temperatures as a function of fayalite
activity are identical to those just listed. Thus, thermody-
namic constraints suggest that siderite may undergo decar-
bonation — carbonation cycles as the temperature increases
and decreases on the Martian surface.
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Finally, we want to point out that both siderite and rho-
dochrosite are thermodynamically unstable with respect to
oxidation to Fe3t and Mn*?t oxides by reactions such as

2FeCOs + 103 = Fey 05 + 2C0; (209)
logioKz07 = 10.72 + 7192(£229)/T (210)
MnCO; + %oz = MnO; + CO, (211)
logioKa11 = 3.30 + 1288(+86)/T. (212)

In both cases the equilibrium oxygen fugacities are orders
of magnitude below the observed value. If thermodynamics
were the controlling factor, reactions (209) and (211) would
probably convert all siderite and rhodochrosite on the Mar-
tian surface to hematite and pyrolusite. However, in the
case of siderite it is more likely that the relative rates of the
decarbonation and carbonation reactions on the one hand
and the rate of hematite formation on the other hand will
decide whether or not siderite is stable on the Martian sur-
face. Likewise, in the case of rhodochrosite, it is likely that
the relative rates of rhodochrosite formation (or exposure
on the surface) and of pyrolusite formation will determine
if MnCO3 is present or not. The possible effects of photo-
chemically driven reactions are also of interest in these two
cases, but have not been studied experimentally.

Water Vapor, Liquid Water, and Water Ice. Observa-
tional data about the water vapor content of the Martian
atmosphere and its temporal and spatial variations have re-
cently been summarized by Jakosky and Haberle [1991]. A
typical water vapor abundance in the Martian atmosphere
is 15 ppt pm (equivalent to 5 x 10!° molecules cm™2 or
210 ppm by volume). The maximum observed water va-
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Fig. 28. As in Fig. 26 but for reaction (205). Siderite (FeCO3)
formation from fayalite is also thermodynamically favorable un-
der average Martian surface conditions. Siderite becomes ther-
modynamically unstable at 290118 K relative to pure FeSiOg
and CO3.
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por abundance is about 90 ppt um (~1260 ppm) during
northern summer, and the minimum water vapor abundance
drops below 1 ppt gm (14 ppm) during polar night.

Pure liquid water is unstable on the Martian surface be-
cause the water vapor pressure is always less than the triple
point pressure of ~6 mbars. The thermodynamic stability of
brines, concentrated aqueous salt solutions with water vapor
pressures less than that of pure water, has been discussed by
Brass [1980]. He finds that a water vapor pressure on the or-
der of 10~5 bars (a water vapor mixing ratio of ~1670 ppm)
is necessary to stabilize brines on the Martian surface. This
is higher than the maximum observed value. Brass [1980]
suggested that the required water vapor pressure may be
found in pore spaces in the regolith. Thus, at best the oc-
currence of brines is probably limited to some subsurface
regions. Brass {1980] and Clark and Van Hart [1981] have
also concluded that the most likely brines are sulfate-rich
and will precipitate salts at temperatures in the range of
269 to 272 K. However, at present there is no unambiguous
evidence (e.g., from radar data) for the presence of brines
on Mars [Zent et al., 1990].

Water ice is present in the polar caps, and may also be
present in ground ice deposits at varying depths below the
surface [e.g., Farmer and Dons, 1979; Fanale et al., 1986),
and as adsorbed water on mineral grains in the regolith [e.g.,
Fanale and Cannon, 1974]. Consideration of these topics is
beyond the scope of this review and we refer the reader
to other papers such as Squyres [1989] and Jakosky and
Haberle 1991} which summarize the relevant observational
evidence and theoretical models. In this paper we are inter-
ested in comparing the thermodynamic stabilities of water
ice and various hydrated phases on the surface of Mars. The
vapor pressure equation for ice is

log10 Py 0 = 7.59 — 2678/T. (213)

This is plotted in Figure 29 where it is seen that tempera-
tures of ~183 K and below are necessary for water ice con-
densation (e.g., as surface frost or ice crystals in the atmo-
sphere).

Goethite. Goethite is a hydrated iron oxide [a-FeO(OH)]
and is the principal constituent of limonite, a rock composed
of a mixture of ferric oxides and hydroxides. Polarimet-
ric measurements [e.g., Dollfus, 1961] and reflection spec-
troscopy data [e.g., see references summarized by Huguenin,
1974] have traditionally been interpreted as showing that
limonite and goethite are present on the Martian surface. In
the early 1960’s it was believed that limonite and goethite
were the principal constituents of the Martian surface. How-
ever, ferric oxides and hydroxides are now believed to be
present at levels of approximately 6 to 8 % [e.g., Singer et al.,
1979; Bell et al., 1990]). Two other polymorphs, lepidocrocite
[v-FeO(OH)] and feroxyhyte [6-FeO(OH)] have also been
suggested as being present on Mars. These proposals were
made primarily as a result of the Viking magnetic proper-
ties experiment which indicated the presence of a strongly
magnetic material in the Martian soil. Fuller and Hargraves
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Fig. 29. The Hp0O vapor pressure over ice is compared to the
observed range of water vapor abundances in the Martian atmo-
sphere. The values corresponding to the minimum, typical, and
maximum water vapor abundances are 1 ppt pm, 15 ppt fm,
and 90 ppt fim, respectively. The 1 ppt fm value is actually an
upper limit to the true minimum, which is below this value. The
vertical dashed line corresponds to a mean temperature of 27, K.

[1978] and Hargraves et al. [1979] suggested that maghemite
(7-FeaO3) was the magnetic material. They also proposed
that lepidocrocite, which dehydrates to maghemite, could
also be present if its dehydration were kinetically inhib-
ited. Alternatively, Burns [1980] suggested that feroxyhyte,
0-FeO(OH), which is ferrimagnetic, was the magnetic ma-
terial. Although these suggestions cannot be quantitatively
evaluated because no thermodynamic data are tabulated for
these two polymorphs, it is likely that all three polymorphs
have similar thermodynamic properties. Thus, an assess-
ment of the stability of goethite should be a good guide to
the stability of the other two FeO(OH) polymorphs as well.

The thermodynamic stability of goethite on the Martian
surface was first considered by Adamcik [1963] who sug-
gested that goethite was responsible for buffering the atmo-
spheric water vapor pressure via equilibrium with hematite

2a0 — FeO(OH) = Fe, 03 + HzO(g) (214)

However, the goethite thermodynamic data used by Adam-
cik [1963] have since been superseded by better data [e.g.,
Robie et al., 1979]. The equilibrium water vapor pressure
for reaction (214) is

log1oPr,0 = 8.28 — 2727(£104)/T. (215)

This is compared to the observed range of water vapor par-
tial pressures in the Martian atmosphere in Figure 30. At
the mean temperature of ~215 K and a typical water vapor
abundance (15 ppt gm), goethite is thermodynamically un-
stable and should dehydrate to hematite. However, within
the uncertainties of the thermodynamic data for reaction
(214), goethite is apparently stable at temperatures of 185
K and below. This conclusion appears firm and was first
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Fig. 30. The equilibrium H2O dissociation pressure for goethite [FeO(OH)] dehydration to hematite is compared to the observed
range of water vapor abundances in the Martian atmosphere. The curved dashed lines show the range of Hy O dissociation pressures
allowed by the uncertainties in the thermodynamic data for reaction (214). The vertical and horizontal dashed lines are defined

in the caption to Fig. 32.

stated by O’Connor [1968a] who noted that “Thermody-
namic calculations of mineral stability fields under a range of
predicted surface conditions for Mars indicate that goethite
will be unstable except under the wettest and coldest parts
(PH,0 ~ 107% atm, T < 200 K) of this range”. Other
workers also concluded that goethite is thermodynamically
unstable on the Martian surface [e.g., Fish, 1966; Gooding,
1978]. Thus, there is an apparent conflict between the ther-
modynamic models predicting that goethite is unstable on
the Martian surface and the spectral evidence for its pres-
ence.

A possible explanation for this problem was put forward
by Pollack et al. [1970a,b]. They used literature data and
their own experiments to estimate an activation energy of
92-140 kJ mole™! for reaction (214). These values were
then used to calculate that goethite dehydration under Mar-
tian surface conditions is kinetically inhibited over 10° year
timescales. Pollack et al. [1970a,b] also proposed that goe-
thite is thermodynamically stable slightly below the Mar-
tian surface where the temperature is constant. In their
model physical mixing of this material onto the surface re-
news goethite which has dehydrated to hematite.

However, despite the intuitive appeal of the Pollack et al.
model, there are several potential problems with their ex-
planation. One problem is that the dehydration rate per
unit area was not determined in the literature studies which
Pollack et al. [1970a,b] used for their kinetic analysis. Thus,
it is not clear if there is a critical value of grain size below
which goethite dehydration is kinetically favorable. Another
potential problem (as Pollack et al. note) is that the acti-
vation energy for reaction (214) was not well determined,

and thus a range of possible values had to be considered.
Finally, a third potential problem is that solar uv photo-
chemically driven dehydration of goethite was neglected in
their analysis. If effective, this process may increase the
goethite dehydration rate on the Martian surface.

In fact, Andersen and Huguenin [1977] claimed that pho-
tochemically driven (A < 280 nm) goethite dehydration was
an efficient process in their laboratory experiments. How-
ever, their results have been challenged by Morris and Lauer
[1981] who failed to observed any goethite dehydration in
their own photochemical experiments of up to 420 hours
duration. Scaling their laboratory results to UV fluxes on
the Martian surface led Morris and Lauer [1981] to derive a
lower limit of 10-100 years for the time required for goethite
photo-dehydration on Mars. However, this is a geologi-
cally short time period and goethite photo-dehydration on
a longer timescale cannot be ruled out on the basis of their
experiments. We also note that neither study used surface
sensitive analytical techniques to check for any dehydration.
Furthermore, Huguenin [1982] noted that the light source
used by Morris and Lauer [1981] gave short-wavelength UV
fluxes that were <1% of those used in his experiments at
200 nm. Huguenin therefore claimed that Morris and Lauer
failed to observe any photo-dehydration because they did
not run their experiment for long enough time periods. But
we note that, Huguenin did not give an opinion on how long
the experiments of Morris and Lauer should have been run
to observe any reaction.

Thus, to summarize, thermodynamic models show that
goethite is unstable on the Martian surface, where it has
apparently been detected by polarimetric measurements and
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reflection spectroscopy. The available kinetic studies of re-
action (214) indicate that goethite dehydration is kinetically
inhibited for long time periods under Martian surface condi-
tions. As a result, goethite may be present on the Martian
surface even though it is thermodynamically unstable. How-
ever, the conclusions of these kinetic studies are tempered
by several potential problems with the experiments on the
thermally driven dehydration reaction and by conflicting ex-
perimental results on the photochemically driven dehydra-
tion reaction. Thus, despite over 3 decades of study, it is still
not possible to definitively state whether or not goethite is
present on the Martian surface.

Hydrated Chlorides and Sulfates.  Several investigators
have also considered the possibility that hydrated salts may
be thermodynamically stable on the Martian surface [e.g.,
Clark, 1978; Clark and Van Hart, 1981; Suleimenov et al.,
1986; Zolotov, 1989]). The possibility that hydrated salts
may undergo dehydration/rehydration cycles has also been
discussed by Zolotov [1989]. These studies have concen-
trated on binary salts such as sodium, magnesium, and cal-
cium sulfates and chlorides which are believed to be present
in the Martian soil on the basis of the Viking X-ray fluo-
rescence and gas chromatograph~mass spectrometer results.
The former experiment indicated the presence of large a-
mounts of sulfur and chlorine (e.g., see Table 12) and the
latter experiment indicated the presence of 1-3% water in
the samples analyzed. For the magnesium sulfates the rel-
evant dehydration equilibria and the corresponding water
vapor dissociation pressures are given by

MgSOy - TH,O = MgSO,4 + TH,0(g) (216)

logio Pr,0(epsomite) = 7.76 — 3041(£120)/T (217)
MgSO, - 6H,0 = MgSO, + 6H20(g) (218)

logio Pr,o(hexahydrite) = 7.62 — 3026(£95)/T  (219)
MgSO, - 4H,0 = MgSO, + 4H,0(g) (220)

logio Pr o (leonhardtite) = 7.82 — 3147(+150)/T  (221)
MgSO; - 2H,0 = MgSO, + 2H,0(g) (222)

logio Pu,0(sanderite) = 7.87 — 3243(£120)/T (223)
MgSOy - H,O = MgSO,4 + H20(g) (224)

logio Pu, o (kieserite) = 8.03 — 4147(£90)/T. (225)

The dehydration equilibria and the corresponding water va-
por dissociation pressures for the calcium sulfate hydrates
are given by

CaSO, - 2H,0 = CaSO4 + 2H,0(g)  (226)

logic Pu,0(gypsum) = 7.67 — 2756(%80)/T (227)
CaSO, - %Hzo = CaSO, + —;—HzO(g) (228)

log1o Py o (bassanite) = 7.49 — 2277(£80)/T.  (229)

Finally, the dehydration equilibrium for decomposition of
sodium sulfate decahydrate (mirabilite) to anhydrous sodium
sulfate (thenardite) is given by
Naz504 - 10H20 = Na,;SO4 + 10H,O(g)
logio Pu,o (mirabilite) = 7.54 — 2723(+180)/T.

(230)
(231)

The calculated water vapor pressures for these sulfate hy-
drates and the range of values allowed by the uncertainties
in the thermodynamic data are listed in Table 13. These
results show that hydrated magnesium sulfates up to and
including the hexahydrate will be thermodynamically stable
under average Martian surface conditions of 215 K and ~210
ppm water vapor, and that the heptahydrate (epsomite) is
probably also stable. However the formal uncertainties in
the thermodynamic data indicate that as much as 249 ppm
water vapor may be required to stabilize epsomite. This
is slightly greater than the typical water vapor content of
the Martian atmosphere. The temperature dependence of
the dissociation pressure curve for epsomite is illustrated in
Figure 31. It gives an idea of the temperatures at which ep-
somite is stable under different water vapor partial pressures
in the Martian atmosphere. The other hydrated magnesium
sulfates are more stable than epsomite and require smaller
water vapor partial pressures to be stable at a given temper-
ature. The data in Table 13 also show that hydrated calcium
sulfates and hydrated sodium sulfate (mirabilite) will not be
thermodynamically stable under these conditions. Either
much more water vapor or colder temperatures are needed
to stabilize these hydrated sulfates on the Martian surface.

The dehydration equilibria and the corresponding equi-

TABLE 13. Equilibrium Water Vapor Pressures for Hydrated Sulfates on the Martian
Surface (215 K)*

Hydrated Mineral Water Water Vapor Mixing Ratios
Sulfate Name Content(%) and the Range of Values
MgSO4 - 7TH,0 Epsomite 51% 69ppm (19ppm - 249 ppm)
MgSOy4 - 6H,0 Hexahydrite 47% 58 ppm (21 ppm - 162 ppm)
MgSO, - 4H,0 Leonhardtite 37% 25 ppm (5 ppm - 127 ppm)
MgSOy4 - 2H,0 Sanderite 23% 10ppm (3 ppm - 37 ppm)
MgSO, - H,O Kieserite 13% 09ppb (04ppb - 2 ppb)
CaSO, - 2H,0 Gypsum 21% 0.12% (0.05% - 0.28%)
CaSOy - H,O  Bassanite 6% 13% (6% - 31%)
NazSO4 -10H,0  Mirabilite 56% 0.12% (0.02% - 0.86%)

*Calculated assuming a total pressure of 6 millibars.
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Fig. 31. As in Fig. 30, but for epsomite dehydration to MgSOy4.
Within the uncertainties of the thermodynamic data, epsomite
may not be stable under typical Martian surface conditions (249
PPmM water vapor to stabilize epsomite vs. a typical value of ~210

Fig. 32. As in Fig. 30, but for bischofite dehydration to MgCls.
All lower hydrates of MgCly are also stable under typical Martian
surface conditions.

ppm). However, all the lower hydrates of MgSO4 are stable under CaCl, - 2H,0 = CaCl, + 2H,0(g) (244)
these conditions.

10g10 P}{20 = T7.44 — 3058(i160)/T (245)
librium water vapor pressures for hydrated magnesium and

logioPu,0 = 7.32 — 3754(x140)/T. (247)

calcium chlorides are given by

MgCl; - 6H20 = MgCl, + 6H,0(g) (232) Table 14 lists the calculated water vapor dissociation pres-
log1o ;0 (bischofite) = 7.44 — 3510(£100)/T (233) sures for these magnesium and calcium chloride hydra?es
and Figure 32 shows the temperature dependent dissocia-
MgCl; - 4H,0 = MgCl; + 4H,0(g) (234) tion pressure curve for bischofite, the least stable Mg chlo-
log1oPu,0 = 7.57 — 3732(£90)/T (235) ride hydrate. These results show that the magnesium chlo-
_ ride hydrates, like the magnesium sulfate hydrates, are more
MgClz - 2H20 = MgCly + 2H20(g) (236) stable than their Ca-bearing counterparts. However, it is
logioPu,0 = 7.49 — 3946(+80)/T (237) also evident that the calcium chloride hydrates are much
MgCl; - H,O = MgCl, + H,0(g) (238)  more stable than hydrated calcium sulfates. Thus, both hy-
drated magnesium and calcium chlorides are predicted to
logioPu,y0 = 7.36 ~ 4167(+80)/T (239) be thermodynamically stable under typical Martian surface

CaCl; - 6H,0 = CaCl; + 6H,0(g) (240)  conditions.
logio Pu,o(antarcticite) = 7.39 — 3045(£110)/T  (241) Hydrated Carbonates. As note‘d earlier, carbonates are
believed to be present on the Martian surface. Also, Calvin
CaCl - 4H,0 = CaClz + 4H20(g) (242)  ,nq King [1991] have recently proposed that several features
logioPa,0 = 7.50 — 3070(+160)/T (243)  in the Mariner 6 and 7 spectrometer data are due to hydro-

TABLE 14. Equilibrium Water Vapor Pressures for Hydrated Chlorides on the Martian
Surface (215 K)*

Hydrated Mineral Water Water Vapor Mixing Ratios
Chloride Name Content{%) and the Range of Values
MgCl, - 6H20  Bischofite 53% 0.2ppm (0.07ppm - 0.6 ppm)
MgCl; - 4H,O 43% 30 ppb (10 ppb - 70 ppb)
MgCl, - 2H,0 27% 2ppb (1 ppb - 5 ppb)
MgCl, - H, O 16% 0.2ppb (0.07ppb - 0.4 ppb)
CaCl, -8H,0O  Antarcticite 49% 28 ppm (9 ppm - 91 ppm)
CaCl, - 4H,0 39% 28 ppm (5 ppm - 154 ppm)
CaCl, - 2H,0 25% 28 ppm (5 ppm ~ 152 ppm)
CaCl, -H,0O 14% 10 ppb (3 ppb - 50 ppb)

*Calculated assuming a total pressure of 6 millibars.
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magnesite and artinite, which are hydrated carbonates. We
therefore also examined the thermodynamic stability of sev-
eral common hydrated Ca and Mg carbonates for which data
are available. The dehydration equilibria considered and the
corresponding water vapor dissociation pressures are

CaCO; - H,0 = CaCOs(calcite) + H20(g) (248)
logioPi,0 = 7.87 — 2565(£90)/T (249)
MgCO; - 3H,0 = MgCO; + 3H,0(g) (250)
logioPr,o = 7.59 — 2412(80)/T (251)

Mgs(CO3)4(OH); - 4H,0 = 4MgCO; + Mg(OH)2+
4H,0(g) (252)

logio PH,y0 = 7.51 — 2219(:&295)/1‘ (253)
Mgz(OH)2CO3 -3H,0 = Mg003 + Mg(OH)2+

3H,0(g)  (254)

logw PH20 = 8.04 — 2740(:!:90)/T. (255)

At 215 K, the water vapor pressure required for hydromag-
nesite to be stable is ~ 1.6 x 1073 bars. This is about
1000 times higher than the typical water vapor content of
the Martian atmosphere. The most stable of these four
carbonates is artinite, which has a dissociation pressure of
~ 2 x 1075 bars at 215 K. However, even in this case the
maximum water vapor partial pressure observed in the Mar-
tian atmosphere is too low to stabilize artinite under typical
Martian conditions. Thus, we conclude that hydrated car-
bonates are only thermodynamically stable under conditions
cooler and wetter than on average for Mars. If further work
confirms that hydromagnesite and/or artinite are present on
the Martian surface, then they are probably fossil weather-
ing products which owe their continued existence to kinetic
barriers preventing their dehydration.

Photochemical Weathering Reactions

Hydrogen Perozide and Other Photochemically Produced
Species.  As noted earlier, direct evidence for the impor-
tance of atmospheric photochemistry on Mars is provided
by the observed abundances of O3 and CO, which are many
orders of magnitude larger than the thermochemical equilib-
rium values at Martian surface temperatures. In addition to
their importance for interpreting the abundances of differ-
ent gases (e.g., Og, CO, Og), theoretical models of Martian
atmospheric photochemistry also suggest that photochemi-
cally driven chemical weathering may be an important pro-
cess at the Martian surface [e.g., Parkinson and Hunten,
1972; Hunten, 1974; McElroy and Kong, 1976; Kong and
McElroy, 1977; McElroy et al., 1977; Shimazaki and Shimizu,
1979]. For example the penetration of solar UV radiation
with wavelengths as short as 195 nm to the Martian surface
is predicted to lead to the production of significant amounts
of several highly reactive species. One of these is hydrogen

peroxide {H2QO5), which is predicted to be produced by the
photolysis of water vapor [e.g., Parkinson and Hunten, 1972;
Barth et al., 1991]. As shown in Table 15 and Figure 33,
the predicted HoO3 abundances from several photochemical
models are in the range of 30 — 100 ppb. These values are
several times smaller than the upper limit of a few times
10~7 reported by Bjoraker et al. [1987] from whole-disk
spectra. The predicted abundances of some other photo-
chemically produced species are also listed in Table 15. It is
interesting to note that (except for O3), the most abundant
of these is Hy. However, molecular hydrogen is probably
much less reactive than many of the other molecules pro-
duced. These are generally oxidants and may participate in
the oxidation of Fe-bearing minerals on the Martian surface.

For example, the Gibbs free energy change for the reaction

2Fe304 + H202 — 3Fe, O3 + H,O (256)

is about —326 kJ mole™! at 215 K. Other reactions in-
volving H20+ oxidation of Fe?* -bearing minerals are also
energetically very favorable. However, despite the empha-
sis placed on using peroxides to simulate the results of the
Viking life detection experiments [e.g., Huguenin, 1982], the
oxidation of inorganic, transition metal-bearing minerals by
H-0, under Martian surface conditions has not been stud-
ied in the laboratory.

Photo-Ozidation of Magnetite.  However, some exper-
iments on photochemically driven oxidation of Fe-bearing
minerals has been done. This work began in the early 1970’s
with experiments by Huguenin [1973a,b] on the photostim-
ulated oxidation of magnetite. He reported that magnetite
in a simulated Martian atmosphere was rapidly oxidized to
hematite when irradiated with a xenon lamp which simu-
lated the solar spectrum. Huguenin’s work was later ex-
tended to the photostimulated formation of goethite and
hydrated clay minerals on Mars [Huguenin, 1974], to the
implications of photochemical weathering as a volatile sink
[Huguenin, 1976], to the unusual chemical activity observed
in the Vikingbiology experiments {Huguenin, 1982; Huguenin
et al., 1979], and to heterogeneous catalysis of CO3 regen-
eration on Fe-bearing minerals [Huguenin et al., 1977].

Despite Huguenin’s claims, experimental studies of photo-
chemical weathering by other investigators have led to mixed
results. Some of this work [Morris and Lauer, 1981) was dis-
cussed earlier in connection with goethite dehydration on the
Martian surface. Other experiments by Morris and Lauer
[1980] also studied the effects of UV irradiation on magnetite
in simulated Martian atmospheres, but were unable to re-
produce Huguenin’s results. In these experiments synthetic
magnetite powders in pure Oy {~100 torr pressure) were ir-

-radiated with unfiltered and filtered light from a high pres-

sure xenon arc lamp. The extent of oxidation to hematite
was determined from magnetic measurements made on the
samples. Morris and Lauer [1980] found no oxidation in ex-
periments run for up to 400 hours except when the unfiltered
light from the xenon lamp heated the magnetite samples to
temperatures above the threshhold temperature for thermal
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TABLE 15. Predicted Abundances of Photochemically Produced Species

at the Martian Surface*

logio Number Mixing
Species  Density (cm™?%) Ratio References

H, 12.5 17 ppm Shimazaki & Shimizu 1979
H,0, 10.1 60 ppb Shimazaki & Shimizu 1979

9.7 30 ppb McElroy et al. 1977
10.3 100 ppb Parkinson & Hunten 1972

O3 9.7 30 ppb McElroy et al. 1977
8.3 20 ppb Parkinson & Hunten 1972
HO, 8.5 ~2 ppb Shimazaki & Shimizu 1979
Parkinson & Hunten 1972

8.1 0.6 ppb McElroy et al. 1977

0 7.5 ~0.2 ppb McElroy et al. 1977
Parkinson & Hunten 1972

OH 4.6 10—12.7 McElroy et al. 1977
Shimazaki & Shimizu 1979
5.2 10—121 Parkinson & Hunten 1972
H 6.3 10-110 Parkinson & Hunten 1972
5.2 107121 Shimazaki & Shimizu 1979

NO 7.2-8.9 0.08-4 ppb Yung et al. 1977
NO, 7.6 0.2 ppb Yung et al. 1977

*Volume mixing ratios calculated assuming a total pressure of 6
millibars and a temperature of 215 K.

oxidation in an O9 atmosphere. However, as noted above,
Huguenin [1982] criticized their simulations on the grounds
that Morris and Lauer did not run their experiments long
enough for any effect to be observed. This criticism is based
on Huguenin’s claim that the filtered light used by Morris
and Lauer has such a low intensity at short wavelengths that
any UV driven photo-oxidation will take much longer than
the duration of the experiments.

Likewise, Clark et al. [1979] also conducted photochemical
weathering experiments that led to negative results. They
exposed a variety of putative Martian crustal minerals (e.g.,
magnetite, basaltic glass, and smectite clay) to UV irradi-
ation in simulated Martian atmospheres but found no evi-
dence for any gaseous and/or solid reaction products differ-
ent than the starting materials. In these experiments mag-
netite powders were irradiated in pure Oy (600 - 730 torr)
for up to 713 hours. Again a xenon arc lamp was used in the
simulations. Despite the longer irradiation times no photo-
oxidation was observed. However, the situation is further
complicated by the experiments by M.W. Schaefer (“Low
Temperature Oxidation of Magnetite by Ultraviolet Irradia-
tion,” unpublished manuscript, MIT, 1981). She also stud-
ied magnetite photo-oxidation, but used a Hg lamp instead
of a xenon lamp. Mossbauer spectra of the synthetic mag-
netite sample both before and after the experiments showed
an increased Fe3+/Fe2+ ratio although the composition of
the oxidized sample was uncertain. Thus, to summarize,
experimental results on magnetite photo-oxidation are con-
tradictory, although the available evidence suggests that the
very rapid photo-oxidation reported by Huguenin [1973a,b]
may have been partly due to thermal effects.

Other Photochemical Weathering Experiments. Two
other interesting experiments are the work of Blackburn et

al. [1979] who reported the photo-oxidation of pyrolusite
(8-MnO3) and the work of Booth and Kieffer [1978] who
studied the effects of UV irradiation on carbonate forma-
tion. In the former experiments, pyrolusite was irradiated
with a xenon arc lamp in either moist or dry COs-bearing
atmospheres for 215 hours. At the end of this time the
samples were tested for their ability to mimic the results of
the Viking gas exchange experiment. The oxidation state of

160 180 200 220
T T T T

H
'
i
'

-6

i Spectroscopic Upper Limit

Photochemical Mcdel Predj

-10

~12

-14

logyoH20, VAPOR PRESSURE (BARS)

1 1 1 M 1
160 180 200 220
TEMPERATURE (K)

Fig. 33. A comparison of the vapor pressure over solid HoO5 with
the spectroscopic upper limit from Bjoraker et al. [1987] and the
photochemical model predictions of McElroy et al. [1977]. The
vertical dashed line represents the mean temperature of 215 K.
Hydrogen peroxide, which is predicted to be produced photo-
chemically, may be sufficiently abundant to condense at temper-
atures of ~190 K and below on the Martian surface.



